What can we Learn from the
Cosmic Microwave

Background
(Part Il) +

What can we learn from the
way galaxies distribute
themselves in the universe!?

Layout of the Course

Feb 3: Introduction / Overview / General Concepts

Feb 5: Age of Universe / Distance Ladder / Hubble Constant Today
Feb 10: Distance Ladder / Hubble Constant Distant Measures

Feb 12: SNe science / Baryonic Content / Dark Matter Contentydiverse
Feb 17: Dark Matter + Cosmic Microwave Background

Feb 19: Cosmic Microwave Background + Large Scale Structure

Feb 26: Large Scale Structure / Baryon Acoustic Oscillations + Dark Energy
Mar 5: Dark Energy / Clusters / Cosmic Shear

Mar 12: Cosmic Shear / Dark Energy Missions

Mar 19: No Class

Mar 26: Review for Final Exam

Apr | I: Final Exam

This morning | sent around
problem set 2

Will be due by March 4

Review Material from Last Week




Mass Density in

What is the evidence for
dark matter?

Rotational Curves of Spiral Galaxies

Observations of Galaxy Cluster Collisions
Measurement of Masses for Galaxy
Clusters
Peculiar Velocities of Galaxies in the
Nearby Universe

Dark Matter

One can determine Qpm by

measuring the ratio of the

masses in baryons + DM in
galaxy clusters

A) Measure mass in baryons by
exploiting SZ effect.

B) Measure total mass in cluster
using 3 different techniques:

I. Use velocity dispersion (motion of
galaxies in cluster)
2. Measurement of gas profile
(hydrostatic equilibrium)
3. Model gravitational lensing of
background sources

nd Qdark matter— 0.24

Measured M/L ratios increase towards largest
scales indicating the increasing importance of
dark matter on large scales:

Solar Neighborhood: M/L = |

1
(M/L)galaxv ~ IO'ZO Msolar/Lsolar
(M/L)cluster~ 100-200 Msolar/l-solar
v
Universe: M/L = ~ 200

spectral energy distribution which

Photons from the CMB have a

is almost a perfect black body.
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Cosmic Microwave
Background is Isotropic

Isotropic to one part in 105

CMB radiation became decoupled from matter during

V [em] recombination era (z~1100)
lonized Plasma — ee—— Neutral Gas
(z> 1100) (z< 1100)

< 380,000 years

Temperature

> 380,000 years

Temperature

> 3600 K <3600 K

Hydrogen ionized

Photons Thomson-scattering off of the
ionized hydrogen

Hydrogen neutral
Almost no free electrons

Photons unbound from plasma

How to represent or model
anisotropies in the CMB?

-- Use the spherical harmonic expansion to construct a power
spectrum to describe anisotropies of the CMB on the sky

Power Spectrum

10°
Splnw i harmonic qumbar ol ~ 1800

I =180/ 9
Ex ansion' After deriving the am coefficients from the
P data, determine the statistical average
0 [0} amY, _ 2
=3, 5 o ¢¢ = {|agm)




What can we learn from the CMB power spectrum?

Different physics in causally connected vs. causally disconnected regions

4500
Q
v -
4000f £ Acoustic 1
=
a ‘ peaks
Power 3500r ‘ Not-causally connected ‘ 0o
s Causally connected
3000f B 1
U Sachs-Wolfe §
2500} plateau 1
o ki Damping
—2000F o . g
* s tail
= =
1500 1
@
1000 o 1
3
cAan =)
£ ]
Hubble length at last scattering surface
is the causal horizon: > )
o 10 10
Spherical harmonic number ell ~ 180/0
Large Angles Scale Small Angles

Sachs-Wolfe Effect (1967

\e

Photons climbs out of potential minimum, loses energy <> lower temperature

AV/V~AT/T~d/c?

Additional effect of time dilation while
potential evolves (full GR):

aT 180
T 3 c2

Photons falls out of potential maximum, gains energy < higher temperature

But what distribution of potential minima and maxima do we expect?

This comes from inflation

For a Harrison-Zeldovich power spectrum P(k) « k (expected from
inflation), the CMB power spectrum is expected to be flat, i.e., C « I/I(I+1)

Also discussed how the position and size of the first acoustic
A\
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End of Review from last week ==>

New Material




What can we learn from the
other peaks!?

What can we learn from the other peaks?

Learn about baryon content

Low Baryons

-- The presence of more baryons increases
the amplitude of the oscillations

-- As a result, the fluid is compressed more
before photon pressure can resist the
compression

-- This results in an asymmetry between

the even and odd peaks

Maximal
Compression

Credit: Wayne Hu

What can we learn from the other peaks?

Learn about baryon content

ol () Baryons A I
' Note how Ist and 3rd
peaks are enhanced!

1

In fact, this provides best
constraint on baryonic content
of universe (even better than

big-bang nucleosysnthesis)

How do constraints on Qparyon from the CMB
compare with Big Bang Nucleosynthesis?

Baryon density Q h2
0.005 0.01 0.02 0.03 H
U . Constraints on

Qbaryon from CMB in
perfect agreement

; / with Big Bang
) Nucleosynthesis

0.22 £ 4He/(H+*He)

Q,h?=0.0223 + .0008
= 0.3
Mo =6.1233

Abundance Ratios

1 2 3 4 5 6 789
Baryon-to-photon ratio 4o




What can we learn from the other peaks?

Learn about dark matter content

A higher matter density will
result in the universe being
matter dominated at an earlier
time, allowing for more growth of
structure at small scales.

Qnmincrease => More Small-Scale Structure

More Small-Scale Structure => Larger
Acoustic Peaks Small Scales

Note how 3rd peak is
enhanced when dark
matter density higher!

T T

(d) Matter

!
‘ Larger Scales‘ ‘ Small Scales ‘

What about the damping tail?
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What about the damping tail?

-- (1) Radial Smearing: Decoupling does not happen
instantaneously. This is not so important in viewing the last

scattering surface for larger fluctuations.

But for smaller

fluctuations, the stuctures will overlap.

lonized Plasma

Note finite width

of last scattering

surface z = 1130
to 1010

6 arcmin

Neutral hydrogen

z=1130

z =1010

10°

With smaller structures, projection

effects will play a significant role in
diluting signal

How extended is the

-- Distribution describes the
probability that a photon from the
cosmic microwave background was

last scattered at a given redshift.

-- Can roughly be described by a

normal distribution with mean z =

1080 and standard deviation dz =
80

surface of last scattering?

© Q =
EN o o0
T T T

last scattering probability

Q
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What about the damping tail?

-- (2) Photon Diffusion / Silk Damping: 2nd cause of the
Damping tail results from photons in overdensities diffusing out of
the overdensities via a random walk. This will wash out the over
densities in the baryonic material since the baryons are coupled
to the photons before recombination.

Mean Free Path of Photons
1

neOT '

Equation for Random Walk

(dI*)=NI2g,

lmfp =

Number of Scatterings Length Scale of Photon Diffusion

— «dt
N = lmfp' . ) fdec dt
AS = l

scale factor for universe

What about the damping tail?

-- (1) Radial Smearing: Decoupling does not happen
instantaneously, and so light from many smaller structures will
overlap -- diluting the overall signal

-- (2) Photon Diffusion / Silk Damping: 2nd cause of the
Damping tail results from photons in overdensities diffusing out of
the overdensities via a random walk. This will wash out the over
densities in the baryonic material since the baryons are coupled
to the photons before recombination.
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There are several other features in the CMB
power spectrum to discuss

Acoustic
peaks

Sachs-Wolfe
plateau

/

10' 10 10
Spherical harmonic number ell ~ 180/0

Damping
tail

In addition to the temperature
perturbations created by density
fluctuations in the early universe (early
Sachs Wolfe Effect), there is also the
Integrated Sachs-Wolfe Effect

Late Integrated Sachs Wolfe Effect

When CMB photons travel t1
from the last scattering (1) r
surface to us, they
occasionally cross deep
collapsed regions

When they traverse these ¢ ©
regions, the photons gain r
energy when the fall into
the potential and lose
limbi t. D ‘bgoz t3
energy climbing ou (1) T

If the depth of the potential did
not change as a function of cosmic
time, you would expect the
energy lost to be the same as the
energy gained.

However, this is not the case -- if
there is the universe has a
substantial amount of dark energy




Late Integrated Sachs Wolfe Effect

One can measure this effect by
looking at the CMB through
overdense / underdense regions
of the universe.

By looking at spots in the CMB
which traverse through voids in
the universe (underdensities),
one expects the photons to be
colder in general.

20 By looking at spots in the
& CMB which traverse through
;N overdensities (galaxy

clusters), one expects to find
hotter photons in general.

—-10

One can use this approach
to constrain the amount of
G dark energy in the universe!

Late Integrated Sachs Wolfe Effect

What is the effect of this on
the power spectrum?
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where spectrum is noisy
due to cosmic variance

There is also an early integrated
Sachs Wolfe effect

This occurs due to the fact that the depth of potential
wells is affected by radiation escapes from the
potentials due to recombination

Before recombination,
d) r potential wells are will include
a contribution from radiation
and be deeper

After recombination,
q) (/\ t S l I 3 potentials will lose this
r contribution from radiation

and be shallower

lllustration of the many effects impacting the CMB
power spectrum

Smaller Angles —»

It’s possible to break- Potential Env.
down the power
spectrum in a

detailed manner

b logl

Also an early ISW
effect due to the effect
of photons climbing out

of overdensities
immediately after
recombination
Doppler effect due to the
expected motions of material
in between modes at
recombination epoch

------- + late ISW
. #====9 Farly 15W

e—— Eff. Temp.

® -~ -- - -a Doppler
Graphic by Wayne Hu, hitp://background.uchicago.edu/~whu/beginners/introduction.html

Won't be tested
on this figure




One important limitation
comes from cosmic variance

One thing that is important to remember is that actual density

fluctuations in the real universe we see in the CMB are just one

realization of a Gaussian-random process and may be different

than the average perturbation size given an infinite number of
universes

How well we can measure the fluctuation strength on a given
physical (angular) scale, therefore, depends on how many
fluctuation modes on this physical (angular) scale are available on
the sky...

We can only see so many in the visible universe.

How many fluctuation modes are
available on a given scale!?

It depends on the | number...

21+

from the
Expansion'

Z Zafm 0¢)

=1 m=—¢

Each of the components am are gaussian random variables.

and are used to determine ce = {Jagm|)?

How many fluctuation modes are
available on a given scale!?

It depends on the | number... @
20+ Pl
from the

Expansion: 0
oo £
AL0,0)=3 3 amVi6,9) o
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Clearly, we would expect the C|to show less variance at smaller scales

where more realizations (and | numbers) exist

Concept of Cosmic Variance

As a result, the intrinsic uncertainty on the CMBTT power
spectrum became very large at low multipoles |

Multipole moment
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Polarisation Information in
the Cosmic Microwave
Background

Polarization of Light

Magnetic field

compoenent
The polarisation of the wave
is the same as the electric field
and in this case it is herizontal

_ Electric field
~ component

Direction of
travel

How polarized is the cosmic
microwave background
overall?

most of the CMB light shows no net polarization

however there is a ~10% net polarization

Why are photons from the
CMB polarized?

They are polarized from Thomson scattering
(valid in the limit that photon is much less than
mass energy in the particle)

Thomson photons polarized
Scattering perpendicular to incidence
direction

Linear
Polarization




How can this result in a polarized signal from
the microwave background?

because of the relationship between the
temperature structure of the CMB and
polarization one gets from Thomson scattering

How can this result in a polarized signal from
the microwave background?

1 colder
radiation
Quadrupole Qu%]drupole
Anisotropy Anisotropy
hotter Thomson Thomson
—~ ! Scattering — 5 ! Scattering
.. g
radiation
E—

N
Linear
Polarization

Linear
Polarization

photons from hotter region will be observed with one polarization
and those from colder region will be observed with another

No net polarization for an isotropic (or dipole) radiation field from
the CMB. Only if the temperature structure has a quadrapole.

How can this result in a polarized signal from
the microwave background?

Same diagram but in plane of last scattering surface

radiation

hotter ‘ hotter
radiation ' —_ - . radiation
—_— —

No net polarization for an isotropic (or dipole) radiation field from
the CMB. Only if the radiation field has a quadrapole.

1 colder

So as a result of this process, one finds a net
polarization to the CMB radiation as a whole.




One can map out a polarization field for the
entire CMB sky

e.g. with WMAP

One tends to break down the polarization
map iNto two Modes (Helmholtz-Hodge theorem)

v=E+B

7N
E=Vo V:B=0
VxE=0

One tends to break down the polarization
map IntO two mOdeS (Helmholtz-Hodge theorem)

N /TN

E-modes _ o7 e ] E-modes are curl free and
can be written as the
4 ‘ h g gradient of a potential
hot spots cold spots VxE=0
B-modes | 5{0_ *:0 B-modes have no
NN S divergence.
a N V-B=0

The terms E and B modes simply reflect the general
form of the polarization fields and are in analogy with
similar fields in electromagnetism. However, they have

no direct relation with electric or magnetic fields

What is physical origin of E and B modes?

i.e., why look at them separately?

E-modes have their origin in normal density perturbations such as
make up the early universe

B-modes are only expected to arise from gravity waves in early
universe (inflation) and from gravitational lensing (beween us and
the last scattering surface)




Also have a temperature component to the
CMB light which is entirely unpolarized, this is
called the T mode (distinct from E and B
modes)

Why look at the polarized light separately?

teaches us new things..
tests our assumptions...

What about these three components to
temperature structures T, E, and B?

How does this relate to what we did before?

So, far what | have shown you the TT angular
power spectrum...

4500

4000F Acoustic
peaks

3500t

3000}
U Sachs-Wolfe
_=2500f plateau 1
3 Damping
tail |

\

(&)
=2000}
x
1500}
1000}

500

10’ 10° 10°
Spherical harmonic number ell ~ 180/0

So, in addition to maps of the temperature T
of the cosmic microwave background (all
polarizations), we can look at maps of the

temperature with an E-mode type
polarization and B-mode type polarization




By cross-correlating the difference in
temperature of the light from these different
components T, E, and B, you can look at four

different power spectra TT, TE, EE, BB...

Might imagine there could also TB and EB type power
spectra...

However, since T and E modes have one type
of symmetry and B modes have another, TB
and EB always equal zero.

But we can also look the TE, EE, and BB
angular power spectra

Arp/pK

0.1/ gravitational | {1

|5 lensing
gravitational
| waves

ErTEE o 000
multipole moment, /
Note that the EE, TE, and BB power spectra are not nearly
as prominent as the TT power spectrum. This is because
only 10% of the light from the CMB is polarized!

What new information do the TE, EE, and BB
spectra provide!

Allows us to answer question how long did hydrogen in
the universe in a neutral state, i.e., from 400,000 yrs after
Big Bang to | Gyr

First First Normal
Stars (CEIEVES (CEIEV(ES

l l l |

0.2

Now

Recombination

state of hydrogen

ionized —_, «— neutral > < ionized

What new information do the TE, EE, and BB
spectra provide!

The microwave background helps us answer this
question -- since photons from the microwave
background scatter off of ionized elecrons in the
universe

Obviously, the longer the
hydrogen remains in an ionized
state, the more photons from
the CMB we would expect to
be scattered.

Scattering

Credit: Porciano




What new information do the TE, EE, and BB
spectra provide!

Plot Credit: NASA/LAMBDA CAMB Web Interface]

Information about
reionization is present in the 000
TT power spectrum, butitis different optical

degenerate with the - depths in ionized
underlying normalisation of electrons
the power spectrum. o0 | y

“optical depth”

7i

Expected TT power
spectrum for

AT (“TT” power
spectrum)

Difficult to know to distinguish
between scenarios where 100 L
universe had less structure at
early times and where the
apparent structure washed out
by Thomson scattering.

Q[ e e e e e

.
1 1000
Multipole Moment (1)

What new information do the TE, EE, and BB
spectra provide!?

Photons from the CMB are expected to have a certain
polarization symmetry relative to the temperature structure of
the CMB.

Scattering by ionized matter
would mix up this polarization
information => teaching us
about the intervening ionized
hydrogen

‘ Credit: Porciano ‘

What new information do the TE, EE, and BB
spectra provide!

EE Power Spectrum
(Planck)

TE Cross Power Spectrum
(Planck)

o
S

[107° uK?]

EE
¢

C

VEE

AC

¢

N

30 5[.)0 1 oloo 1 5I00 20I00 30 500 1000 1500 2000

What new information do the TE, EE, and BB

Thomson Optical depth

spectra provide!
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First detection of polarization in CMB

-- DASI South Pole experiment
(interferometer) first to detect E
mode polarization (2002)

-- This was followed by WMAP

reporting a measure of the Cre

power spectrum at low angular
scales

-- Measurements of the E-mode
polarization also made with
CARMAP MAXIPOL, and QUAD

interferometer: collect
coherent signals over certain
angular scale on sky

Direction o source.

Credit: Basu |

It is interesting that we can actually test
whether our understanding of the
polarization of CMB is correct

Around cold or hot spots, we expect a
certain structure to the polarization signal

Can test this by looking at the polarization signal
around hot or cold spots in the observations.

From theory

Temperature Polarization

Cold Spot

Simulation

Hot Spot
Simutation

Cold Spot
WMAP Data

One tends to break down the polarization
map into two modes

‘ E—
E-modes _\ w0 /_ ‘/ £30 \‘ E-modss are curl freehand
can be written as the
4 ‘ h e gradient of a potential
hot spots cold spots
40 u<o 4=0 uso
B-modes ‘ S SN ’ B-modes are curl free and
Nt o s can be written as the
— ’ ‘ N gradient of a potential

The terms E and B modes simply reflect the general
form of the polarization fields and are in analogy with
similar fields in electromagnetism. However, they have

no direct relation with electric or magnetic fields




What about probes of the CMB BB power
spectrum?

No power in BB power spectrum detected as
of 2013 -- goal of Planck!

~ 40 ]
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Was expected to the smoking gun test of inflation -- since the signal
is expected to originate from gravity waves (from inflation) -- signal
on smaller scales comes from gravitational lensing

Significant BB signal detected by BICEP II!

10° . -
BICEP2 s T
BICEP1 Boomerang - 7 #7_ v
;| QuAD ey %
10 ¢ WMAP — Y
QUIET-W CAPMAP ¥ o "% 4y

10 10° 10°
Multipole
BICEP2 results show a positive detection of BB modes. Attempted fit
to gravity waves from inflation... Lensing contributes at small scales

But current BB signal from BICEP |l appears consistent
with arising from dust in our own galaxy..
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Current constraints on BB allow us to set constraints
on r, the ratio of power tensor-to-scalar modes.

0.94

Planck - BICEP-II/Keck Joint Results

0.96
Primordial tilt (ns)

T T T
Planck 2013
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For simplest
inflation models,
thereis a
relationship
between the tilt
of the primordial
power spectrum
And the tensor-
to-scalar ratio r.

r=8(l-ns)
=>r=0.1-03

1.00

Ruled out at 95% confidence

Both WMAP + Planck have provided us with
an immense amount of information on the
cosmological parameters

WMAP launched June 2001

_\ conditions at the L2, minimizes the

the improvement will be marginal).

Thus after 7 years, the data can still be
added and noise lowered (of course,

Constraints on the cosmological parameters from WMAP

observations (7-year)

Data: wmap7
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Constraints on the cosmological parameters from Planck
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So what can we learn from the spatial
distribution of galaxies on the sky?

In forming the Big Bang model of the
universe and the Friedmann equations,
one thing we assumed is that the
universe is isotropic and homogeneous

This is true in a statistical sense

But as you all know it isn’t

.__._:zg\f_,.‘.- v \
3 TETT S . s

However at the largest scales th
universe is homogeneous (at least in

¥ a statistical sense)
285 ;J]:;‘ :!18;15 w/

Spatial Distribution of Galaxies on some
part of sky

How do we express this spatial
Stru Ctu re (density perturbations in the universe)?

Convenient to express it in terms ' 8= L=P _8p
of Fourier modes: Subtract off mean density: p p
Fourier Transform: 8, = 26(7)6’”‘"

long wavelength (large scales)

Power Spectrum:

P(k)= <‘6k ‘2>

Analogous to the way we looked
at fluctuations in the CMB

High Power (large amplitude)

>
Short wavelength (small scales)

\/\N\/ T Low Power (small amplitude)
v




Similar concept to Fourier Series

-- Most of you are probably familiar with the fact that one can use a
fourier series to represent an arbitrary one-dimensional function
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Can express structure in universe
in terms of power spectrum

What is the primordial power
spectrum?

What is the primordial power
spectrum!?

The initial power spectrum of fluctuations is the following:
Po(k) = AK™

A is the normalization and nsis the power-law slope.
From inflation, ns is thought to be almost exactly equal to
one. This is the Harrison-Zeldovich power spectrum.

A power law makes sense for the primordial power
spectrum since it has no characteristic scale.

What is the primordial power
spectrum?

The initial power spectrum of fluctuations is the following:
Po(k) = A K™

A is the normalization and nsis the power-law slope.
From inflation, ns is thought to be almost exactly equal to
one. This is the Harrison-Zeldovich power spectrum.

Density Fluctuations in Universe expected to be Gaussian,
homogeneous, isotropic (modes are uncorrelated)

4

2
0(0) = 1 e_(ﬁ) Gaussian-random field
o2

‘ all information in power spectrum ‘




What is the primordial power

spectrum?
The initial power spectrum of fluctuations is the following:
Po(k) = AK™
=<
=
small k large k
large scales small scales
Ig(k) -

‘ Credit: Pearson

To simplest approximation, it can be
expressed in terms of growing modes...

P(k, f) = D’ (t) P(k, to) =: D3 (¢) Po(k)

where P(k,t) is the power spectrum at some later
time and D(t) is the growth factor.

In the linear growth regime (before modes start
turning around and collapsing and virializing), the
time t and mode k are totally separable in the
above equation.

How fast does the power spectrum grow?

During the epoch where radiation dominates the
energy density (z > 3500), no significant growth in
structure occurs -- except at scales larger than
the horizon, where the growth goes as R2(R =
scale of universe)

During the epoch where matter dominates (z <
3500), the growth goes as R (R = scale of
universe)

How fast does the power spectrum grow?

During the epoch where radiation dominates the
energy density (z > 3500), no significant growth in
structure occurs -- except at scales larger than
the horizon, where the growth goes as RZ(R =
scale of universe)

Implication is that growth in causally connected
regions (i.e., within the horizon) will not grow at
early times

But structure at large scales (super horizon scale)
will grow




Recall from earlier in semester Epoch of Matter-Radiation Equality (z=3500)

1 ——
Energy Density in Dark Energy aE N _ > Matter
b - Radiation
A = const (dominant at late times) K
Energy Density in Matter § 06 -
-3 & L
Pm « R S 04 [
Energy Density in Radiation r
pr L R_4 (dominant at earliest times) 02 :_ T
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P(k) below horizon does not grow P(k) can grow

What is the primordial power
spectrum?

The initial power spectrum of fluctuations is the following:

Po(k) = A K

Therefore we could
expect P(k) at large
scales to grow much
more than at small &

scales

small k large k
large scales small scales

lg(k)

Evolution of the Matter Power Spectrum

P(k)
H.-Z. spectrum
Horizon scale
K (wavevektor)
48
large scales small scales
small k large k

Credit: Bohringer

Evolution of the Matter Power Spectrum

P(k)
H.-Z. spectrum
Horizon scale
K (wavevektor)
49
large scales small scales

small k large k

Credit: Bohringer




Evolution of the Matter Power Spectrum

P(k)

— " 77" horizon at
/ equipartition

H.-Z. spectrum

K (wavevektor)

rizon scale
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large scales small scales
small k large k

‘ Credit: Bohringer ‘

Pk

What is the primordial power

spectrum?
The initial power spectrum of fluctuations is the following:
Pok) = AK™
Position of turn-over
determined by horizon size
@ matter-radiation equality
N
£
small k large k small k large k
large scales small scales _ large scales small scales

>
Ll >

lg(k) lg(k)

How does the power spectrum
grow after the point of matter-
radiation equality?

The power spectrum grows in proportion to R the size of
the universe (won’t derive this for you -- it is done in
Joop’s origin and evolution of universe)

How does one treat this formally?

Formally, one utilizes a transfer function to include these
physics:

Po(k) = AK™ T*(k)
where T(k) is the transfer function.

The transfer function T(k) depends on the cosmological
model and in particular on the quantity [ = Qnh. is
called the shape parameter.

The transfer function T(k) includes all physics involved in
the growth of the primordial power spectrum to after
recombination (and so some additional physics beyond what | mentioned)




How does one treat this formally?

Formally, one utilizes a transfer function to include these
physics:

Py(k) = A K™ T?(k)

where T(k) is the transfer function.

Other important effects to include are the free streaming
of relativistic matter/radiation (energy density in
relativistic components of universe at recombination)
which washes out power at small scales

Other important effects to include are baryons falling into
the dark matter potential after recombination.

What does the matter power
spectrum look like when all of
these effects are included?
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Position of turn-over
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How does the CMB and large
scale structure fit into this?

)
g
Matter Power =
Spectrum after g !
e <
Dividing Out = o0
Rough Shape &
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0,=0.4, h=0.85, Qzh®=0.02
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Matter J

0.01

‘ 0.1 1
k (h/Mpc)

CMB and LSS out of
phase

LSS amplitude
smaller than CMB

The matter power spectrum is
one of the most important
parameters to derive in
observational cosmology.




Different techniques/sources probe different regimes
in matter power spectrum
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