
Large Scale Structure / Baryon 
Acoustic Oscillations

 +
Enigma of Dark Energy

+
Observational Cosmology from 

Galaxy Clusters



Layout of the Course

Feb 5:  Introduction / Overview / General Concepts
Feb 12:  Age of Universe / Distance Ladder / Hubble Constant
Feb 19: Distance Ladder / Hubble Constant / Distance Measures
Feb 26:   Distance Measures / SNe science / Baryonic Content
Mar 4:  Baryon Content / Dark Matter Content of Universe 
Mar 11: Cosmic Microwave Background
Mar 18: Cosmic Microwave Background / Large Scale Structure
Mar 25:  Baryon Acoustic Oscillations / Dark Energy / Clusters
Apr 1:  No Class
Apr 8:  Cosmic Shear / Dark Energy Missions
Apr 15: Dark Energy Missions / Open Questions / Review for Final Exam

May 13:  Final Exam

This Week



Problem Set 2 is due by March 
28 (one extra day!)



Will Distribute Problem Set 3 on 
Thursday/Friday of this week…

Will be due April 14th…



Review Material from Last Week



Cosmic Microwave Background
TE spectrum

EE spectrum

Planck Collaboration: Cosmological parameters
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Fig. 3. Frequency-averaged T E and EE spectra (without fitting for T -P leakage). The theoretical T E and EE spectra plotted in the
upper panel of each plot are computed from the Planck TT+lowP best-fit model of Fig. 1. Residuals with respect to this theoretical
model are shown in the lower panel in each plot. The error bars show ±1� errors. The green lines in the lower panels show the
best-fit temperature-to-polarization leakage model of Eqs. (11a) and (11b), fitted separately to the T E and EE spectra.
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BB spectrum

Planck Collaboration: Cosmological parameters
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Fig. 3. Frequency-averaged T E and EE spectra (without fitting for T -P leakage). The theoretical T E and EE spectra plotted in the
upper panel of each plot are computed from the Planck TT+lowP best-fit model of Fig. 1. Residuals with respect to this theoretical
model are shown in the lower panel in each plot. The error bars show ±1� errors. The green lines in the lower panels show the
best-fit temperature-to-polarization leakage model of Eqs. (11a) and (11b), fitted separately to the T E and EE spectra.
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FIG. 12. Upper: BB spectrum of the BICEP2/Keck maps be-
fore and after subtraction of the dust contribution, estimated
from the cross-spectrum with Planck 353GHz. The error bars
are the standard deviations of simulations, which, in the lat-
ter case, have been scaled and combined in the same way. The
inner error bars are from lensed-⇤CDM+noise simulations as
in the previous plots, while the outer error bars are from
the lensed-⇤CDM+noise+dust simulations. The red curve
shows the lensed-⇤CDM expectation. Lower: constraint on r
derived from the cleaned spectrum compared to the fiducial
analysis shown in Fig. 6.

analysis with the full multi-spectra likelihood. It is clear
from the widths of the likelihood curves that compressing
the spectra to form the cleaned di↵erence results in very
little loss of information on r. The di↵erence in peak
values arises from the di↵erent data treatments and is
consistent with the scatter seen across simulations. Fi-
nally, we note that one could also form a combination
(BK⇥BK�2↵BK⇥P+↵2P⇥P)/(1�↵)2 in which dust
does not enter at all for ↵ = ↵fid. However, the variance
of this combination of spectra is large due to the Planck
noise levels, and likelihoods built from this combination
are considerably less constraining.

V. POSSIBLE CAUSES OF DECORRELATION

Any systematic error that suppresses the BK150⇥P353
cross-frequency spectrum with respect to the
BK150⇥BK150 and P353⇥P353 single-frequency
spectra would cause a systematic upward bias on the r
constraint. Here we investigate a couple of possibilities.

A. Spatially varying dust frequency spectrum

If the frequency dependence of polarized dust emission
varied from place to place on the sky, it would cause the
150GHz and 353GHz dust sky patterns to decorrelate
and suppress the BK150⇥P353 cross-frequency spectrum
relative to the single-frequency spectra. The assump-
tion made so far in this paper is that such decorrela-
tion is negligible. In fact PIP-XXX implicitly tests for
such variation in their Figure 6, where the Planck single-
and cross-frequency spectra are compared to the modi-
fied blackbody model (with the cross-frequency spectra
plotted at the geometric mean of their respective frequen-
cies). This plot is for an average over a large region of low
foreground sky (24%); however, note that if there were
spatial variation of the spectral behavior anywhere in this
region it would cause suppression of the cross-frequency
spectra with respect to the single-frequency spectra.
PIP-XXX also tests explicitly for evidence of decorre-

lation of the dust pattern across frequencies. Their fig-
ure E.1 shows the results for large and small sky patches.
The signal-to-noise ratio is low in clean regions, but no
evidence of decorrelation is found.
As a further check, we artificially suppress the ampli-

tude of the BK150⇥P353 spectra in the Gaussian dust-
only simulations (see Sec. IVA) by a conservative 10%
(PIP-XXX sets a 7% upper limit). We find that the
maximum likelihood value for r shifts up by an average
of 0.018, while Ad shifts down by an average of 0.43µK2,
with the size of the shift proportional to the magnitude of
the dust power in each given realization. This behavior
is readily understandable—since the BK150⇥BK150 and
BK150⇥P353 spectra dominate the statistical weight, a
decrease of the latter is interpreted as a reduction in dust
power, which is compensated by an increase in r. The
bias on r will be linearly related to the assumed decorre-
lation factor.

B. Calibration, analysis etc.

Figure 3 shows that the EE spectrum BK150⇥BK150
is extremely similar to that for BK150⇥P143. We
can compare such spectra to set limits on possible
decorrelation between the BICEP2/Keck and Planck
maps arising from any instrumental or analysis re-
lated e↵ect, including di↵erential pointing, polarization
angle mis-characterization, etc. Taking the ratio of
BK150⇥P143 to the geometric mean of BK150⇥BK150

Planck Collaboration: Cosmological parameters
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Fig. 1. The Planck 2015 temperature power spectrum. At multipoles ` � 30 we show the maximum likelihood frequency averaged
temperature spectrum computed from the Plik cross-half-mission likelihood with foreground and other nuisance parameters deter-
mined from the MCMC analysis of the base ⇤CDM cosmology. In the multipole range 2  `  29, we plot the power spectrum
estimates from the Commander component-separation algorithm computed over 94% of the sky. The best-fit base ⇤CDM theoretical
spectrum fitted to the Planck TT+lowP likelihood is plotted in the upper panel. Residuals with respect to this model are shown in
the lower panel. The error bars show ±1� uncertainties.

sults to the likelihood methodology by developing several in-
dependent analysis pipelines. Some of these are described in
Planck Collaboration XI (2015). The most highly developed of
these are the CamSpec and revised Plik pipelines. For the
2015 Planck papers, the Plik pipeline was chosen as the base-
line. Column 6 of Table 1 lists the cosmological parameters for
base ⇤CDM determined from the Plik cross-half-mission like-
lihood, together with the lowP likelihood, applied to the 2015
full-mission data. The sky coverage used in this likelihood is
identical to that used for the CamSpec 2015F(CHM) likelihood.
However, the two likelihoods di↵er in the modelling of instru-
mental noise, Galactic dust, treatment of relative calibrations and
multipole limits applied to each spectrum.

As summarized in column 8 of Table 1, the Plik and
CamSpec parameters agree to within 0.2�, except for ns, which
di↵ers by nearly 0.5�. The di↵erence in ns is perhaps not sur-
prising, since this parameter is sensitive to small di↵erences in
the foreground modelling. Di↵erences in ns between Plik and
CamSpec are systematic and persist throughout the grid of ex-
tended ⇤CDM models discussed in Sect. 6. We emphasise that
the CamSpec and Plik likelihoods have been written indepen-
dently, though they are based on the same theoretical framework.
None of the conclusions in this paper (including those based on

the full “TT,TE,EE” likelihoods) would di↵er in any substantive
way had we chosen to use the CamSpec likelihood in place of
Plik. The overall shifts of parameters between the Plik 2015
likelihood and the published 2013 nominal mission parameters
are summarized in column 7 of Table 1. These shifts are within
0.71� except for the parameters ⌧ and Ase�2⌧ which are sen-
sitive to the low multipole polarization likelihood and absolute
calibration.

In summary, the Planck 2013 cosmological parameters were
pulled slightly towards lower H0 and ns by the ` ⇡ 1800 4-K line
systematic in the 217 ⇥ 217 cross-spectrum, but the net e↵ect of
this systematic is relatively small, leading to shifts of 0.5� or
less in cosmological parameters. Changes to the low level data
processing, beams, sky coverage, etc. and likelihood code also
produce shifts of typically 0.5� or less. The combined e↵ect of
these changes is to introduce parameter shifts relative to PCP13
of less than 0.71�, with the exception of ⌧ and Ase�2⌧. The main
scientific conclusions of PCP13 are therefore consistent with the
2015 Planck analysis.

Parameters for the base ⇤CDM cosmology derived from
full-mission DetSet, cross-year, or cross-half-mission spectra are
in extremely good agreement, demonstrating that residual (i.e.
uncorrected) cotemporal systematics are at low levels. This is

8

TT spectrum



TE/EE Power Spectra

TE spectra

Allows us to verify that we understand the physics correctly...

Contains Very Similar Information to that Present in TT Power 
Spectrum...

Expect some difference from TT power spectrum -- depending on 
the ionization history of universe

Planck Collaboration: Cosmological parameters
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Fig. 3. Frequency-averaged T E and EE spectra (without fitting for T -P leakage). The theoretical T E and EE spectra plotted in the
upper panel of each plot are computed from the Planck TT+lowP best-fit model of Fig. 1. Residuals with respect to this theoretical
model are shown in the lower panel in each plot. The error bars show ±1� errors. The green lines in the lower panels show the
best-fit temperature-to-polarization leakage model of Eqs. (11a) and (11b), fitted separately to the T E and EE spectra.
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EE spectra



Cosmic Microwave Background

BB spectra

Signal arises from (1) gravity waves from inflation and (2) the 
impact of gravitational lensing on CMB...
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FIG. 12. Upper: BB spectrum of the BICEP2/Keck maps be-
fore and after subtraction of the dust contribution, estimated
from the cross-spectrum with Planck 353GHz. The error bars
are the standard deviations of simulations, which, in the lat-
ter case, have been scaled and combined in the same way. The
inner error bars are from lensed-⇤CDM+noise simulations as
in the previous plots, while the outer error bars are from
the lensed-⇤CDM+noise+dust simulations. The red curve
shows the lensed-⇤CDM expectation. Lower: constraint on r
derived from the cleaned spectrum compared to the fiducial
analysis shown in Fig. 6.

analysis with the full multi-spectra likelihood. It is clear
from the widths of the likelihood curves that compressing
the spectra to form the cleaned di↵erence results in very
little loss of information on r. The di↵erence in peak
values arises from the di↵erent data treatments and is
consistent with the scatter seen across simulations. Fi-
nally, we note that one could also form a combination
(BK⇥BK�2↵BK⇥P+↵2P⇥P)/(1�↵)2 in which dust
does not enter at all for ↵ = ↵fid. However, the variance
of this combination of spectra is large due to the Planck
noise levels, and likelihoods built from this combination
are considerably less constraining.

V. POSSIBLE CAUSES OF DECORRELATION

Any systematic error that suppresses the BK150⇥P353
cross-frequency spectrum with respect to the
BK150⇥BK150 and P353⇥P353 single-frequency
spectra would cause a systematic upward bias on the r
constraint. Here we investigate a couple of possibilities.

A. Spatially varying dust frequency spectrum

If the frequency dependence of polarized dust emission
varied from place to place on the sky, it would cause the
150GHz and 353GHz dust sky patterns to decorrelate
and suppress the BK150⇥P353 cross-frequency spectrum
relative to the single-frequency spectra. The assump-
tion made so far in this paper is that such decorrela-
tion is negligible. In fact PIP-XXX implicitly tests for
such variation in their Figure 6, where the Planck single-
and cross-frequency spectra are compared to the modi-
fied blackbody model (with the cross-frequency spectra
plotted at the geometric mean of their respective frequen-
cies). This plot is for an average over a large region of low
foreground sky (24%); however, note that if there were
spatial variation of the spectral behavior anywhere in this
region it would cause suppression of the cross-frequency
spectra with respect to the single-frequency spectra.
PIP-XXX also tests explicitly for evidence of decorre-

lation of the dust pattern across frequencies. Their fig-
ure E.1 shows the results for large and small sky patches.
The signal-to-noise ratio is low in clean regions, but no
evidence of decorrelation is found.
As a further check, we artificially suppress the ampli-

tude of the BK150⇥P353 spectra in the Gaussian dust-
only simulations (see Sec. IVA) by a conservative 10%
(PIP-XXX sets a 7% upper limit). We find that the
maximum likelihood value for r shifts up by an average
of 0.018, while Ad shifts down by an average of 0.43µK2,
with the size of the shift proportional to the magnitude of
the dust power in each given realization. This behavior
is readily understandable—since the BK150⇥BK150 and
BK150⇥P353 spectra dominate the statistical weight, a
decrease of the latter is interpreted as a reduction in dust
power, which is compensated by an increase in r. The
bias on r will be linearly related to the assumed decorre-
lation factor.

B. Calibration, analysis etc.

Figure 3 shows that the EE spectrum BK150⇥BK150
is extremely similar to that for BK150⇥P143. We
can compare such spectra to set limits on possible
decorrelation between the BICEP2/Keck and Planck
maps arising from any instrumental or analysis re-
lated e↵ect, including di↵erential pointing, polarization
angle mis-characterization, etc. Taking the ratio of
BK150⇥P143 to the geometric mean of BK150⇥BK150

consistent with the signal 
from gravitational lensing

before subtraction of 
dust signal

Detection first reported in 2014 by BICEP II, but most of the signal 
likely from dust emission in our own galaxy



So what can we learn from the spatial 
distribution of galaxies on the sky?

04.2.26 Chris Pearson :   Observational Cosmology 3: Structure Formation - ISAS -2004
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STRUCTURE FORMATION

Radiation:

CMB - Isotropic to 1 part in 105, 0.003%, 2µK

3.1: Isotropy & Homogeneity on the Largest Scales3.1: Isotropy & Homogeneity on the Largest Scales

Isotropy and Homogeneity on the largest scales

Cosmological Principle: The Universe is Homogeneous and IsotropicCosmological Principle: The Universe is Homogeneous and Isotropic

True on the largest Scales

Matter:
Large scales > 100Mpc (Clusters / Superclusters) : Universe is smooth

Radio Sources: isotropic to a few percent

Small scales : Highly anisotropic

Spatial Distribution of Galaxies on some 
part of sky

→ We can derive the matter power 
spectrum



How does the matter power 
spectrum take on its shape?

04.2.26 Chris Pearson :   Observational Cosmology 3: Structure Formation - ISAS -2004
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STRUCTURE FORMATION

3.4: The Power Spectrum3.4: The Power Spectrum
Quantifying the power in fluctuations on large scales

• Inflation ! Scale Free Harrison - Zeldovich spectrum model:
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Instead of simply P(k) !  often plot (k3P(k))1/2 the root mean square mass fluctuations

The Power Spectrum

We therefore have an equation for the evolution of the Power Spectrum:

The Initial Power Spectrum

where the constant A is the overall normalization -- it can *not* be determined 
from theory but must be fixed by measurements of the power spectrum.  

The initial power spectrum is:

Friday, April 23, 2010

The initial power spectrum of fluctuations is the following:
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STRUCTURE FORMATION

3.4: The Power Spectrum3.4: The Power Spectrum
Quantifying the power in fluctuations on large scales
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Position of turn-over 
determined by horizon size 
@ matter-radiation equality

No growth below 
horizon scale 
before matter-

radiation equality



Correlation Function and Power Spectrum

• Given the overdensity field

• Its Fourier transform is

• Its inverse transform is

    where            is the wave number

• The power spectrum is

• Then

Correlation function and power spectrum are a Fourier pair
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An Example from Las Campanas Redshift Survey

Correlation function is easier to evaluate, but power spectrum is what

we need to compare with the theory.  Typically normalized by using

the r.m.s. of density fluc’s in spheres of 8 Mpc radius, *8

The

Observed

Power

Spectrum

(Tegmark et al.)

Are the Baryonic Oscillations Seen in the CMBR

Detected in the Very Large Scale Structure?

Probably …

2dF (Percival et al.) SDSS (Eisenstein et al.)

Is the Power Spectrum

Enough? These two images have

identical power spectra

(by construction)

The power spectrum alone does not

capture the phase information: the

coherence of cosmic structures

(voids, walls, filaments …)

Cluster-Cluster Clustering

Richness

(from N. Bahcall)

Clusters are clustered

more strongly than

individual galaxies,

and rich ones more

than the poor ones

Field galaxies "

galaxy 
clustering

study

from 
microwave 
background structure inferred from relative 

position of hydrogen gas clouds

Different techniques/sources probe different regimes 
in matter power spectrum

small scales

Tegmark

from galaxy 
clusters

from weak 
lensing

large scales



How do we quantify structure in the distribution of galaxies on the sky?

==> in terms correlation functions

C. Porciani! Observational Cosmology! III-39!

Correlation functions!

dV1 

r12 

dV2 

dP1 = n dV1  

dP12 = n2 (1+#(r12)) dV1 dV2 

dP123 = n3 (1+#(r12)+ #(r13)+ #(r23)+$(r12, r13, r23)) dV1 dV2 dV3 

Consider a stationary point process with mean density n and write the 

probability of finding N points within N infinitesimal volume elements 

dV1 

dV1 

r12 

dV2 

dV3 

r13 

r23 

dP1 = n dV1

dP12 = n2 (1 + ξ(r12)) dV1 dV2

The Correlation function ξ is not equal to zero -- since the presence of a galaxy 
at some place in space makes it more likely another one will be close by....

n = average density of galaxies

Why do we care?   The matter power spectrum is the Fourier 
transform of the correlation function ξ 
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STRUCTURE FORMATION

3.6: Statistical Cosmology3.6: Statistical Cosmology
The Correlation Function and the relation to the power spectrum

b is the bias parameter for galaxy biasing w.r.t. underlying Dark Matter Distributionb is the bias parameter for galaxy biasing w.r.t. underlying Dark Matter Distribution

The angular correlation function is found to have the relation 
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b is the bias parameter for galaxy biasing w.r.t. underlying Dark Matter Distributionb is the bias parameter for galaxy biasing w.r.t. underlying Dark Matter Distribution

The angular correlation function is found to have the relation 
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What does the power spectrum teach about various 
cosmological parameters? 

The Power Spectrum

Measurements of (2 = k3 P(k) from 2dFGRS 
and models.  Gave &~0.2.

Confidence regions in 'mh-'b/'m 
plane.  It is bimodal, but the upper 
region is incompatible with other 

cosmological measurements.

Peacock 2003, astro-ph/0309240 and Peacock 2001, astro-ph/0105450.

Friday, April 23, 2010

Here is one example 
from an early study 

using the 2DF survey 
in 2003

Ωmh = 0.2 
⇒ Ωm = 0.3

Ωb = 0.04

Yet another constraint 
on the baryonic density 

of universe!

The Power Spectrum

Measurements of (2 = k3 P(k) from 2dFGRS 
and models.  Gave &~0.2.

Confidence regions in 'mh-'b/'m 
plane.  It is bimodal, but the upper 
region is incompatible with other 

cosmological measurements.

Peacock 2003, astro-ph/0309240 and Peacock 2001, astro-ph/0105450.

Friday, April 23, 2010

Teach us mostly about Ωmh (and zeq) and Ωb



New Material



How do we normalize the power 
spectrum?

We parameterize this using the σ8 parameter



While deriving correlation function and Power 
spectrum from galaxy survey, one thing we are 

particularly interested in is the normalization of the 
power spectrum

The Power Spectrum

We therefore have an equation for the evolution of the Power Spectrum:

The Initial Power Spectrum

where the constant A is the overall normalization -- it can *not* be determined 
from theory but must be fixed by measurements of the power spectrum.  

The initial power spectrum is:

Friday, April 23, 2010

(related to the A parameter here)

Size of density fluctuations in a volume really 
defines the amplitude of power spectrum

This is defined using this parameter σ8 (intended 
to represent the root-mean-squared fluctuations 

in a 8 h-1Mpc volume):

The Power Spectrum

Normalizing the Power Spectrum

Recall that must derive the normalization of the power spectrum empirically.

A convenient way to parameterize the normalization is quantifying the variance 
of fluctuation amplitudes in spheres of R = 8h-1 Mpc radii.  In the nearby 

Universe, this has been measured from galaxies to be:

Accordingly this is the dispersion of the dark matter density contrast averaged over 
spheres of radius R=8 h-1 Mpc, 

these are related by the bias factor using our previous relations

Friday, April 23, 2010

(8 h-1 Mpc was chosen 
because appeared close to 1)

(ns = 1)



What effect do baryons have 
on the matter power 

spectrum?



Just like in the CMB, baryons 
impart acoustic oscillations
on matter power spectrum 

Observational Cosmology Lecture 3 (K. Basu):  CMB spectrum and anisotropies

Power spectrum

32

Acoustic
peaks

Damping
tail

Sachs-Wolfe
plateau

The Power Spectrum

The Transfer Function. 

Friday, April 23, 2010

Has small acoustic 
oscillations in the 

matter power spectrum

Matter Power SpectrumCMB Power Spectrum



Figure 10: Acoustic oscillations in the radiation-baryon fluid imprint a pattern of har-
monics in the Fourier spectrum of both CMB and density fluctuations (e.g. Meiksin,
White & Peacock 1999). In the latter case for which the ratio of the power spectrum to
that of a model with zero baryon content is plotted in the lower panel, the effect is much
smaller, because the dominant dark matter has no intrinsic oscillations. Nevertheless,
features corresponding to the same physical effect can be picked out at low and high
redshift, opening the way to a relatively clean geometrical tool in cosmology.

41

Here are the CMB and matter power spectrum overlaid 
one over top of the other

after dividing out overall shape

matter power spectrum

This makes the acoustic peaks more obvious

CMB and LSS peaks 
are out of phase

Acoustic peaks in 
CMB are much more 

prominent

note k = 2π/length (a wavenumber)

Meiksin et al. 1999



But where do these acoustic 
peaks come from?

Between z = 3500 (when universe became matter dominated) and 
z = 1080 (photons and baryons decoupled):

Perturbations in baryonic material cannot grow (being coupled 
to radiation) and will just oscillate

baryonic material ⇒ no growth

Perturbations in dark material can grow (not being coupled to 
the radiation)

dark matter ⇒ growth

As a result, perturbations in dark matter get a head start



But where do these acoustic 
peaks come from?
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STRUCTURE FORMATION

3.3: Structure Formation in a Dark Matter Universe3.3: Structure Formation in a Dark Matter Universe
Growth of Perturbations in an expanding universe

! 

" # A t
2 / 3
#R(t)#

1

(1+ z)
, " <<1Density fluctuations in a flat, matter dominated Universe grow as

• !<<1  # linear regime

• !~1  # non-linear regime # Require N-body simulations

• Baryonic Matter fluctuations can only have grown by a factor (1+zdec) ~ 1000 by today
•  for !~1 today require !~0.001 at recombination

• !~0.001 # !+/+ ~0.001 at recombination
• But CMB # !+/+ ,10$5 !!!

DARK

MATTER

DARK

MATTER

Dark Matter Condenses at earlier time

 Matter then falls into DM gravitational wells

• MATTER PERTURBATIONS DON’T HAVE TIME TO GROW IN A BARYON DOMINATED UNIVERSE

matter-radiation 
equality

decoupling

here’s an illustration (notice difference between dark matter and baryonic matter)

credit: Pearson



But where do these acoustic 
peaks come from?
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3.3: Structure Formation in a Dark Matter Universe3.3: Structure Formation in a Dark Matter Universe
Growth of Perturbations in an expanding universe

! 

" # A t
2 / 3
#R(t)#

1

(1+ z)
, " <<1Density fluctuations in a flat, matter dominated Universe grow as

• !<<1  # linear regime

• !~1  # non-linear regime # Require N-body simulations

• Baryonic Matter fluctuations can only have grown by a factor (1+zdec) ~ 1000 by today
•  for !~1 today require !~0.001 at recombination

• !~0.001 # !+/+ ~0.001 at recombination
• But CMB # !+/+ ,10$5 !!!

DARK

MATTER

DARK

MATTER

Dark Matter Condenses at earlier time

 Matter then falls into DM gravitational wells

• MATTER PERTURBATIONS DON’T HAVE TIME TO GROW IN A BARYON DOMINATED UNIVERSE

matter-radiation 
equality decoupling

here’s an illustration (notice difference between dark matter and baryonic matter)

Before decoupling, 
perturbations in dark matter are 
able to grow, but perturbations 

in baryons are not.

After decoupling, baryons 
fall into overdensities from 

dark matter.

But, in doing so, they affect the 
dark matter; they add the 

oscillatory ringing structure to 
larger perturbations defined by 

dark matter 



Why do we care about these 
small oscillations in matter 
power spectrum caused by 

baryons?



These oscillations cause there to be 
preferential structure at a certain 

comoving physical scale!

It provides us with a standard rod again 
that we can use to learn about the 

universe!

C. Porciani! Observational Cosmology! III-108!

 The ideal standard ruler!

•! We need to be able to measure the 
ruler over much of the volume of the 
universe!

•! We need to be able to make ultra-
precise measurements of the ruler (1% 
accuracy to get 5% accuracy in the 
equation of state for dark energy)!

•! Answer: baryonic acoustic oscillations !

L 

d 

&'



We can therefore do a galaxy survey at 
any epoch or redshift, measure the power 
spectrum, and look for the acoustic peak 

from baryons! 

It will define same comoving 
scale at all epochs! 



C. Porciani! Observational Cosmology! III-111 !

BAOs: a Green function approach!

imagine we have a 
overdensity here at 

time t = 0
dark matter will 
fall towards it

but baryons and 
radiation will 

bounce



C. Porciani! Observational Cosmology! III-112 !

BAOs: a Green function approach!



C. Porciani! Observational Cosmology! III-113!

BAOs: a Green function approach!



C. Porciani! Observational Cosmology! III-114!

BAOs: a Green function approach!



C. Porciani! Observational Cosmology! III-115!

BAOs: a Green function approach!

Sound horizon 

at matter-

radiation 

decoupling 

this bump is at 
150 Mpc!

C. Porciani! Observational Cosmology! III-119!

Baryonic oscillations!



By measuring the correlation function for 
a galaxy survey we can look for this bump 

(from baryon acoustic oscillations)

C. Porciani! Observational Cosmology! III-120!

Measuring BAO from LSS!
THE BAO IN THE GALAXY DISTRIBUTION AT Z~0 WERE FIRST DETECTED 
IN THE 2DFGRS AND SDSS GALAXY REDSHIFT SURVEYS...!

SDSS!

GALAXY!
CORRELATION !

FUNCTION!

2DFGRS!

GALAXY!
POWER !

SPECTRUM!

2DFGRS: COLE ET AL. (2005)!SDSS: EISENSTEIN ET AL. (2005)!

First Measurements



More recent State-of-the-art measurements 
of the baryonic acoustic oscillations

C. Porciani! Observational Cosmology! III-122 !

Current state 
of the art !

" ! BAO detected 
with 99.74% 
confidence in 
combined sample 
using all of 2dfgrs 
+ sdss Main + 
SDSS LRGs!

" ! Combined with 
WMAP this gives 
)m= 0.256 ± 0.027 
(68% CL) !

PERCIVAL ET AL. (2007)!

Detected at 
99.74% 

confidence!

Ωm = 0.256 ± 0.027

Allows us to examine same 
basic standard rod at both z 
= 0.35 and z = 1100 (CMB)



Now the BAO technique has been used out 
to z>~0.6...

Results of BOSS survey at z~0.55

Anderson+2013



The Baryon Acoustic Oscillation Method can be used to look for 
structure in the plane of the sky, but also along the line of sight

Observables of interest for constraining the 
cosmology: DA(z), H(z)

θ DA(z)

c(Δz)/H(z)

telescope

Distances along 
line of sight 

constrain H(z)

Distances in 
plane of the sky 
constrain DA(z)

Alcock-Paczynski 
constraints

both length scales 
must be the same



BAO have also been used to constrain H(z)...
amazing out to z~2.3...

Power spectrum measured for absorption lines 
from gas at z~2.3 in z~2.5 quasars

Busca+2013

N.G. Busca et al.: BAO in the Lyα forest of BOSS quasars
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Fig. 21. Measurements ofH(z)/(1+z) vs z demonstrating the ac-
celeration of the expansion for z < 0.8 and deceleration for z >
0.8. The BAO-based measurements are the filled circles: [this
work: red], [Xu et al. (2012): black] [Chuang & Wang (2012):
blue], [Reid et al. (2012), cyan], and [Blake et al. (2012): green].
The open green circles are from WiggleZ (Blake et al., 2011b)
Alcock-Paczynski data combined with supernova data yielding
H(z)/H0 (without the flatness assumption) plotted here assuming
H0 = 70km s−1Mpc−1. The open blue circle is the H0 measure-
ment of Riess et al. (2011). The open black squares with dashed
error bars show the results of Riess et al. (2007) which were de-
rived by differentiating the SNIa Hubble diagram and assuming
spatial flatness. (For visual clarity, the Riess et al. (2007) point
at z = 0.43 has been shifted to z = 0.48.) The line is the ΛCDM
prediction for (h,ΩM,ΩΛ) = (0.7, 0.27, 0, 73).

BOSS continues to acquire data and will eventually produce
a quasar sample three times larger than DR9. We can thus ex-
pect improved precision in our measurements of distances and
expansion rates, leading to improved constraints on cosmologi-
cal parameters. The Lyα forest may well be the most practical
method for obtaining precise DA(z) and H(z) measurements at
z > 2, thanks to the large number of independent density mea-
surements per quasar. It is reassuring that the first sample large
enough to yield a detection of BAO produces a signal in good
agreement with expectations. In the context of BAO dark energy
constraints, high redshift measurements are especially valuable
for breaking the degeneracy between curvature and the equation
of state history More generally, however, by probing an epoch
largely inaccessible to other methods, BAO in the Lyα forest
have the potential to reveal surprises, which could provide criti-
cal insights into the origin of cosmic acceleration.
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Appendix A: Mock quasar spectra
We have produced mock spectra in order to tune the analysis
procedure and to study statistical uncertainties and systematic
effects in the measured correlation function.

In some galaxy clustering studies (e.g. Anderson et al.
(2012)) the covariance matrix of the measured correlation func-
tion is obtained from mock data sets. In this case, it is crucial to
have very realistic mocks with the right statistics.

In order to do so, we would need to generate several realiza-
tions of hydrodynamical simulations, with a large enough box
to cover the whole survey (several Gpc3) and at the same time
have a good enough resolution to resolve the Jeans mass of the
gas (tenths of kpc). This type of simulations are not possible to
generate with current technology, but luckily in this study the
covariance matrix is obtained from the data itself, and the mock
data sets are only used to test our analysis and to study possible
systematic effects.

In the last few years there have been several methods pro-
posed to generate simplified mock Lyman-α surveys by com-
bining Gaussian fields and nonlinear transformations of the
field (Le Goff et al., 2011; Greig et al., 2011; Font-Ribera et al.,
2012a). In this study we used a set of mocks generated using
the process described in Font-Ribera et al. (2012a), the same
method used in the first publication of the Lyman-α correlation
function from BOSS (Slosar et al., 2011).

The mock quasars were generated at the angular positions
and redshifts of the BOSS quasars. The unabsorbed spectra
(continua) of the quasars were generated using the Principal
Component Analysis (PCA) eigenspectra of Suzuki et al.
(2005), with amplitudes for each eigenspectrum randomly drawn
from Gaussian distributions with sigma equal to the correspond-
ing eigenvalues as published in Suzuki (2006) table 1. A detailed
description will be provided by Bailey et al. (in preparation), ac-
companying a public release of the mock catalogs.

We generated the field of transmitted flux fraction, F, that
have a ΛCDM power spectrum with the fiducial parameters

(ΩM,ΩΛ,Ωbh2, h,σ8, ns)fid

= (0.27, 0.73, 0.0227, 0.7, 0.8, 0.97) (A.1)

where h = H0/100 km s−1Mpc−1. These values produce a fidu-
cial sound horizon of

rs, f id = 152.76 Mpc . (A.2)

Here, we use the parametrized fitting formula introduced by
McDonald (2003) to fit the results of the power spectrum from
several numerical simulations,

PF(k, µk) = b2
δ(1 + βµ

2
k)

2PL(k)DF(k, µk) , (A.3)

where µk = k‖/k is the cosine of the angle between k and the
line of sight, bδ is the density bias parameter, β is the redshift
distortion parameter, PL(k) is the linear matter power spectrum,
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Fig. 9. Monopole (upper panel) and quadrupole (middle panel)
correlation functions found by method 1 (red) and method 2
(black). The bottom panel shows the combination ξ0 + 0.1ξ2
found by method 1 (red) and method 2 (black).

The average denoted by 〈 〉 is the simple average over sec-
tors, while ξ#(r) denotes the correlation function measured for
the whole BOSS sample. The Ws(r) are the summed pixel-pair
weights for the radial bin r for the sector s andW(r) is the same
sum for the whole BOSS sample.

The most important terms in the covariance matrix are the
r = r′ terms, i.e. the monopole and quadrupole variances. They
are shown in figure 10 as a function of r. In the figure, they are
multiplied by the number N of pixel pairs in the r-bin. The prod-
uct is nearly independent of r, as expected for a variance nearly
equal to the pixel variance divided by N. For the monopole, the

variances are only about 30% higher than what one would cal-
culate naively assuming uncorrelated pixels and equation (12).
Figure 10 also displays the monopole-quadrupole covariance
times number of pairs, which also is nearly independent of r.

Figure 11 displays the monopole-monopole and quadrupole-
quadrupole covariances. Nearest-neighbor covariances are of or-
der 20%. Figure 11 also shows monopole-quadrupole covari-
ance.

We used the 15 sets of mock spectra to test our method for
calculating the covariance matrix. From the 15 measurements
of ξ#(r) one can calculate the average values of ξ#(r)ξ#′ (r′) and
compare them with those expected from the covariance ma-
trix. Figures 12 shows this comparison for the monopole and
quadrupole variance, the monopole and quadrupole covariances
between neighboring r-bins and the monopole-quadrupole co-
variance. The agreement is satisfactory.

4.2. Detection significance of the BAO peak

In this section, we estimate the significance of our detection of a
BAO peak at 105 h−1Mpc. At the statistical power of the present
data, it is clear that the peak significance will depend to some
extent on how we treat the so-called “broadband” correlation
function on which the peak is superimposed. In particular, the
significance will depend strongly on the r-range over which the
correlation functions are fitted. To the extent that the BAO peak
is known to be present in the matter correlation function and that
the Lyα absorption is known to trace matter, the actual signif-
icance is of limited interest for cosmology. Of greater interest
is the uncertainty in the derived cosmological parameter con-
straints (section 5) which will be non-linear reflections of the
peak significance derived here.

A detection of the BAO peak requires comparing the quality
of a fit with no peak (the null hypothesis) to that of a fit with a
peak. Typically, this exercise would be performed by choosing
a test statistic, such as the χ2, computing the distribution of this
quality indicator from a large number of peak-less simulations
and looking at the consistency of the data with this distribution.
Since our mock data sets are quite computationally expensive
and only a handful are available, we chose a different approach.

Our detection approach uses the following expression to fit
the observed monopole and quadrupole.

ξ#(r) = B#ξBB# (r) +C#ξ
peak
#
(r) + A#ξdist# (r) (19)

where ξBB# is a broadband term to describe the LSS correlation
function in the absence of a peak, ξpeak

#
is a peak term, and ξdist

#
is

a “distortion” term used to model the effects of continuum sub-
traction. The broadband term is derived from the fiducialΛCDM
cosmology defined by the parameters in equation (A.1). It is ob-
tained by fitting the shape of the fiducial correlation function
with an 8-node spline function masking the region of the peak
(80 h−1Mpc < r < 120 h−1Mpc). The peak term is the difference
between the theoretical correlation function and the broadband
term. Finally, the distortion term is calculated from simulations,
as the difference in the monopole or quadrupole measured using
the true continuum and that measured from fitting the continuum
as described in appendix A. The three components are shown in
figure 13.

Expression (19) contains three parameters each for the
monopole and quadrupole (so six in total). We have performed
fits leaving all six parameters free and fits where we fix the ra-
tio C2/C0 to be equal to its nominal value used to generate our
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Constraints on the evolution of the 
Hubble parameter to z~2.3



Baryonic Acoustic Oscillations are one of 
the four main techniques being used for 

dark energy experiments at present.

The other three are the following:

1.  Galaxy Clusters
2.   Cosmic Shear

3.  Supernovae Ia Search Experiments



Enigma of Dark Energy

Already up to this point in the course, you have already 
seen many different pieces of evidence for some form of 

dark energy, which we have expressed as ΩΛ > 0

There is an overwhelming amount of evidence for its 
existence

→ SNe Search Experiments
Observed SNe in distant galaxies are observed to be fainter than they would 

otherwise be without dark energy

→ Late Integrated Sachs-Wolfe Effect
Dark Energy Affects the Differential Redshifting of CMB photons as they move in 

and out of gravitational potential.   By cross correlating known galaxy clusters with 
CMB, we can observe this effect.

→ First Acoustic Peak of CMB Implies Universe is Flat, while 
other evidence indicates ΩM ~ 0.3 (Large Scale Flows, Kaiser 
Effect, Ratio of Baryons and Total Matter in Galaxy Clusters, 

Large Scale Structure, Baryon Acoustic Oscillations) 



Enigma of Dark Energy

As you all know, a key component of universe is dark 
energy.   Very roughly, it exerts a repulsive force on the 

space fabric -- increasing its acceleration.

There is an overwhelming amount of evidence for its 
existence

However, its nature remains an enigma



Enigma of Dark Energy

Einstein's Cosmological Constant
• ! Simplest but perhaps most troubling explanation:
! Einstein blundered into fundamental property of universe
• ! Constant energy density, hence increasing net energy as
! universe expands consistent with data
• ! Quantum mechanics allows/predicts such phenomena 
! in the form vacuum energy: empty space is alive
! with virtual particles 

• ! Naive prediction is 10120 times too big and more sophisticated
! models still 1060 off

→ Possibly more natural to explain dark energy as a scalar field that 
evolves with cosmic time...

Credit Hu



Enigma of Dark Energy

As a result of there is a lot of interest in exploring forms of dark 
energy that are not constant, but evolve with cosmic time 
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VI. A Dark Energy Primer 

 
 
In General Relativity (GR), the growth of the Universe is described by a scale factor a(t), 
defined so that at the present time t0, a(t0) = 1.  The time evolution of the expansion in 
GR obeys 

� �4 3
3 3

a G P
a

�  �
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��

,  

where P and  are the mean pressure and density of the contents of the Universe, and � is 
the cosmological constant proposed and then discarded by Einstein.  Remarkably, several 
lines of evidence (described below) confirm that at the present time, 0a 
�� . This 
acceleration immediately implies that either 

1. The Universe is dominated by some particle or field (dark energy) that has 
negative pressure, in particular 1/ 3;w P 	 � � or 

2. There is in fact a non-zero cosmological constant; or 
3. The theoretical basis for this equation, GR or the standard cosmological model, is 

incorrect. 
Any of these three explanations would require fundamental revision to the underpinning 
theories of physics.  It is of great interest to determine which of these three explanations 
is correct. 
 
The Observable Consequences of Dark Energy 
 
Within the context of GR, a convenient expression of the equation for the expansion is 
 

2
2

2

8( )
3 3

NGa kH a
a a

�  �� � � 	 � �� �
� �

�
, 

 
where k is the curvature.  The value of H today, H�, is the Hubble constant, 72�8 km s-1 
Mpc-1.  From these two equations it follows that 

 
3 ( )H P 	 � �� , 

 
which holds separately for each contributor to the energy density.  For non-relativistic 
matter, P/  is of order (v/c)2, and can be ignored, and the equation becomes 
 

3m
m m

d aa
da a
 	 	 �

�� �  

 
so dm/da 	���(m /a) and m 	�m0 /a3, where m0 is the density of non-relativistic matter 
today.  More generally, if w 	�P/ is constant, then   
 

 	 0a
�3(1�w ) . 
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where P and  are the mean pressure and density of the contents of the Universe, and � is 
the cosmological constant proposed and then discarded by Einstein.  Remarkably, several 
lines of evidence (described below) confirm that at the present time, 0a 
�� . This 
acceleration immediately implies that either 

1. The Universe is dominated by some particle or field (dark energy) that has 
negative pressure, in particular 1/ 3;w P 	 � � or 

2. There is in fact a non-zero cosmological constant; or 
3. The theoretical basis for this equation, GR or the standard cosmological model, is 

incorrect. 
Any of these three explanations would require fundamental revision to the underpinning 
theories of physics.  It is of great interest to determine which of these three explanations 
is correct. 
 
The Observable Consequences of Dark Energy 
 
Within the context of GR, a convenient expression of the equation for the expansion is 
 

2
2

2

8( )
3 3

NGa kH a
a a

�  �� � � 	 � �� �
� �

�
, 

 
where k is the curvature.  The value of H today, H�, is the Hubble constant, 72�8 km s-1 
Mpc-1.  From these two equations it follows that 

 
3 ( )H P 	 � �� , 

 
which holds separately for each contributor to the energy density.  For non-relativistic 
matter, P/  is of order (v/c)2, and can be ignored, and the equation becomes 
 

3m
m m

d aa
da a
 	 	 �

�� �  

 
so dm/da 	���(m /a) and m 	�m0 /a3, where m0 is the density of non-relativistic matter 
today.  More generally, if w 	�P/ is constant, then   
 

 	 0a
�3(1�w ) . 

This implies that

> 0

Quote from Dark Energy Task Force



Enigma of Dark Energy

In order to ascertain the form of dark energy, we parameterize 
its effects in terms as the w parameter:

P = wρc2

Typically take c = 1

There are a few important cases:
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Generalized Dark Energy ModelsGeneralized Dark Energy Models

the current z=0 energy density is given by: 

the phenomenological nature of Dark Energy is classified by the
equation-of-state parameter w (L8): 

with redshift scaling (1+z)3(1+w)

(1+z)-1 for w=-4/3

(1+z)+1 for w=-2/3

Constant

redshift scaling     
of DE density

later

earlier

z<1

dynamical 
significance

w<-1Phantom Energy

1-<w<-1/3Quintessence

-1Cosmological Constant !

wType
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The Dark Energy Parameter Plane The Dark Energy Parameter Plane 
for flat geometriesfor flat geometries

Source: Schuecker et al. 2003
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Enigma of Dark Energy

In the case of quintessence or phantom energy (w < -1 or w > 
-1), the dark energy density evolves with cosmic time.
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Evolution of the Density of Dark Energy 

For  w = -1  the density is constant."

multiply by da/dt
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Evolution of the Density of Dark Energy 

For  w = -1  the density is constant."

How does it evolve?
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Evolution of the Density of Dark Energy 

For  w = -1  the density is constant."

w = P/ρFriedmann’s equations:
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Evolution of the Density of Dark Energy 

For  w = -1  the density is constant."

differentiate 
with respect 

to time



Enigma of Dark Energy

Given this evolution in the energy density of dark energy, the 
second Friedmann equation can be rewritten as follows:
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For non-relativistic matter, we define  
 


m 	
8GN�m0

3H0
2 , 

 
and we define analogously 
r for the density of relativistic matter (and radiation), for 
which P/� 	����.  To obtain an attractive equation we introduce 

 

2
0

k
k

H

 	 � , 

 
Now we can write 

� �
2

2 2 3 4 2 3(1 )
0

w
m r k X

aH a H a a a a
a

� � � � �� � � �� 	 
 �
 �
 �
� � � �� �

�
, 

 
The term 
X represents the cosmological constant if w 	���.  Otherwise, it represents 
dark energy with constant w.  This generalizes easily for non-constant w with the 
replacement 
 

� �
1

3(1 ) exp 3 1 ( )w

a

daa w a
a

� � � ��
�� �� ��� �

�  . 

 
The quantity 
k describes the current curvature of the universe.  For 
k < 0, the Universe 
is closed and finite; for 
k > 0 the Universe is open and potentially infinite; while for 
k 
= 0 the geometry of the Universe is Euclidean (flat).   
 
The cosmic microwave background radiation (CMB) gives very good constraints on the 
matter and radiation densities 
mH0

2 and 
rH0
2, so it appears one could determine the 

time history of the dark-energy density, modulo some uncertainty due to curvature,  if 
one could accurately measure the expansion history H(a).  When a distant astronomical 
source is observed, it is straightforward to determine the scale factor a at the time of 
emission of the light, since all photon wavelengths stretch during the expansion; this is 
quantified by the redshift z, with (1+z) = a��.  The derivative a�  is more difficult, 
however, since time is not directly observable.  Most cosmological observations instead 
quantify the distance to a given source at redshift z, which is closely related to the 
expansion history since a photon on a radial path must satisfy 
 

2
2 2 2

2
0.

1

drds dt a
kr

	 � 	
�

 

 
This implies that the distance to a source at redshift z, defined as D(z), is given by 

 

Based on the above equation, we can derive all the standard 
formulas for the distances, evolution of the Hubble constant, 

growth factors, etc., but let us before doing this, let us consider 
another case first.



Time Varying Dark Energy

the most generic model for Dark Energy allows for a time variation in the 
equation of state parameter: w = w(z)

           common parameterizations: w(z) = w0 + w1 z                      
                                                    w(z) = w0 + wa(1-a) = w0 + wa z/(1+z)
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This implies that the distance to a source at redshift z, defined as D(z), is given by 

 

For this parameterization, we can rewrite the a-3(1+w) factor in the 
second term of the Friedmann equation in the following manner:
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This implies that the distance to a source at redshift z, defined as D(z), is given by 

 

for a time-independent w(a), 
this just reduces to a-3(1+w)



-101234
Log [1+z]

-48

-44

-40

-36

Lo
g 

[e
ne

rg
y 

de
ns

ity
 (G

eV
4 )]

radiation matter

dark energy

FIGURE 1. Left panel (a): Evolution of the scale factor vs. time for four cosmological models: three
matter-dominated models with Ω0 = Ωm = 0,1,5, and one with ΩΛ = 0.75,Ωm = 0.25. Right panel (b):
Evolution of radiation, matter, and dark energy densities with redshift. For dark energy, the band represents
w= −1±0.2. From Frieman et al. [13].

of the vacuum can be read off from the stress-tensor as pvac =−ρvac =Λ/8πG, so it acts
as a fluid with equation of state parameter w= −1, as needed to explain acceleration. In
aΛ-dominated model, the expansion is asymptotically exponential, a(t)∼ exp(

√

Λ/3t).
The one fly in the ointment is that the required energy density for cosmic acceleration is
of order ρvac # (0.003 eV)4, while estimates of the vacuum energy density of quantum
fields are at least 60 to 120 orders of magnitude larger. This embarrassing discrepancy,
which predates and is logically separate from but is brought into focus by cosmic
acceleration, is known as the cosmological constant problem.

While the discovery of cosmic acceleration is often portrayed as a surprise, in fact
it fit neatly into a pre-existing theoretical and observational framework that had been
solidifying throughout the 1990’s. There were several elements of this framework:
(1) the theory of primordial inflation [20] predicted a flat Universe, Ω0 = 1, while
observations of dark matter were pointing with increasing accuracy to Ωm # 0.25, so
a component of “missing energy” with ΩME # 0.75 was needed to reconcile the two;
(2) such a missing energy component must be smoothly distributed and would therefore
inhibit the growth of large-scale structure—it must therefore have come to dominate over
non-relativistic matter at recent cosmic epochs, which means it must have a sufficiently
negative equation of state parameter,w≤−0.5; (3) the model of structure formation with
cold dark matter and a cosmological constant, ΛCDM, in combination with primordial
perturbations from inflation, had been found to be in good agreement with observations
of the large-scale clustering of galaxies, e.g., as observed in the APM survey [21]; (4)
estimates of globular cluster ages, in combination with Hubble parameter measurements,
indicated that H0t0 = (H0/70 km/s/Mpc)(t0/14 Gyr) # 1 or larger, which requires
an epoch during which a(t) grows as fast or faster than t, i.e., accelerated expansion
(see Fig. 1a). As a result of this combination of factors, by the mid-1990’s, a model

How does the energy density in dark energy 
evolve relative to other components of 

universe for these more generic models?
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Time Varying Dark EnergyTime Varying Dark Energy

the most general model for Dark Energy also allows a time variation of the
equation-of-state paramter: w=w(z) 

common parameterizations: w(z)=w0+w1!z
w(z)= w0+ wa(1-a) = w0+wa!z/(1+z)

the generalized redshift scaling factor is then given by:

this expression is now valid for all types of (exotic) Dark Energy models
for any form of w(z) 
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The Evolution Function The Evolution Function E(zE(z))
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HIGH
[0.4,0.6,-1]
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[0.3,0.7,-1]

PHANTOM
[0.3,0.7,-1.3]

LOW
[0.2,0.8,-1]
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for flat and open geometries, E(z) is a monotonic function of z 

How does this change the behavior of quantities we calculated 
before?

Evolution Function E(z)
H(z) = H0 E(z)

Credit: Fassbender 
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Cosmic Distance Measurements (L6)Cosmic Distance Measurements (L6)

Comoving Distance : 

flat geometry
k=0, !!!!k=0

closed Universe
k=1, !k<0

open Universe
k=-1, !k>0
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Luminosity Distance DLuminosity Distance DLL

• cosmic distances are proportional to the integral  over 1/E(z), i.e. the area under this
function out to redshift z

• higher expansion rates in the past, i.e. larger values for the evolution function E(z), 
translate into shorter cosmic distances D(z) [for flat geometries]

• the larger the influence of Dark Energy, the larger the cosmic distances
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We can also apply this modified E(z) factor to our 
calculation of distances.....
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Cosmic Distance Measurements (L6)Cosmic Distance Measurements (L6)
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What is the effect on the Luminosity Distance DL?

Credit: Fassbender 
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ComovingComoving VolumesVolumes

Vcom(<z): total enclosed 
volume within redshift z 
per deg2

dV/dz: volume per redshift 
shell dz=0.1 per deg2

dzd
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222

• for measuring the evolution of the number density of an object class, 
the comoving volume element dVcom is needed

• the larger the distance, the larger the comoving volume element per redshift slice  

spherical surface area x thickness

comoving volumes
for CCM model
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Linear Structure Growth FunctionLinear Structure Growth Function

• flat cosmologies with a dark energy component exhibit structure growth in between 
the Einstein-de Sitter (EdS) case of D+=(1+z)-1 and the slow structure growth of a 
low density open Universe (OCDM)
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• the linear structure growth function D+(z) is a solution to the density perturbation 
growth equation for the linear regime (L3)
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What is the effect on the Growth Factor?

Credit: Fassbender 



How can we constrain the w parameter?

Generally, we constrain the w parameter in 
the same way we constrain many other 

cosmological parameters.

We constrain it by looking at the following quantities 
versus redshift (cosmic time, see earlier lecture):

Growth Factor (Rate at which structures in Universe Grow)

Volume Element
Distances

E(z) 

Geometrical 
Tests

Useful in computing distances 
along the line of sight

H(z) = H0 E(z)



How can we probe this?

Luminosity Distance
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Credit: Fassbender 



How can we probe this?

E(z)
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Time Varying Dark EnergyTime Varying Dark Energy

the most general model for Dark Energy also allows a time variation of the
equation-of-state paramter: w=w(z) 

common parameterizations: w(z)=w0+w1!z
w(z)= w0+ wa(1-a) = w0+wa!z/(1+z)

the generalized redshift scaling factor is then given by:

this expression is now valid for all types of (exotic) Dark Energy models
for any form of w(z) 
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The Evolution Function The Evolution Function E(zE(z))
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for flat and open geometries, E(z) is a monotonic function of z 

Credit: Fassbender 
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ComovingComoving VolumesVolumes

Vcom(<z): total enclosed 
volume within redshift z 
per deg2

dV/dz: volume per redshift 
shell dz=0.1 per deg2
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• for measuring the evolution of the number density of an object class, 
the comoving volume element dVcom is needed

• the larger the distance, the larger the comoving volume element per redshift slice  

spherical surface area x thickness

comoving volumes
for CCM model
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Linear Structure Growth FunctionLinear Structure Growth Function

• flat cosmologies with a dark energy component exhibit structure growth in between 
the Einstein-de Sitter (EdS) case of D+=(1+z)-1 and the slow structure growth of a 
low density open Universe (OCDM)
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• the linear structure growth function D+(z) is a solution to the density perturbation 
growth equation for the linear regime (L3)
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more structures at high-z

How can we probe this?

Growth Factor

structure grow efficiently when Ω = 1 (since density is closer to 1 
where slight overdensities cause collapse) Credit: Fassbender 



Here’s an alternate set of plots:
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FIGURE 2. Left: Distance vs. redshift in a flat Universe with different values of the cosmological
parameters Ωm and w. Right: volume element vs. redshift for same models. From Frieman et al. [13].

where Ωk = 1−Ω0 = 1−Ωm−ΩDE . For a general dark energy model with equation of
state parameter w(z), the Hubble expansion rate can be written as

H2(z)
H2

0
=Ωm(1+ z)3 +ΩDE exp

[

3
∫

(1+w(z))d ln(1+ z)
]

+Ωk(1+ z)2 . (15)

For the case of the cosmological constant, w= −1, this can be rewritten as

H2(a)
H2

0
=Ωma−3 +ΩΛ+Ωka−2 , (16)

and the luminosity distance becomes

dL(z;Ωm,ΩΛ) =
c(1+ z)
H0

|Ωk|
−1/2Sk

(

∫ 1

1/(1+z)
|Ωk|

1/2 da
a2[Ωma−3 +ΩΛ+Ωka−2]1/2

)

.

(17)
Another important special case is a flat Universe (Ωk = k= 0) and dark energy with w=
constant, independent of redshift. In this case,

H2(z)
H2

0
= (1−ΩDE)(1+ z)3 +ΩDE(1+ z)3(1+w) , (18)

and the luminosity distance is given by

dL(z;ΩDE ,w) = χ(1+ z) =
1+ z
H0

∫ 1+ΩDE [(1+ z)3w−1]−1/2

(1+ z)3/2 dz . (19)

Note that the product H0dL is independent of the Hubble parameter H0.



Where do they provide the strongest 
constraints?

CHAPTER 8. INFLATION AND DARK ENERGY 88

• Let us therefore assume that the dark energy is a suitably self-
interacting, homogeneous scalar field. Then, its pressure can be
described by

p = w(a)�c2 , (8.27)

where the equation-of-state parameter w is some function of a.
According to (8.15), accelerated expansion needs w < �1/3, and
the cosmological constant corresponds to w = �1. Since all cos-
mological measurements to date are in agreement with the as-
sumption of a cosmological constant, we need to arrange things
such that w⌅ �1 today.

• Suppose we have some function w(a), which could either be ob-
tained from a phenomenological choice, a model for the self-
interaction potential V(⇥) through (8.21) or from a simple ad-hoc
parameterisation. Then, (8.18) implies

�̇

�
= �3(1 + w)

ȧ
a
, (8.28)

or

�(a) = �0 exp
�
�3
⇤ a

1
[1 + w(a⌃)]

da⌃

a⌃

⇥
⇤ �0 f (a) . (8.29)

• If w = const., this simplifies to

�(a) = �0 exp [�3(1 + w) ln a] = �0a�3(1+w) . (8.30)

If w = �1, we recover the cosmological-constant case � = �0 =

const., for pressure-less material, w = 0 and � ⇧ a�3, and for
radiation, w = 1/3 and � ⇧ a�4.

• Therefore, we can take account of the dynamical dark energy
by replacing the term ⇥�0 in the Friedmann equation (2.7) by
⇥DE0 f (a), and the expansion function E(a) turns into

E(a) =
⌅
⇥r0a�4 +⇥m0a�3 +⇥DE0 f (a) +⇥K0a�2

⇧1/2
, (8.31)

where ⇥K0 = 1 � ⇥r0 � ⇥m0 � ⇥DE0 is the curvature density pa-
rameter.

• We thus see that the equation-of-state parameter enters the ex-
pansion function in integrated form. Since all cosmological ob-
servables are integrals over the expansion function, including the
growth factor D+(a) satisfying (2.19), this implies that cosmolog-
ical observables measure integrals over the integrated equation-
of-state function w(a). Needless to say, the dependence of cosmo-
logical measurements on the exact form of w(a) will be extremely
weak, which in turn implies that extremely accurate measure-
ments will be necessary for constraining the nature of the dark
energy.

Logarithmic derivatives of the
angular-diameter distance and the
growth factor with respect to the
equation-of-state parameter.

distance measures most useful 
in examining w at high redshifts

growth factor most useful in 
examining w at low redshifts

Credit: Bartelmann



So the game is to determine 
the w parameter and how it depends on redshift

There are four standard methods:

1.  Supernovae Ia
-- use of standard candles to establish distance-redshift relation

-- first established existence of dark energy >20 years ago

(lecture 4)

2.  Baryonic Acoustic Oscillations
-- gives us a standard rod to establish distance-redshift relation 

with low systematics

(This lecture)

3.  Galaxy Clusters
-- provide us with sensitive probe of growth of structure
-- early evidence for low Ωm

(This lecture)

4.  Weak Gravitational Lensing
-- provide us with sensitive probe of growth of structure
-- powerful technique still in process of realizing full potential

(Next Lecture)



Now let’s discuss what we can learn 
about the universe and the cosmological 

parameters from galaxy clusters



Galaxy Clusters
Galaxy clusters are large regions of 

the universe that have collapsed 
(due to gravity)

Approximate mass budget:

~2% galaxies
~13% in a very hot ionized gas

~85% in dark matter

Most of the baryons are in the 
ionized gas!

Observational Cosmology Lecture 8 (K. Basu):  Cosmology with Galaxy Clusters

Clusters in hydro-simulations

3

z=4                   z=2                     z=0

Dark matter

Baryons

Stellar
distribution

 mass > 1014 Msol

Credit: Porciani



• Majority of observable cluster mass (majority of baryons) is hot gas

• Temperature  T ~ 108 K ~ 10 keV (heated by gravitational potential)

• Electron number density ne ~ 10-3 cm-3 

• Mainly H, He, but with heavy elements (O, Fe, ..)

• Mainly emits X-rays (but also radio and gamma rays)

• LX ~ 1045 erg/s, most luminous extended X-ray sources in Universe

• Causes the Sunyaev-Zel’dovich e!ect (SZE) by inverse Compton 
scattering the background CMB photons

Observational Cosmology Lectures 4-6:  Cosmology with Galaxy Clusters

Intra-Cluster Medium (ICM)

2Credit: Porciani



Virgo Cluster of Galaxies 
sky.google.com

M84

M86

M87

M58

M88

M89

M90

M91

Central Part of Virgo Cluster

Sunday, March 28, 2010

The Coma Cluster

Sunday, March 28, 2010

Two of the most well known near-by 
galaxy clusters are the Virgo cluster 

and the Coma cluster

Virgo cluster
- contains >250 large galaxies

- contains 2000 smaller galaxies
- covers 10 x 10 degrees on sky

- 18 Mpc away
- 3 Mpc diameter

Coma cluster
- contains >1000 large galaxies

- contains 10000 smaller galaxies
- 90 Mpc away

- 6 Mpc diameter
- largest galaxies are giant ellipticals

Credit: Papovich



Galaxy clusters also provide us with 
important constraints on cosmology!

Why?

1.  Density perturbations in universe grow in a regular, well-
defined way.

2.  Galaxy clusters are clear end result of the growth of density 
perturbations in universe

3.  One can model the build-up of galaxy clusters primarily 
through gravitation, and so it is much simpler to model than 

lower mass (i.e., galaxy) systems.

5.  Clusters are relatively straightforward to identify in 
observable surveys

4.  Mass function of clusters depends sensitively on Ωm the 
matter density and σ8 the amplitude of density fluctuations



What can we learn from 
galaxy clusters?

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)

3.  Derive Ωm based on relative mass in gas and dark 
matter in clusters

4.  Probe matter power spectrum and Ωm from the 
observed clustering of galaxy clusters

2.  Probe cosmological parameters by examining how 
the apparent volume density of clusters evolve



Mass build-up in universe quantified 
with halo mass function

Through gravitation, overdensities in the early universe grow 
until they collapse.  As time goes on, the mass of these collapsed 

objects become larger and larger.   The volume density of the 
collapsed sources vs. mass is the halo mass function.

Interlude: Halo Mass Function



How is the Halo Mass Function modelled?

Observational Cosmology Lecture 8 (K. Basu):  Cosmology with Galaxy Clusters

The Halo Mass Function

17

Observable Theory

Press-Schechter (1974)

Jenkins et al. (2001)

Cosmology predicts the variance on mass scale M:

Observational Cosmology Lecture 8 (K. Basu):  Cosmology with Galaxy Clusters

The Halo Mass Function

17

Observable Theory

Press-Schechter (1974)

Jenkins et al. (2001)

Cosmology predicts the variance on mass scale M:

It is modelled using the functions below:

δc = 1.67 (equivalent linear growth rate where source would collapse)

σ in the above formula is the expected 1 fluctuations in the overdensity of regions of the 
universe with mass M.

nM = volume density of collapsed sources with mass M



Can we derive a mass function from the 
observations using galaxy clusters?

Yes -- 1) Do a survey

2) Have method to derive masses for 
clusters found in surveys

3) By comparing with theoretical mass 
functions, infer cosmological parameters

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)



How do we find galaxy clusters?

This is an interesting question -- since galaxy 
clusters are quite rare -- and so one will not 
often find very massive ones even in large 

galaxy surveys.

volume density of >1014 Msol clusters in z=0 universe is ~7x10-5 Mpc-3

Observational Cosmology Lectures 4-6:  Cosmology with Galaxy Clusters

Galaxy clusters in simulations

11

700 Mpc
comoving
cube

Galaxy 
clusters:
rare peaks
in the 
density
field

Credit: Porciani



How do we find galaxy clusters?

This is an interesting question -- since galaxy 
clusters are quite rare -- and so one will not 
often find very massive ones even in large 

galaxy surveys.

So, it often takes a dedicated endeavor 
to find large numbers of them

(one exception to the above point is in sky surveys that cover large parts 
of the sky like the Sloan Digital Sky Survey or the 2DF)



How do we find galaxy clusters?

1.  By surveying the sky at x-ray wavelengths

9 

REFLEX/ 
NORAS 

Planck eROSITA 

Pencil Beam 

COSMOS 

XDCP 

all sky 
32000 deg2 

(extragal.) 

XDCP 
80 deg2 

COSMOS 
2 deg2 

CDF/LH 
0.2 deg2 

x10 

x40 

x400 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

10 

I) Cluster Galaxies 
optical, NIR, MIR 

II) Intracluster Medium 
X-ray 

III) Sunyaev-Zeldovich Effect (C2L11) 
        mm-wavelength                

IV) Gravitational Lensing (C2L7+10) 
         optical 

concentration of red  
galaxies of similar color 
detection: optical (limited) 
detection: NIR/MIR (yes) 
obs. limitations: 
K-correction (optical) 
PSF (MIR) 

selection based on 
extended X-ray sources 
detection (yes) 
obs. limitations: 
SB-dimming (1+z)-4 

strong or weak shape 
distortions of back- 
ground galaxies  
detection (no) 
obs. limitations: 
lack of background  
galaxies 

selection based on 
shadows in the CMB 
detection (likely) 

obs. limitations: 
instrument sensitivity 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

simulated cluster  images at z~1.5 

main observational limitation = surface brightness dimming

surface brightness is proportional to (1+z)-4

Galaxy clusters are bright in the x-ray due to the fact that they contain very 
hot (108 K) ionized gas -- which produces significant thermal bremstrahlung

(this is the generic cosmological dimming 
effect)



How do we find galaxy clusters?

1.  By surveying the sky at x-ray wavelengths

Observational Cosmology Lectures 4-6:  Cosmology with Galaxy Clusters

X-ray observatories

13

To the right are the typical 
facilities that are used for 

these x-ray surveys

Essentially all extended x-ray 
sources  are galaxy clusters, so 

straightforward to find.

In deep XMM exposures, 
galaxy clusters can be 

identified to z>1.

Main other x-ray sources out 
in the universe is AGN which 
are 20x more numerous but 
those x-ray sources are not 

extended 

Credit: Porciani

2019



How do we find galaxy clusters?

1.  By surveying the sky at x-ray wavelengths

1.  Start by identifying weak, extended x-ray sources in wide-area surveys

2. Follow up clusters and look for overdensity of red galaxies

3. Estimate redshift of cluster from position of spectral breaks in the red galaxies

4. Obtain spectra of red 
galaxies to confirm that a 

galaxy cluster has been found.

11 

XDCP is a designated survey for the identification and study of distant X-ray-luminous  
galaxy clusters. The collaboration (~14) is 50% based in Munich, with more  
collaborators in Potsdam, Paris, Trieste, and Santiago 

Search Strategy: 
I) identification of (weak) extended X-ray sources in the XMM-Newton archival data 
II) rejection of lower redshift clusters (z<0.6) based on a cluster identification in  
    Digitized Sky Survey (DSS) images 

Source: RF PhD Thesis (http://arxiv.org/pdf/0806.0861v1); Mullis et al. 2005 

XMM-Newton 
field-of-view 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

DSS image without 
a visible galaxy cluster 

12 

III) follow-up imaging and confirmation of a red galaxy overdensity  
IV) redshift estimate based on the color of the cluster red-sequence (RS) 

Source: RF PhD Thesis (http://arxiv.org/pdf/0806.0861v1) ; Mullis et al. 2005 

VLT R-band 
image with  
X-ray contours 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

VLT z-band 
image with  
X-ray contours 

R-z color- 
magnitude  
diagram  

13 

V) follow-up spectroscopy for the confirmation as a 3D gravitationally bound  
    system and the determination of the exact cluster redshift  
VI) detailed multi-wavelength follow-up of the most interesting clusters 

Source: RF PhD Thesis (http://arxiv.org/pdf/0806.0861v1) ; Mullis et al. 2005; Rosati et al. 2009 

VLT spectra of 4 cluster  
member galaxies at z=1.39 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

HST i+z + VLT K-band color image with  
Chandra contours of XMMU J2235.3-2557 

VI 

Credit: Fassbender



How do we find galaxy clusters?

1.  By surveying the sky at x-ray wavelengths
Here are a few X-ray cluster samples:

Observational Cosmology Lectures 4-6:  Cosmology with Galaxy Clusters

X-ray cluster samples

7

The X-ray flux limit establishes a simple criterion for sample 
completeness and searching volume, thereby giving a reasonably
accurate idea for the number of objects per unit volume. 

(largely defined by x-ray flux limit and search area) Credit: Porciani



How do we find galaxy clusters?

1.  By surveying the sky at x-ray wavelengths

15 
Source: Eisenhard et al., 2008 

3x3 arcmin 
color composite 
images in 
B+I+[4.5µm] 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

about 20 spectroscopically 
confirmed IR-selected z>1 
clusters are currently known 
(without X-ray data) 

R. Fassbender: Introduction to Observational Cosmology I – WS09/10  16 
Source: http://www.xray.mpe.mpg.de/theorie/cluster/XDCP/xdcp_index.html 

XDCP has so far confirmed 14 clusters at z>1 and another dozen at 0.8<z<1 
in total about two dozen confirmed X-ray luminous clusters at z>1 are known   Examples of few clusters found in the XMM-Newton Distant Cluster Project

Optical Images shown (red galaxies are likely cluster galaxies), overlaid contours are from x-ray light

Credit: Fassbender



How do we find galaxy clusters?

2.  By using the Sunyaev-Zeldovich effect
- Hot ionized gas in galaxy clusters inverse Compton scatter light from the 

cosmic microwave background (shifting CMB light to higher energies)

- Galaxy clusters can be seen as a bright spot or a hole in the CMB 
background depending on the wavelength in which one looks

As CMB photons pass through hot 
cluster, 1% of the photons are 
subject to Compton scattering
Physics of the SZ Effect

Mechanism & Thermal Effect
CMB photons

T = (1 + z) 2.725K

galaxy cluster
with hot ICM

z ~ 0 - 3
observer

z = 0

last scattering
surface
z ~ 1100

scattered
photons
(hotter)

Sunyaev &
Zeldovich (1970)

Spectral
shift

CMB photons have a ~1% chance of inverse Compton scattering off of the
ICM electrons; photon number is conserved -> changes the spectrum…

Physics of the SZ Effect
Mechanism & Thermal Effect

CMB photons
T = (1 + z) 2.725K

galaxy cluster
with hot ICM

z ~ 0 - 3
observer

z = 0

last scattering
surface
z ~ 1100

scattered
photons
(hotter)

Sunyaev &
Zeldovich (1970)

Spectral
shift

CMB photons have a ~1% chance of inverse Compton scattering off of the
ICM electrons; photon number is conserved -> changes the spectrum…

This serves to 
increase the 
energy of 

individual photons, 
but preserves 
their overall 

number

Credit: Abdalla



Important point is that the change is proportional to neTe 

integrated along the line of sight 

Individual photon energies are boosted by (kTe/mec2)

How do we find galaxy clusters?

2.  By using the Sunyaev-Zeldovich effect
Physics of the SZ Effect
Functional Form (no need to remember formula)

y parameter

•Temperature shift proportional to the gas
pressure, neTe, & mass dl
•CMB photon energies boosted by ~kTe/(mec2)
•kTe ~ 10 keV, Te ~ 108 K
•x = h/(kTe)
•f(x) is the spectral dependence

The effective change in temperature in the CMB photons is described by 
the following formula (no need to remember):



How do we find galaxy clusters?

2.  By using the Sunyaev-Zeldovich effect

main observational limitation = instrumental sensitivity

- Hot ionized gas in galaxy clusters inverse Compton scatter light from the 
cosmic microwave background (shifting CMB light to higher energies)

- Galaxy clusters can be seen as a bright spot or a hole in the CMB 
background depending on the wavelength in which one looks

The Sunyaev-Zeldovich Effect

SZ maps of three clusters at 0.37 < z < 0.55.  Since SZ is 
proportional to electron density, mass fraction of baryons can 

be measured if one knows the total mass of the cluster.

Sunday, March 28, 2010
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SZ Experiments

20
Credit: Porciani
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SZ Experiments

21

Abell 2319 with PLANCK
Top row: 44, 70, 100, 143 GHz
Bottom row: 217, 353,545 GHz

Source: http://planck.cf.ac.uk/results/abell-2319

Planck satellite

Credit: Porciani



How do we find galaxy clusters?

3.  By identifying red sequence galaxies that 
make up the galaxy clusters
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I) Cluster Galaxies 
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II) Intracluster Medium 
X-ray 

III) Sunyaev-Zeldovich Effect (C2L11) 
        mm-wavelength                

IV) Gravitational Lensing (C2L7+10) 
         optical 

concentration of red  
galaxies of similar color 
detection: optical (limited) 
detection: NIR/MIR (yes) 
obs. limitations: 
K-correction (optical) 
PSF (MIR) 

selection based on 
extended X-ray sources 
detection (yes) 
obs. limitations: 
SB-dimming (1+z)-4 

strong or weak shape 
distortions of back- 
ground galaxies  
detection (no) 
obs. limitations: 
lack of background  
galaxies 

selection based on 
shadows in the CMB 
detection (likely) 

obs. limitations: 
instrument sensitivity 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

simulated cluster  images at z~1.5 

Since elliptical galaxies are red, require deep near-IR / 
mid-IR data to find distant galaxy clusters.

- galaxy clusters contain large numbers of very red elliptical galaxies

- possible galaxy clusters can be identified by measuring the colors for large 
number of galaxies in a field

Value of optical data is more 
limited



How do we find galaxy clusters?

3.  By identifying red sequence galaxies that 
make up the galaxy clusters

Useful to follow up overdensities of red galaxies with spectroscopy to ensure that the overdensity is 
not a chance projection on the sky and that all the red galaxies are part of the same cluster

Observational Cosmology Lecture 8 (K. Basu):  Cosmology with Galaxy Clusters

Photometry of clusters

17
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Galaxies in the red sequence
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How do we find galaxy clusters?

3.  By identifying red sequence galaxies that 
make up the galaxy clusters

Such a search is 
particularly efficient 

including observations 
at performing search at 
> 4 microns with the 

Spitzer Space Telescope

15 
Source: Eisenhard et al., 2008 

3x3 arcmin 
color composite 
images in 
B+I+[4.5µm] 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

about 20 spectroscopically 
confirmed IR-selected z>1 
clusters are currently known 
(without X-ray data) 

R. Fassbender: Introduction to Observational Cosmology I – WS09/10  16 
Source: http://www.xray.mpe.mpg.de/theorie/cluster/XDCP/xdcp_index.html 

XDCP has so far confirmed 14 clusters at z>1 and another dozen at 0.8<z<1 
in total about two dozen confirmed X-ray luminous clusters at z>1 are known  
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Photometry of clusters

17
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Galaxies in the red sequence
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How do we find galaxy clusters?

3.  By identifying red sequence galaxies that 
make up the galaxy clusters

Such a search is 
particularly efficient 

including observations 
at performing search at 
> 4 microns with the 

Spitzer Space Telescope

15 
Source: Eisenhard et al., 2008 

3x3 arcmin 
color composite 
images in 
B+I+[4.5µm] 

R. Fassbender: Introduction to Observational Cosmology II – SS10  

about 20 spectroscopically 
confirmed IR-selected z>1 
clusters are currently known 
(without X-ray data) 

R. Fassbender: Introduction to Observational Cosmology I – WS09/10  16 
Source: http://www.xray.mpe.mpg.de/theorie/cluster/XDCP/xdcp_index.html 

XDCP has so far confirmed 14 clusters at z>1 and another dozen at 0.8<z<1 
in total about two dozen confirmed X-ray luminous clusters at z>1 are known  



View of Same Galaxy Cluster at Several 
Different Wavelengths:

Figure 7: Images of Abell 1835 (z = 0.25) at X-ray, optical and mm wavelengths, exemplifying the regular
multi-wavelength morphology of a massive, dynamically relaxed cluster. All three images are centered on
the X-ray peak position and have the same spatial scale, 5.2 arcmin or ∼ 1.2Mpc on a side (extending out
to ∼ r2500; Mantz et al. 2010a). Figure credits: Left: X-ray: Chandra X-ray Observatory/A. Mantz; Center,
Optical: Canada France Hawaii Telescope/A. von der Linden et al.; Right, SZ: Sunyaev Zel’dovich Array/D.
Marrone.

3.1.2 OPTICAL AND NEAR INFRARED OBSERVATIONS

The optical and near-IR emission from galaxy clusters is predominantly starlight. The galaxy populations
of clusters are dominated by ellipticals and lenticulars (i.e. early-type galaxies). This is particularly true in
the central regions, where the largest and most luminous galaxies are found (Figure 7).

The old and relatively homogeneous nature of their stellar populations leads to the majority of the
galaxies in clusters occupying relatively tight loci in color-magnitude diagrams (e.g. Bower, Lucey & Ellis
1992). This characteristic has proved important to modern cluster finding algorithms.

For optical surveys of clusters, the main observables are the richness (i.e. the number of galaxies within
the detection aperture), luminosity and color. For follow-up observations of individual clusters, aimed in
particular at measuring their masses, the primary observables are the galaxy number density, luminosity,
and velocity dispersion profiles. Typical velocity dispersions for large clusters are of order 1000 kms−1.

For reviews of optical studies of galaxy clusters including discussions of the development of the field, see
Bahcall (1977) and Biviano (2000).

3.1.3 SZ OBSERVATIONS

As CMB photons pass through a galaxy cluster they have a non-negligible chance to inverse Compton
scatter off the hot ICM electrons. This scattering boosts the photon energy and gives rise to a small but
significant frequency-dependent shift in the CMB spectrum observed through the cluster known as the
thermal Sunyaev-Zel’dovich (hereafter SZ or tSZ) effect (Sunyaev & Zeldovich 1972). The magnitude of the
effect is proportional to the line of sight integral of the product of the gas density and temperature. The
kinetic SZ (kSZ) effect is an additional, smaller distortion of the CMB spectrum due to the peculiar motion
of a cluster with respect to the Hubble Flow (i.e. the CMB rest frame). The magnitude of the kSZ effect is
proportional to the peculiar velocity. For a review see Carlstrom, Holder & Reese (2002).

3.1.4 GRAVITATIONAL LENSING

According to general relativity, the gravity associated with a mass concentration will bend light rays passing
near to it in a phenomenon known as gravitational lensing. This can both magnify and distort the images
of background galaxies. With modern data, gravitational lensing can be detected clearly in the statistical
appearance of background galaxies observed through clusters (weak lensing), and in the field (often termed
cosmic shear). Occasionally, lensing can also lead to strong distortions and multiple images of individual
sources (strong lensing). For a galaxy cluster and background galaxies of known redshifts, the measured
gravitational shear can be used to infer the cluster mass. For a recent review of gravitational lensing, see
Bartelmann (2010).
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x-ray optical mm

SZ

Allen et al. 2011



Can we derive a mass function from the 
observations using galaxy clusters?

Yes -- 1) Do a survey

2) Have method to derive masses for 
clusters found in surveys

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)



Fortunately, galaxy clusters appear to be self-similar, with 
nice scaling relations between mass, x-ray luminosity, and 
temperature, so it is possible to convert the temperature 
T of the cluster gas or x-ray luminosity into a mass for 

the cluster

M200 and r200 refer to the total mass and radius of the collapsed object, 
Δc is the typical overdensity of a collapsed object relative to the average 
mass density of universe (typically ~200), and ρc is the critical density of 

the universe
Observational Cosmology Lecture 8 (K. Basu):  Cosmology with Galaxy Clusters

Self-similar scaling

22

The simplest model to explain the physics of the  ICM is based on
the assumption that only gravity determines its properties.

This makes clusters a scaled version of each other.

For hydrostatic equilibrium: 
The basic idea is that all of the properties of gas in a 
cluster are determined based on gravity and gas is in 

hydrostatic equilibrium
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M-T scaling relation

23

Relationship between temperature and mass of cluster



How do we measure mass of clusters?

Observational Cosmology Lecture 8 (K. Basu):  Cosmology with Galaxy Clusters

Mass probes 

4

X-ray
strong lensing

X-ray
SZE

weak lensing
SZE

weak lensing

R2500
~ 0.3 R200
~ 0.5 Mpc

R500
~ 0.7 R200
~ 1 Mpc

R200
~ 1.5 Mpc

Roncarelli, Ettori et al. 2006

-- from x-ray profile
-- from SZ effect
-- from gravitational lensing



Can we derive a mass function from the 
observations using galaxy clusters?

Yes -- 1) Do a survey

2) Have method to derive masses for 
clusters found in surveys

3) By comparing with theoretical mass 
functions, infer cosmological parameters

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)



The volume density of massive structures 
like clusters in nearby universe provide 

sensitive probe of mass functionGalaxy cluster properties in �CDM cosmologies 11
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Figure 10. The di⇤erential abundance dn(Mcrit
200 )/dMcrit

200 as a
function of mass Mcrit

200 for clusters with redshift 0.1 6 z 6 0.3
in the MS: directly measured from the simulation (solid line) and

reconstructed from the richness bins with Ngal
200 > 3 (dashed line)

or Ngal
200 > 9 (dotted line).
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Figure 11. The di⇤erential abundance dn(Mcrit
200 )/dMcrit

200 as a
function of mass Mcrit

200 for clusters with redshift 0.1 6 z 6 0.3
reconstructed from the masses and abundances of clusters with
richness Ngal

200 > 3. Compared are the results for MS and WMAP
simulations and the SDSS (calculated from the abundances by
Koester et al. 2007a and Sheldon et al. 2009a, the masses by
Johnston et al. 2007b, and the scatter by Rozo et al. 2009a).

tions pdfi(M
crit
200 ) at each richness can be approximated by

a log-normal distribution with mean
˙
Mcrit

200

¸
and scatter

�log10(Mcrit
200 ) given by the values in Table 7-10. As Fig. 10 il-

lustrates for the MS model, the reconstructed mass function
matches the true mass function well for Mcrit

200 � 2�1014. For
smaller masses, the richness-selected cluster sample becomes
incomplete in mass, and thus the reconstruction fails.

The reconstructed cluster mass functions for the di⇥er-
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Figure 12. Comparison of the average weak-lensing mass profiles
�⇥(R) as a function of radius R for all clusters (solid line), for
the correctly centred clusters (dashed line), and for the incorrectly
centred clusters (dashed line) in the MS.

ent galaxy models and the SDSS are compared in Fig. 11.
The figure illustrates clearly why we expect a �CDM cos-
mology with normalisation 0.72 < �8 < 0.9 to provide a
better fit to the SDSS cluster data than the models consid-
ered here. The values for the WMAP3 models are always
much smaller those reconstructed from the SDSS, while the
MS yields values above the observations. The reconstructed
cluster mass function for the WMAP1 model generally fol-
lows the MS results, but is visibly a⇥ected by sampling noise
for larger cluster masses.

Since the cluster mass function can be recovered from
the cluster abundances and cluster masses as functions of
richness, these quantities cannot vary independently if the
cluster mass function is fixed. Di⇥erent assumptions about
the galaxy formation physics or the richness measurements
that, for given richness, lead to higher cluster abundances
will also yield lower cluster masses (and vice versa). Thus,
the abundance-richness relation discussed in Sec. 3.2 and the
mass-richness relation discussed in Sec. 3.3 provide comple-
mentary information on the cosmology.

3.7 Fits to the cluster mass profiles

The results of Sec. 3.5 justify the use of a log-normal mass
distribution for fits to observed mass profiles (e.g., by John-
ston et al. 2007b; Reyes et al. 2008). Here, we illustrate that
one can indeed obtain a good fit to the simulated mean mass
profiles of clusters with assumptions similar to those used,
e.g., by Johnston et al. (2007b).

The mass profiles discussed in Sec. 3.1 are a mixture
of correctly and incorrectly centred clusters. In Fig. 12, the
simulated average mass profiles of all clusters are compared
to the profiles of correctly and incorrectly centred clusters.
The profiles agree well for large radii, but di⇥er significantly
below a certain radius R ⇥ 0.5h�1 Mpc for clusters with
richness Ngal

200 = 3, and R ⇥ 1h�1 Mpc for clusters with
Ngal

200 ⇥ 9.
As Fig. 12 illustrates, centre misidentification has a sig-

c� 0000 RAS, MNRAS 000, 000–000

Hilbert et al. 2010

MaxBCG Sample

Hilbert et al. 2010

Identified from the
SDSS (Sloan Digital 
Sky Survey) using

Optical Red Cluster
Member Selection 

Technique



Implications for Cosmological Parameters

Rozo et al. 2010

The Abundance of Galaxy Clusters with Various Masses Provides 
Strong Constraints on the Total Mass Density in the Universe 

and Normalization of the Power Spectrum

Normalization 
of power 
spectrum

Figure 10: Left: Joint 68.3% and 95.4% confidence regions for the mean matter density and perturbation
amplitude from the abundance of clusters in the maxBCG sample (z < 0.3) compared with those fromWMAP
data (Dunkley et al. 2009) for spatially flat ΛCDM models. The shaded region indicates the combination
of the two data sets. From Rozo et al. (2010). Right: Constraints on the dark energy density and equation
of state from the abundance and growth of clusters in the 400 Square Degree sample (z < 0.9) compared
with those from WMAP, SNIa (Davis et al. 2007) and BAO (Eisenstein et al. 2005; Percival et al. 2007) for
spatially flat, constant w models. Note that, contrary to the convention followed in the other figures, the
shaded regions in the right panel indicate only 39.3% confidence. The tight contraints from WMAP compared
with Figure 11 result from the fact that a simplified analysis was used, in particular neglecting the influence
of dark energy on the Integrated Sachs-Wolfe effect (e.g. Spergel et al. 2007). From Vikhlinin et al. (2009b).

Figure 11: Joint 68.3% and 95.4% confidence regions for the dark energy equation of state and mean matter
density (left) or perturbation amplitude (right) from the abundance and growth of RASS clusters at z < 0.5
(labeled XLF; Mantz et al. 2010b) and fgas measurements at z < 1.1 (Allen et al. 2008), compared with
those from WMAP (Dunkley et al. 2009), SNIa (Kowalski et al. 2008) and BAO (Percival et al. 2010) for
spatially flat, constant w models. Combined results from RASS clusters and WMAP are shown in gray in the
right panel; gold contours in both panels show the combination of all data sets. The BAO-only constraint
differs from that in Figure 10 due to the use of different priors. Adapted from Mantz et al. (2010b, the BAO
constraints in the left panel have been updated to reflect more recent data).
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cluster survey

There’s a 
degeneracy here:

Cluster Mass 
Function 

Constrains:
σ8(ΩM)1/2

So a higher σ8,  lower ΩM and lower σ8,  
higher ΩM both match observations



Last week we spoke about how we normalize 
the Matter Power Spectrum

It is through this σ8 parameter



While deriving correlation function and Power 
spectrum from galaxy survey, one thing we are 

particularly interested in is the normalization of the 
power spectrum

This is defined using this parameter σ8 (intended 
to represent the root-mean-squared fluctuations 

in a 8 h-1Mpc volume):

The Power Spectrum

Normalizing the Power Spectrum

Recall that must derive the normalization of the power spectrum empirically.

A convenient way to parameterize the normalization is quantifying the variance 
of fluctuation amplitudes in spheres of R = 8h-1 Mpc radii.  In the nearby 

Universe, this has been measured from galaxies to be:

Accordingly this is the dispersion of the dark matter density contrast averaged over 
spheres of radius R=8 h-1 Mpc, 

these are related by the bias factor using our previous relations

Friday, April 23, 2010

The Power Spectrum

We therefore have an equation for the evolution of the Power Spectrum:

The Initial Power Spectrum

where the constant A is the overall normalization -- it can *not* be determined 
from theory but must be fixed by measurements of the power spectrum.  

The initial power spectrum is:

Friday, April 23, 2010

(related to the A parameter here)

Size of density fluctuations in a volume really 
defines the amplitude of power spectrum

(8 h-1 Mpc was chosen 
because appeared close to 1)

(ns = 1)



We may see more discussion of σ8 later today 
in this week’s lecture on weak lensing and 

cosmic shear  



What can we learn from 
galaxy clusters?

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)

3.  Derive Ωm based on relative mass in gas and dark 
matter in clusters

4.  Probe matter power spectrum and Ωm from the 
observed clustering of galaxy clusters

2.  Probe cosmological parameters by examining how 
the apparent volume density of clusters evolve



We also want to see how the mass 
function for clusters evolves with cosmic 

time...

Of course, we are not simply interested in 
using clusters to learn about mass function 

of z=0 universe



So, we can use searches for clusters at 
higher redshift to constrain the 

cosmological parameters

Different cosmological parameters imply 
different growth rates for clusters...



The rate at which structures grow in the universe depends 
upon the cosmological parameters:CHAPTER 2. THE COSMOLOGICAL STANDARD MODEL 13

formula

D+(a) =
5a
2
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1
2
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1 +

1
70
⇥�

⇥⌅�1

,

(2.20)
where the density parameters have to be evaluated at the scale
factor a;

• a very important length scale for cosmic structure growth is set
by the horizon size at the end of the radiation-dominated phase;
structures smaller than that became causally connected while ra-
diation was still dominating; the fast expansion due to the radia-
tion density inhibited further growth of such structures until the
matter density became dominant; small structures are therefore
suppressed compared to large structures which became causally
connected only after radiation domination; the horizon size at the
end of the radiation-dominated era thus divides between larger
structures which could grow without inhibition, and smaller struc-
tures which were suppressed during radiation domination; it turns
out to be

req =
c

H0

a3/2
eq⌥

2⇥m,0
; (2.21)

2.5.2 The power spectrum

• it is physically plausible that the density contrast in the Universe
is a Gaussian random field, i.e. that the probability for finding a
value between � and � + d� is given by a Gaussian distribution;
the principal reason for this is the central limit theorem, which
holds that the distribution of a quantity which is obtained by su-
perposition of random contributions which are all drawn from the
same probability distribution (with finite variance) turns into a
Gaussian in the limit of infinitely many contribtions;

• a Gaussian random process is characterised by two numbers, the
mean and the variance; by construction, the mean of the density
contrast vanishes, such that the variance defines it completely;

• in linear approximation, density perturbations grow in place, as
eq. (2.19) shows because the density contrast at one position ⇧x
does not depend on the density contrast at another; as long as
structures evolve linearly, their scale will be preserved, which im-
plies that it is advantageous to study structure growth in Fourier
rather than in configuration space;

• the variance of the density contrast �̂(⇧k) in Fourier space is called
the power spectrum

⇧
�̂(⇧k)�̂⇥(⇧k⇧)

⌃
⌅ (2⇥)3P�(k) �D(⇧k � ⇧k⇧) , (2.22)

Depend upon the growth factor (linear regime):

where a is size of universe and Ωm, ΩΛ are all evaluated in the past

structure grow efficiently when Ω = 1 (since density is closer to 1 where slight overdensities cause collapse)

Ωm=0.3, ΩΛ=0.0

Ωm=0.3, ΩΛ=0.7

Ωm=1.0, ΩΛ=0.0

Growth 
factor
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Growth of structures

14

Borgani & Guzzo, Nature, 2001

Example showing the role of galaxy clusters in tracing the cosmic 
evolution, in particular dark matter and dark energy contents.

Ω m
=

0.
3,

 Ω
Λ=

0.
7

Ω m
=

1.
0

Note that the two 
cluster models agree at 

redshift z=0 (the 
present day) by 
construction.

However, there are large 
differences between these 

models in the past.

z=1.4

z=1.4

z=0.6

z=0.6

Different cosmological parameters imply 
different growth rates for clusters...

z=0.0

z=0.0



Different cosmological parameters imply 
different growth rates for clusters...

Source Counts: The Effect of Cosmology
log N  (per unit area

and unit flux or mag)

! log f         or       magnitude "

Model with a lower density and/or
! > 0 has more volume and thus
more sources to count

Model with a higher density and/or
! " 0 has a smaller volume and thus
fewer sources to count

For nearby, bright sources, these effects are
small, and the counts are close to Euclidean

(with no evolution!)
Source Counts: The Effect of Evolution

log N  (per unit area

and unit flux or mag)

! log f         or       magnitude "

Luminosity evolution
moves fainter sources(more

distant and more numerous) to brighter
fluxes, thus producing excess counts, since
generally galaxies were brighter in the past

No evolution

In order to distinguish between
the two evolution mechanisms,
redshifts are necessary

(at a fixed cosmology!)

Evolution

Density evolution means that there was some galaxy
merging, so there were more fainter pieces in the past,
thus also producing excess counts at the faint end

Galaxy Counts in

Practice

The deepest galaxy

counts to date come from

HST deep and ultra-deep

observations, reaching

down to ~ 29th mag

All show excess over the

no-evolution models,

and more in the bluer

bands

The extrapolated total

count is ~ 1011 galaxies

over the entire sky

Abundance of Rich Galaxy Clusters
• Given the number density of

nearby clusters, we can calculate
how many distant clusters we
expect to see

• In a high density universe,
clusters are just forming now,
and we don’t expect to find any
distant ones

• In a low density universe, clusters
began forming long ago, and we
expect to find many distant ones

• Evolution of cluster abundances:

– Structures grow more slowly in a low density universe, so we
expect to see less evolution when we probe to large distances

– Expected number in survey grows because volume probed within
a particular spot on the sky increases rapidly with distance

The Angular Diameter Test
Angular

size

redshift

Model with a lower
density and/or ! > 0

Model with a higher
density and/or ! " 0

Requires a population on non-evolving sources

with a fixed proper size  - “standard rulers”.

Some suggested candidates:

•  Isophotal diameters of brightest cluster gal.

•  Mean separation of galaxies in clusters

•  Radio source lobe separations

•  …

The Angular Diameter Test:

Some Early Examples

Brightest cluster ellipticals #

Clusters of galaxies

$

Again,

evolution

overwhelms

the

cosmological

effects …

Simple Illustration of 
how many clusters 

one would expect to 
find in various 

cosmological models 
as a function of 

redshift 

Note that there are 
essentially no clusters 
at high redshift in the 
Ωm=1.0, ΩΛ=0.0 model



R. Fassbender: Introduction to Observational Cosmology I – WS09/10 29

DarkDark EnergyEnergy Status 2004Status 2004

thethe emergenceemergence of of ConcordanceConcordance CosmologyCosmology

Source: Schuecker et al., 2004; http://www.eso.org/public/images/eso0419d/

combinedcombined resultsresults fromfrom
CMB, SN CMB, SN IaIa, and , and GalaxyGalaxy ClustersClusters

different methods have different 
degeneracies, combining them provides 
strong constraints

strong need for  Dark Energy component
with !DE~0.7

R. Fassbender: Introduction to Observational Cosmology I – WS09/10 30

2) Galaxy Cluster Results III2) Galaxy Cluster Results III

(iv) Evolving Gas Mass Fraction: (L11)  
geometric standard rod test

(v)  Evolution of the Cluster Mass Function: (L10)
measures a combination of structure growth and comoving volume elements

the influence of Dark Energy can be directly probed with galaxy clusters
by studying the redshift evolution towards higher z  

observed 
mass function 
with Dark Energy

without  
Dark Energy

Source: Vikhlinin et al. 2009

5!detection
of Dark Energy
from Clusters 
alone

Here we exploit differences in the rates of structure growth, 
volume element, and luminosity distance DL

The evolution of the cluster mass function also breaks degeneracy between 
σ8 and ΩM

Different cosmological parameters imply 
different growth rates for clusters...

Ωm=0.3, ΩΛ=0.0Ωm=0.3, ΩΛ=0.7

Vikhlinin et al. 2009 (Chandra Cluster Cosmology Project)



What can we learn from 
galaxy clusters?

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)

3.  Derive Ωm based on relative mass in gas and dark 
matter in clusters

4.  Probe matter power spectrum and Ωm from the 
observed clustering of galaxy clusters

2.  Probe cosmological parameters by examining how 
the apparent volume density of clusters evolve



Use fractional composition of cluster in 
baryons and dark matter to infer 

composition of universe

(total baryonic mass in gas + stars)

(total mass of cluster)
=

Ωb

Ωm
= fgas

Total baryonic mass in gas + stars:
-- use x-ray light profile and spectrum to infer 

mass in gas
-- use optical light to infer mass in stars

Total mass in cluster:
-- use x-ray light profile, gravitational lensing properties 



Use fractional composition of cluster in 
baryons and dark matter to infer 

composition of universe

(total baryonic mass in gas + stars)

(total mass of cluster)
=

Ωb

Ωm
= fgas

Total baryonic mass in gas + stars:
-- use x-ray light profile and spectrum to infer 

mass in gas

-- use optical light to infer mass in stars

Total mass in cluster:
-- use x-ray light profile, gravitational lensing properties 

As we showed in the dark matter lecture, we can 
use this to demonstrate that Ωm ~ 0.3
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Gas mass fraction

31

Since galaxy clusters collapse from a scale of ~10 Mpc, they are 
expected to contain a fair sample of the baryonic content of the 
universe (mass segregation is not believed to occur at such large 
scales).

The gas mass fraction, fgas, is therefore a reasonable estimate of the 
baryonic mass fraction of the cluster. It should also be reasonable 
approximation to the universal baryon mass fraction, fB = ΩB / Ωm

                                   In reality, fgas ! fB always!
M

an
tz

, A
lle

n 
et

 a
l.

From the lecture on the dark matter content 
of the universe:



What can we learn from 
galaxy clusters?

1.  Probe σ8 and Ωm through measured mass function 
of galaxy clusters (clusters probed mass function of collapsed structures)

3.  Derive Ωm based on relative mass in gas and dark 
matter in clusters

4.  Probe matter power spectrum and Ωm from the 
observed clustering of galaxy clusters

2.  Probe cosmological parameters by examining how 
the apparent volume density of clusters evolve



R. Fassbender: Introduction to Observational Cosmology I – WS09/10 27

2) Galaxy Cluster Results I2) Galaxy Cluster Results I

(i)   Cluster Baryon Mass Fraction:
measure baryon fraction in clusters fb=Mb/Mtot~0.12-0.14 and use robust 
baryon density from nucleosynthesis !b ~0.045 to obtain
!!!!m= !!!!b / fb ~ 0.3

(ii)   Local Cluster Luminosity Function:
as proxy of the mass function (L10-L11)

• local low-z studies of galaxy clusters can provide strong constraints on
the matter density !m and "8 (more details in L10+L11) 

• cluster results have pointed towards a low matter density !!!!m~0.3
Universe for a long time

• on combination with the (almost) flat geometry from CMB measurements
Dark Energy is needed to close the energy gap

Source: H.Böhringer

R. Fassbender: Introduction to Observational Cosmology I – WS09/10 28

CCM [0.3,0.7,-1]

EdS [1.0,0,0]

non-linear 
parts 

2) Galaxy Cluster Results II2) Galaxy Cluster Results II

Model PS:

Observations:

(iii)  Power Spectrum of Clusters (and other LSS tracers) : (L4+L6)

the peak of the PS imprints the 

particle horizon scale at
matter-radiation equality

the higher !m ! the earlier tequ

!the smaller the horizon scale
!the larger keq

!PS peak shifts to right

REFLEX 
Cluster Survey

+ 
other LSS tracers

Source: Schuecker et al., 2001

REFLEX survey + 
other measures of 
the matter power 

spectrum

Schuecker et al. 2001

We can also galaxy clusters to probe 
clustering on large scales in the same 

way we use galaxies to do this



We can also use galaxy clusters to 
probe clustering on large scales in the 
same way we use galaxies to do this

R. Fassbender: Introduction to Observational Cosmology I – WS09/10 29

DarkDark EnergyEnergy Status 2004Status 2004

thethe emergenceemergence of of ConcordanceConcordance CosmologyCosmology

Source: Schuecker et al., 2004; http://www.eso.org/public/images/eso0419d/

combinedcombined resultsresults fromfrom
CMB, SN CMB, SN IaIa, and , and GalaxyGalaxy ClustersClusters

different methods have different 
degeneracies, combining them provides 
strong constraints

strong need for  Dark Energy component
with !DE~0.7
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2) Galaxy Cluster Results III2) Galaxy Cluster Results III

(iv) Evolving Gas Mass Fraction: (L11)  
geometric standard rod test

(v)  Evolution of the Cluster Mass Function: (L10)
measures a combination of structure growth and comoving volume elements

the influence of Dark Energy can be directly probed with galaxy clusters
by studying the redshift evolution towards higher z  

observed 
mass function 
with Dark Energy

without  
Dark Energy

Source: Vikhlinin et al. 2009

5!detection
of Dark Energy
from Clusters 
alone

very similar to results I showed you 
last week for galaxy clustering studies



So the game is to determine 
the w parameter and how it depends on redshift

There are four standard methods:

1.  Supernovae Ia
-- use of standard candles to establish distance-redshift relation

-- first established existence of dark energy >20 years ago

(lecture 4)

2.  Baryonic Acoustic Oscillations
-- gives us a standard rod to establish distance-redshift relation 

with low systematics

(last lecture)

3.  Galaxy Clusters
-- provide us with sensitive probe of growth of structure
-- early evidence for low Ωm

(this lecture)

4.  Weak Gravitational Lensing
-- provide us with sensitive probe of growth of structure
-- powerful technique still in process of realizing full potential

(this lecture)


