
Insight into Dark Energy from 
SNe 

+
Inventory of the Universe



Layout of the Course

Feb 5:  Introduction / Overview / General Concepts
Feb 12:  Age of Universe / Distance Ladder / Hubble Constant
Feb 19: Distance Ladder / Hubble Constant / Distance Measures
Feb 26:   Distance Measures / SNe science / Baryonic Content
Mar 4:  Dark Matter Content of Universe / Cosmic Microwave Background
Mar 11: Cosmic Microwave Background
Mar 18: Cosmic Microwave Background / Large Scale Structure
Mar 25:  Baryon Acoustic Oscillations / Dark Energy / Clusters
Apr 1:  No Class
Apr 8: Clusters / Cosmic Shear
Apr 15: Dark Energy Missions / Review for Final Exam

May 13:  Final Exam

This Week



Problem Set #1

Due Wednesday, February 28, 
2024



Review Material from Last Week



Measure the relative velocities to galaxies from their 
Doppler shifts and distances...

Need to reach distances of >50-100 Mpc

Because of the “noise” introduced by peculiar velocities (from 
local gravitational forces) into the overall velocity field governed 
by the Hubble expansion, we need to reach greater distance to

measure H0

H0 = v / d

Deriving the Hubble constant 
In principle, this is very straightforward:



Cepheids and RR Lyraes
Planetary Nebula LF
Globular Cluster LF

 Brightest Stars

Surface Brightness Fluctuations

Type Ia Supernovae

Dn-σ
Tully-Fisher and Faber Jackson

Secondary methods
(calibrated based on primary methods)

Methods Bypassing Distance Ladder

(local, primarily geometric)

Primary Methods

Parallax (Trigonometric, Secular,
Statistical)

Moving Cluster
Main Sequence Fitting to Star Clusters

Radar Echo

Light Echo

Eclipsing Star

Wasselink-Baade Method

Gravitational lens time delays

Sunyaev-Zeldovich effect (from galaxy clusters)

Water Masers



Establishes basic measures of distance and time in all 
extragalactic cosmological measurements

Age of Universe ~ 1/H0

Distance to Faraway Galaxy ~ cz/H0 ~ 1/H0

Luminosity of Faraway Galaxy ~ flux x (4πD2)

~ flux x 4π(cz/H0)2

~ 1/H02

Why is Hubble constant important?



In constructing the distance ladder and deriving the Hubble 
constant, we’ve effectively treated space as Euclidean:

flux = L / 4πD2

θgalaxy = Radiusgalaxy / D

“Angular size”

But in reality it is not �
(at sufficiently large distances)

“closed”

“flat”

“open”
Ω > 1 

Ω < 1 

Ω = 1 



To determine the topology of the universe on larger 
scales, we need to move beyond the Hubble 

constant and derive other parameters.

H0 Hubble Constant�
ΩM     Matter Density in Matter�
ΩΛ      Density of Dark Energy  �
Ωb      Matter Density in Baryons�
Ωr       Energy Density in Radiation �
ns       Slope of Primordial Power Spectrum�
σ8 RMS fluctuations of the mass density in spheres of �

8h-1 Mpc
w ‘w’ parameter

determine 
these



How to determine these parameters?

We take advantage of two things we can observe:

1.  Redshift of Far-Away Sources

Redshift immediately tells the relative size of the universe when the source 
emitted its light to what it is now
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R(Ṙ/R)
=

∫ R

0

dR

RH(R)
(2)

H(R)2 = H2
0

[

Ωm,0R
−3 + Ωr,0R

−4 + ΩΛ,0 + Ωk,0R
−2

]

(3)

H(R)2 = H2
0E

2(R) (4)

E2(R) = [Ωm,0R
−3 + Ωr,0R

−4 + ΩΛ,0 + Ωk,0R
−2] (5)

Ωk = 1− Ωm − Ωr − ΩΛ (6)

H(R) = H0R
−3/2 (7)

t =
∫ t

0

dR

R(Ṙ/R)
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redshift

Determine from the position of emission or absorption lines

2.  Distances to Far-Away Sources
We can measure the distances to far-away sources as in this lecture by taking 

advantage of standard candles or standard rods.

Then, we determine how the distance we measure to sources compares with 
their measured redshifts...

Different densities in matter and dark energy predict different relationships 
between these quantities



Now onto new material...



Cosmological Distances

-- Proper Distance

Start with the distance measure in Friedmann-Robertson Walker metric:
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Cosmological Distances

More useful to manipulate equation as follows to come up 
with an expression expressing how far light would travel in 

terms of the comoving coordinate r in time t.

This expression will be useful for all other distance 
measures we will consider here.

Proper Distances are not especially practical to measure 
for applications in observational cosmology!



Cosmological Distances
More useful to manipulate equation as follows
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Cosmological Distances
More useful to manipulate equation as follows
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This tells us to which comoving coordinate r light 
would travel, from the present day t = 0 to some 

time t (redshift z) in the past.



Luminosity distance
flux = L / 4πDL2

Angular-diameter distance

θ = Radiusgalaxy / DA

Now let’s apply these to the three main distance 
measures people discuss:

Proper Motion distance
dθ/dt = dx/dt / DM

All these distances are defined so that the standard 
formulas in Euclid geometry apply.



Let’s first look at the luminosity distance and look at this using 
illustrations to get a feel for it:

time

Example using a simple closed space time
Light cone eminating 

from source
Source



Example using a simple closed space time 
(now showing expansion of universe)

Light cone eminating 
from source

Source

time

Let’s first look at the luminosity distance and look at this using 
illustrations to get a feel for it:
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Luminosity Distance 

Ansatz: the source<is located at the origin, the observer is 

located on the sphere with radius = distance :!

S0=4(R0
2r2!

The surface of the sphere is calculated for the time  t0  :!

Definition of the luminosity distance: !

Without the effect of the redshift and 

„thinning“ of the photons :!

1. Factor   (1+z)  due to the loss of energy by the redshift!

2. Factor   (1+z)   due to time dilation from  a(t)  to  a0!

bolometric flux !"

R0r

emitter
observer

View from
above

Light cone eminating 
from source
(i.e., where we

observe it)

Let’s now work on the luminosity distance for the example

f = L/4π(R0r)2 x [effect of redshift/time delay]

r = comoving coordinate
R0: scale factor of universe:

(c/H0)Ωk−1/2

3/5/04 Chris Pearson :   Observational Cosmology 5: Observational Tools - ISAS -2004

13

Observational Tools

5.1: Cosmological Distances5.1: Cosmological Distances
Luminosity Distance, DL

Integrating F(*) over all wavelengths gives Bolometric Flux {Wm-2} 

! 

F(") =
LI"e

(1+ z)3
1

4# R
o
r( )
2
{Wm

$2
m

$1
}

! 

F =
L

4"R
o

2
r
2
(1+ z)

2
{Wm

#2
}

The Luminosity distance 

! 

F =
L

4"D
L

2

! 

D
L

= R
o
r(1+ z)

• Photons arrive less frequently at observer than when they were emitted from the source

(1+z)

2 factors of (1+z) from expanding Universe
(1+z)

• Photons lose energy as they travel from source to observer

(Observable = Flux & Luminosity) Used to measure the distance to bright objects (Observable = Flux & Luminosity) Used to measure the distance to bright objects 

In Magnitudes:

! 

m "M = 5lgDL ,Mpc +25

Two factors of (1+z) for 
(1) effect of redshifting on energy of photons

(2) time delay between photons

f = L/4π(R0r)2 / (1+z)2

L = f 4π(R0r)2(1+z)2 ⇒ DL = R0r(1+z)



Another way to assign a distance is to use the angular size dθ

dθ = L / DA 
since more distant objects 

are smaller in general!

time

light emitted

light observed

Example using a simple closed space time

Source

Note angle maintained as universe expands!

Where it will be observed



Another way to assign a distance is to use the angular size dθ

dθ = L / DA 
since more distant objects 

are smaller in general!

Example using a simple closed space time

Source

Where it will be observed

θ2θ1

Consider FRW metric again where the 
coordinates of the emitter are as 

follows:

one side of emitter: (r, θ1, Φ) 
other side of emitter: (r, θ2, Φ) 

dθ = L / (R(te)r)What is dθ?

DA = R(te)r

DA = (R(t0)/(1+z))r
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Luminosity Distance 

Ansatz: the source<is located at the origin, the observer is 

located on the sphere with radius = distance :!

S0=4(R0
2r2!

The surface of the sphere is calculated for the time  t0  :!

Definition of the luminosity distance: !

Without the effect of the redshift and 

„thinning“ of the photons :!

1. Factor   (1+z)  due to the loss of energy by the redshift!

2. Factor   (1+z)   due to time dilation from  a(t)  to  a0!

bolometric flux !"

R(te)r

observer 
(r=0)

emitter

L dθ

View from above
dθ = ⎮θ1 − θ2⎮

L



Another distance measure is a proper motion distance
dθ/dt, i.e., angle on sky per unit time.

DM = (dL/dt0) / (dθ/dt0)

As for angular diameter distance, angle on sky is determined by 
when a source emits its light…   but then there is time delay…

DM = DA(t0) (1+z)

So



Cosmological Distances

Comparison of Distance Measures:

Proper Motion Distance: DM = R0r

Luminosity Distance: DL = R0r(1+z)

Angular Diameter Distance: DA = R0r/(1+z)

DL = DM (1+z) = DA (1+z)2

DP = DM = DL = DA

At close enough distances (where 
cosmological redshift z ~ 0)

R0 = (c/H0)Ωk−1/2



What are the values of these 
distances for a given redshift 

in real cosmologies?



Luminosity 
Distance

Ωm = 0.2, 
ΩΛ = 0.8

Ωm = 0.2, 
ΩΛ = 0.0

Ωm = 1.0, 
ΩΛ = 0.0

Different densities for matter and dark energy predict 
different relationships between distance and redshift

The relationship between distance and redshift depends on 
the matter/dark energy density of the universe due to their 

impact on the expansion rate of the universe.



Luminosity 
Distance

Ωm = 0.2, 
ΩΛ = 0.8

Ωm = 0.2, 
ΩΛ = 0.0

Ωm = 1.0, 
ΩΛ = 0.0

Different densities for matter and dark energy predict 
different relationships between distance and redshift

Two different ways of increasing 
the luminosity distance:
  1) Increase ΩΛ
  2) Decrease Ωm



Ωm = 0.2, 
ΩΛ = 0.8

Ωm = 0.2, 
ΩΛ = 0.0

Ωm = 1.0, 
ΩΛ = 0.0

Different densities for matter and dark energy predict 
different relationships between distance and redshift

Two different ways of increasing 
the angular diameter distance:
  1) Increase ΩΛ
  2) Decrease Ωm

Angular 
Diameter 
Distance



Ωm = 0.2, 
ΩΛ = 0.8 Ωm = 0.2, 

ΩΛ = 0.0

Ωm = 1.0, 
ΩΛ = 0.0

Different densities for matter and dark energy predict 
different relationships between distance and redshift

Two different ways of increasing 
the proper motion distance:
  1) Increase ΩΛ
  2) Decrease Ωm

Proper 
Motion 

Distance



Cosmological Volume Element

-- Also useful to know the differential volume element we’re 
looking through as a function of distance (to quantify the 

volume density of galaxies, galaxy clusters we find in searches)

Volume element in an Expanding Universe 

We also want to determine the differential volume element (dV) 
as a function of distance (or redshift). 

In Euclidean space: 

In general we need to account for spacetime and the 
expansion of the universe.  This is (again!) non-analytic. 
For "=0: 

Lookback time and the age of the universe: 

We saw last time that for a "=0 universe the age of the universe, 
t0, is somewhere between 2/3 (1/H0) and 1/H0.  We can also define 
the lookback time as how far back we are looking when we observe 
an object at a redshfit z, tL= t0 – t(z) where t(z) is the age of the  
universe at t(z).   Lookback time and age can be determined by 
integrating the Friedmann equation.  These equations are (again!)  
in general non-analytic, but note that to within a few % for  
non-zero " universe: 

What happens in various cosmological models? 

In order to get a feel for the effects of cosmology on these 
parameters, plotting the values for various models is extremely  
helpful! 

Model !m !"  

Einstein- 

de Sitter 

1 0 

Low density 0.05 0 

High " 0.2 0.8 

How do we do these calculations? 

Write your own code to do the numerical integrations, look 
them up, OR use Ned Wright’s Cosmology Caluclator! 

Accounting for expansion and spacetime:
dV = (c/H0) 4πDL2 / [(1+z)2 (H(z)/H0)]dz

In Euclidean space:
dV = r2 sin θ dr dθ dϕ



Ωm = 0.2, 
ΩΛ = 0.8

Ωm = 0.2, 
ΩΛ = 0.0

Ωm = 1.0, 
ΩΛ = 0.0

Different densities for matter and dark energy predict 
different relationships between distance and redshift

Two different ways of increasing 
the cosmological volume:
  1) Increase ΩΛ
  2) Decrease Ωm

Comoving 
volume



As we can see, these distances 
and volumes for a given redshift 
depend very sensitively on the 

cosmological parameters

Because of this sensitivity, we can 
go out and try to measure each 
of these quantities as a function 

of redshift to derive Ωm, ΩΛ



One particularly fruitful 
approach is rely on the 
sensitivity of distance 

measures to cosmology

Identify standard candles in 
early universe and use those 

to constrain cosmology
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Cosmological Distance Scale

4.3: Secondary Distance Indicators4.3: Secondary Distance Indicators
Supernova Ia Measurements

SN1994D in NGC4526

White dwarf pushed over Chandrasekhar limit by accretion

begins to collapse against the weight of gravity, but rather than

collapsing , material is ignited consuming the star in an an

explosion 10-100 times brighter than a Type II supernova

Supernova !

Massive star M>8Mo

Type Ib,c (H poor massive Star M>8Mo)

Stellar wind or stolen by companion
Type Ia (M~1.4Mo White Dwarf + companion)

Type II (Hydrogen Lines) Type I (no Hydrogen lines)

(similarly applied to novae)

-- Likely occurs when a 
white dwarf is pushed 

over the Chandrashekhar 
limit of >1.4 Msolar by 

accretion from a nearby 
companion

Accretion of matter from a nearby 
companion onto a white dwarf

Exceeding the Fermi pressure, inverse beta decay 
occurs:

p + e- → n + νe + γ
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Cosmological Distance Scale

4.3: Secondary Distance Indicators4.3: Secondary Distance Indicators
Supernova Ia Measurements

SN1994D in NGC4526

White dwarf pushed over Chandrasekhar limit by accretion

begins to collapse against the weight of gravity, but rather than

collapsing , material is ignited consuming the star in an an

explosion 10-100 times brighter than a Type II supernova

Supernova !

Massive star M>8Mo

Type Ib,c (H poor massive Star M>8Mo)

Stellar wind or stolen by companion
Type Ia (M~1.4Mo White Dwarf + companion)

Type II (Hydrogen Lines) Type I (no Hydrogen lines)

(similarly applied to novae)

-- Likely occurs when a 
white dwarf is pushed 

over the Chandrashekhar 
limit of >1.4 Msolar by 

accretion from a nearby 
companion

Accretion of matter from a nearby 
companion onto a white dwarf

Instead of collapsing, material in the star ignites in 
fusion type reactions producing a huge amount of Ni56 
(0.5 Msol) and a very luminous supernovae explosion
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Cosmological Distance Scale

4.3: Secondary Distance Indicators4.3: Secondary Distance Indicators
Supernova Ia Measurements

Supernovae: luminosities - entire galaxy~1010Lo

(1012Lo in neutrinos)

SN1994D in NGC4526 in Virgo Cluster (15Mpc)

Supernova Ia: 

•Found in Ellipticals and Spirals (SNII only spirals)

•Progenitor star identical

• Characteristic light curve fast rise, rapid fall, 

• Exponential decay with half-Life of 60 d.

(from radioactive decay Ni56 . Co56 . Fe56)

• Maximum Light is the same for all SNIa !!

! 

M
B ,max = "18.33+ 5lgh100 L ~ 1010L

o{ }

Supernovae Ia have same luminosity as an entire galaxy
(but only for ~1 month)
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Cosmological Distance Scale

4.3: Secondary Distance Indicators4.3: Secondary Distance Indicators
Supernova Ia Measurements

SN1994D in NGC4526

White dwarf pushed over Chandrasekhar limit by accretion

begins to collapse against the weight of gravity, but rather than

collapsing , material is ignited consuming the star in an an

explosion 10-100 times brighter than a Type II supernova

Supernova !

Massive star M>8Mo

Type Ib,c (H poor massive Star M>8Mo)

Stellar wind or stolen by companion
Type Ia (M~1.4Mo White Dwarf + companion)

Type II (Hydrogen Lines) Type I (no Hydrogen lines)

(similarly applied to novae)
Are found in both elliptical 
galaxies and spiral galaxies

Accretion of matter from a nearby 
companion onto a white dwarf

10-100 times brighter than 
other supernovae

Can be seen to great 
distance, >2000 Mpc



To derive luminosity distances, SN 
Ia must be a standard candle?

Are they standard
candles?



The luminosity of Supernovae Ia varies somewhat 
depending upon the decay time for the light curve

Phillips relation (Phillips et al. 1996)
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• This relation between the light-curve shape and the brightness can
be used to standardise type-Ia supernovae. It was seen as a major
problem for their cosmological interpretation that the origin for
this relation was unknown, and that its application to high-redshift
supernovae was based on the untested assumption that the relation
found and calibrated with local supernovae would also hold there.
Recent simulations indicate that the relation is an opacity e�ect:
brighter supernovae produce more 56Ni and thus have a higher
metallicity, which causes the envelope to be more opaque, the en-
ergy transport through it to be slower, and therefore the supernova
to last longer.

Lightcurves of type-Ia supernovae
before (top) and after correction.

• Thus, before a type-Ia supernova can be used as a standard candle,
its duration must be determined, which requires the light-curve to
be observed over su⇥ciently long time. It has to be taken into
account here that the cosmic expansion leads to a time dilation,
due to which supernovae at redshift z appear longer by a factor
of (1 + z). We note in passing that the confirmation of this time
dilation e�ect indirectly confirms the cosmic expansion. After the
standardisation, the scatter in the peak brightnesses of nearby su-
pernovae is substantially reduced. This encourages (and justifies)
their use as standardisable candles for cosmology.

• The remaining relative uncertainty is now typically between
10 . . . 15% for individual supernovae. Since, as we have seen fol-
lowing (12.7), we require relative distance uncertainties at the per
cent level, of order a hundred distant supernovae are required be-
fore meaningful cosmological constraints can be placed, which
justifies the remark after (12.8).

• An example for the several currently ongoing supernova surveys
is the Supernova Legacy Survey (SNLS) in the framework of the
Canada-France-Hawaii Legacy Survey (CFHTLS), which is car-
ried out with the 4-m Canada-France-Hawaii telescope on Mauna
Kea. It monitors four fields of one square degree each five times
during the 18 days of dark time between two full moons (luna-
tions).

• Di�erential photometry is performed to find out variables, and
candidate type-Ia supernovae are selected by light-curve fitting
after removing known variable stars. Spectroscopy on the largest
telescopes (mostly ESO’s VLT, but also the Keck and Gemini
telescopes) is then needed to identify type-Ia supernovae. To give
a few characteristic numbers, the SNLS has taken 142 spectra of
type-Ia candidates during its first year of operation, of which 91
were identified as type-Ia supernovae.

• The light curves of these objects are observed in several di�erent
filter bands. This is important to correct for interstellar absorp-

faint

bright Hamuy et al.



No they are not standard candles, but

they are standardizable

C. Porciani! Observational Cosmology! III-82!

Standardizable candles!

Similar to situation for 
variable stars
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• This relation between the light-curve shape and the brightness can
be used to standardise type-Ia supernovae. It was seen as a major
problem for their cosmological interpretation that the origin for
this relation was unknown, and that its application to high-redshift
supernovae was based on the untested assumption that the relation
found and calibrated with local supernovae would also hold there.
Recent simulations indicate that the relation is an opacity e�ect:
brighter supernovae produce more 56Ni and thus have a higher
metallicity, which causes the envelope to be more opaque, the en-
ergy transport through it to be slower, and therefore the supernova
to last longer.

Lightcurves of type-Ia supernovae
before (top) and after correction.

• Thus, before a type-Ia supernova can be used as a standard candle,
its duration must be determined, which requires the light-curve to
be observed over su⇥ciently long time. It has to be taken into
account here that the cosmic expansion leads to a time dilation,
due to which supernovae at redshift z appear longer by a factor
of (1 + z). We note in passing that the confirmation of this time
dilation e�ect indirectly confirms the cosmic expansion. After the
standardisation, the scatter in the peak brightnesses of nearby su-
pernovae is substantially reduced. This encourages (and justifies)
their use as standardisable candles for cosmology.

• The remaining relative uncertainty is now typically between
10 . . . 15% for individual supernovae. Since, as we have seen fol-
lowing (12.7), we require relative distance uncertainties at the per
cent level, of order a hundred distant supernovae are required be-
fore meaningful cosmological constraints can be placed, which
justifies the remark after (12.8).

• An example for the several currently ongoing supernova surveys
is the Supernova Legacy Survey (SNLS) in the framework of the
Canada-France-Hawaii Legacy Survey (CFHTLS), which is car-
ried out with the 4-m Canada-France-Hawaii telescope on Mauna
Kea. It monitors four fields of one square degree each five times
during the 18 days of dark time between two full moons (luna-
tions).

• Di�erential photometry is performed to find out variables, and
candidate type-Ia supernovae are selected by light-curve fitting
after removing known variable stars. Spectroscopy on the largest
telescopes (mostly ESO’s VLT, but also the Keck and Gemini
telescopes) is then needed to identify type-Ia supernovae. To give
a few characteristic numbers, the SNLS has taken 142 spectra of
type-Ia candidates during its first year of operation, of which 91
were identified as type-Ia supernovae.

• The light curves of these objects are observed in several di�erent
filter bands. This is important to correct for interstellar absorp-

Kim et al. 1997

How does it brightness vary with time?

Light Curve is the same, 
Rapid Rise, Rapid Fall
Maximum Light is the 

same for all SNIa

Decay Half-light 77 days 
From radioactive decay 

Ni56 →Co56 → Fe56

Total Luminosity 
(absolute 

magnitudes)

Days



Before continuing, it is worthwhile remarking 
that we only require that SNe Ia’s be 

standardizable candles…

Establishing the actual luminosity of SNe are 
is important for H0

For determining Ωm,ΩΛ, we only need to know 
the relative distances



However, even after correcting for this effect, the 
luminosity of SNe Ia still varies by 10% 

(depending on which SNe Ia event one examines)

However, because this variation appears to be random, 
by observing multiple SNe Ia at the same point in 
cosmic time, one can reduce this source of error

1 SNe → 10% error
10 SNe → 10% / 101/2 ~ 3% error

100 SNe ~ 1% error

⇒ Because of this, only makes sense to measure the fluxes so well...



How do we find SNe Ia?

1.  Construct a survey
  -- image the same part of the sky repeatedly looking for them

(monitoring required every few days)
     -- subtract current image from image earlier to time to look for 

time variable event
(this can be a challenge with ground-based telescopes since smoothing 

from turbulent sky conditions may change from night to night)



C. Porciani! Observational Cosmology! III-83!

Hubble diagram from SNae Ia !



How do we find SNe Ia?

-- are the colors of the source consistent with its being a SNe Ia?

2.  Determine that source is not variable star 
or quasar

-- is the light curve consistent with its being a SNe Ia?

1.  Construct a survey
  -- image the same part of the sky repeatedly looking for them

(monitoring required every few days)
     -- subtract current image from image earlier to time to look for 

time variable event
(this can be a challenge with ground-based telescopes since smoothing 

from turbulent sky conditions may change from night to night)
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unit length, it turns out to point into the direction

⌃g =

�
�0.76
0.65

⇥
. (12.13)

• This vector rotated by 90⌅ then points into the direction in the
⇥m0-⇥�0 plane along which the luminosity distance does not
change. Thus, near the fiducial �CDM model, the parameter
combination

P ⌃ ⌃g ·
�
⇥m0

⇥�0

⇥
= �0.76⇥m0 + 0.65⇥�0 (12.14)

is degenerate. The degeneracy direction, characterised by
the vector R(�/2)⌃g = (0.65, 0.76)t, points under an angle of
arctan(0.76/0.65) = 49.5⌅ with the ⇥m0 axis, almost along the
diagonal from the lower left to the upper right corner of the pa-
rameter plane. Thus, it is almost perpendicular to the degeneracy
direction obtained from the curvature constraint due to the CMB.
This illustrates how parameter degeneracies can very e⌅ciently
be broken by combining suitably di⇤erent types of measurement.

12.2 Supernovae

12.2.1 Types and classification

Supernova 1994d in its host galaxy.• Supernovae are “eruptively variable” stars. A sudden rise in
brightness is followed by a gentle decline. They are unique events
which at peak brightness reach luminosities comparable to those
of an entire galaxy, or 1010 . . . 1011 L⇤. They reach their maxima
within days and fade within several months.

• Supernovae are traditionally characterised according to their early
spectra. If hydrogen lines are missing, they are of type I, oth-
erwise of type II. Type-Ia supernovae show silicon lines, un-
like type-Ib/c supernovae, which are distinguished by the promi-
nence of helium lines. Normal type-II supernovae have spectra
dominated by hydrogen. They are subdivided according to their
lightcurve shape into type-IIL and type-IIP. Type-IIb supernova
spectra are dominated by helium instead.

Lightcurves of supernovae of di⇤er-
ent types.• Except for type-Ia, supernovae arise due to the collapse of a mas-

sive stellar core, followed by a thermonuclear explosion which
disrupts the star by driving a shock wave through it. Core-
collapse supernovae of type-I (i.e. types Ib/c) arise from stars with
masses between 8 . . . 30 M⇤, those of type-II from more massive
stars.

Light Curves for 
different types of SNe

Core-collapse of stars with 
initial masses > 30 Msol→ 

SNe II

Core-collapse of stars with 
initial masses 8 - 30 Msol→ 

SNe Ib/Ic



3.  Obtain a spectrum of the SNe candidate to 
determine if it is a SNe Ia

How do we find SNe Ia?

This is challenging for very distant SNe -- since they can 
have magnitudes of > 23-24 mag and requires large 
telescopes

To distinguish SNe Ia from SNe Ib/Ic, need to check for the 
presence of Silicon lines (at ~6500 Angstroms rest-frame), 
so need spectroscopy in near-IR
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• Type-Ia supernovae, which we are dealing with here, arise when a
white dwarf is driven over the Chandrasekhar mass limit by mass
overflowing from a companion star. In a binary system, the more
massive star evolves faster and can reach its white-dwarf stage
before its companion leaves the main sequence and becomes a
red giant. When this happens, and the stars are close enough,
matter will flow from the expanding red giant on the white dwarf.

Early (top) and late spectra of dif-
ferent supernova types.

• Electron degeneracy pressure can stabilise white dwarfs up to the
Chandrasekhar mass limit of ⌅ 1.4 M⇥. When the white dwarf is
driven over that limit, it collapses, starts a thermonuclear runaway
and explodes. Since this type of explosion involves an approxi-
mately fixed amount of mass, it is physically plausible that the
explosion releases a fixed amount of energy. Thus, the Chan-
drasekhar mass limit is the main responsible for type-Ia super-
novae to be approximate standard candles.

• The thermonuclear runaway in type-Ia supernovae converts the
carbon and oxygen in the core of the white dwarf into 56Ni, which
later decays through 56Co into the stable 56Fe. According to de-
tailed numerical explosion models, the nuclear fusion is started at
random points near the centre of the white dwarf.

Supernova classification.

Type-Ia supernovae occur when
white dwarfs are driven over the
Chandrasekhar mass limit by mass
flowing from a companion star.

• Since the core material is degenerate, its pressure is independent
of its temperature. The mass accreted from the companion star in-
creases the pressure. Once it exceeds the Fermi pressure, inverse
beta decay sets in,

p + e� ⇧ n + ⇥e + � , (12.15)

which suddenly removes the degenerate electrons. Under the high
pressure, the temperature rises dramatically and ignites the fu-
sion. The neutrinos carry away much of the explosion energy un-
noticed because they can leave the supernova essentially without
further interaction.

• The presence of silicon lines in the type-Ia spectra indicates that
not all of the white dwarf’s material is converted into 56Ni. This
shows that there is no explosion, but a deflagration, in which the
flame front propagates at velocities below the sound speed. The
deflagration can burn the material fast enough if it is turbulent,
because the turbulence dramatically increases the surface of the
flame front and thus the amount of material burnt per unit time.
Typically, ⌅ 0.5 M⇥ of 56Ni is produced in theoretical models.

• The peak brightness is reached when the deflagration front
reaches the former white dwarf’s surface and drives it as a rapidly
expanding envelope into the surrounding space. The � photons re-
leased in the nuclear fusion processes are redshifted by scattering

SNIa

SNII

SNIc

SNIb
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• Type-Ia supernovae, which we are dealing with here, arise when a
white dwarf is driven over the Chandrasekhar mass limit by mass
overflowing from a companion star. In a binary system, the more
massive star evolves faster and can reach its white-dwarf stage
before its companion leaves the main sequence and becomes a
red giant. When this happens, and the stars are close enough,
matter will flow from the expanding red giant on the white dwarf.

Early (top) and late spectra of dif-
ferent supernova types.

• Electron degeneracy pressure can stabilise white dwarfs up to the
Chandrasekhar mass limit of ⌅ 1.4 M⇥. When the white dwarf is
driven over that limit, it collapses, starts a thermonuclear runaway
and explodes. Since this type of explosion involves an approxi-
mately fixed amount of mass, it is physically plausible that the
explosion releases a fixed amount of energy. Thus, the Chan-
drasekhar mass limit is the main responsible for type-Ia super-
novae to be approximate standard candles.

• The thermonuclear runaway in type-Ia supernovae converts the
carbon and oxygen in the core of the white dwarf into 56Ni, which
later decays through 56Co into the stable 56Fe. According to de-
tailed numerical explosion models, the nuclear fusion is started at
random points near the centre of the white dwarf.

Supernova classification.

Type-Ia supernovae occur when
white dwarfs are driven over the
Chandrasekhar mass limit by mass
flowing from a companion star.

• Since the core material is degenerate, its pressure is independent
of its temperature. The mass accreted from the companion star in-
creases the pressure. Once it exceeds the Fermi pressure, inverse
beta decay sets in,

p + e� ⇧ n + ⇥e + � , (12.15)

which suddenly removes the degenerate electrons. Under the high
pressure, the temperature rises dramatically and ignites the fu-
sion. The neutrinos carry away much of the explosion energy un-
noticed because they can leave the supernova essentially without
further interaction.

• The presence of silicon lines in the type-Ia spectra indicates that
not all of the white dwarf’s material is converted into 56Ni. This
shows that there is no explosion, but a deflagration, in which the
flame front propagates at velocities below the sound speed. The
deflagration can burn the material fast enough if it is turbulent,
because the turbulence dramatically increases the surface of the
flame front and thus the amount of material burnt per unit time.
Typically, ⌅ 0.5 M⇥ of 56Ni is produced in theoretical models.

• The peak brightness is reached when the deflagration front
reaches the former white dwarf’s surface and drives it as a rapidly
expanding envelope into the surrounding space. The � photons re-
leased in the nuclear fusion processes are redshifted by scattering
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• Type-Ia supernovae, which we are dealing with here, arise when a
white dwarf is driven over the Chandrasekhar mass limit by mass
overflowing from a companion star. In a binary system, the more
massive star evolves faster and can reach its white-dwarf stage
before its companion leaves the main sequence and becomes a
red giant. When this happens, and the stars are close enough,
matter will flow from the expanding red giant on the white dwarf.

Early (top) and late spectra of dif-
ferent supernova types.

• Electron degeneracy pressure can stabilise white dwarfs up to the
Chandrasekhar mass limit of ⌅ 1.4 M⇥. When the white dwarf is
driven over that limit, it collapses, starts a thermonuclear runaway
and explodes. Since this type of explosion involves an approxi-
mately fixed amount of mass, it is physically plausible that the
explosion releases a fixed amount of energy. Thus, the Chan-
drasekhar mass limit is the main responsible for type-Ia super-
novae to be approximate standard candles.

• The thermonuclear runaway in type-Ia supernovae converts the
carbon and oxygen in the core of the white dwarf into 56Ni, which
later decays through 56Co into the stable 56Fe. According to de-
tailed numerical explosion models, the nuclear fusion is started at
random points near the centre of the white dwarf.

Supernova classification.

Type-Ia supernovae occur when
white dwarfs are driven over the
Chandrasekhar mass limit by mass
flowing from a companion star.

• Since the core material is degenerate, its pressure is independent
of its temperature. The mass accreted from the companion star in-
creases the pressure. Once it exceeds the Fermi pressure, inverse
beta decay sets in,

p + e� ⇧ n + ⇥e + � , (12.15)

which suddenly removes the degenerate electrons. Under the high
pressure, the temperature rises dramatically and ignites the fu-
sion. The neutrinos carry away much of the explosion energy un-
noticed because they can leave the supernova essentially without
further interaction.

• The presence of silicon lines in the type-Ia spectra indicates that
not all of the white dwarf’s material is converted into 56Ni. This
shows that there is no explosion, but a deflagration, in which the
flame front propagates at velocities below the sound speed. The
deflagration can burn the material fast enough if it is turbulent,
because the turbulence dramatically increases the surface of the
flame front and thus the amount of material burnt per unit time.
Typically, ⌅ 0.5 M⇥ of 56Ni is produced in theoretical models.

• The peak brightness is reached when the deflagration front
reaches the former white dwarf’s surface and drives it as a rapidly
expanding envelope into the surrounding space. The � photons re-
leased in the nuclear fusion processes are redshifted by scattering

SNIa

SNII

SNIc

SNIb

XXX
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• Type-Ia supernovae, which we are dealing with here, arise when a
white dwarf is driven over the Chandrasekhar mass limit by mass
overflowing from a companion star. In a binary system, the more
massive star evolves faster and can reach its white-dwarf stage
before its companion leaves the main sequence and becomes a
red giant. When this happens, and the stars are close enough,
matter will flow from the expanding red giant on the white dwarf.

Early (top) and late spectra of dif-
ferent supernova types.

• Electron degeneracy pressure can stabilise white dwarfs up to the
Chandrasekhar mass limit of ⌅ 1.4 M⇥. When the white dwarf is
driven over that limit, it collapses, starts a thermonuclear runaway
and explodes. Since this type of explosion involves an approxi-
mately fixed amount of mass, it is physically plausible that the
explosion releases a fixed amount of energy. Thus, the Chan-
drasekhar mass limit is the main responsible for type-Ia super-
novae to be approximate standard candles.

• The thermonuclear runaway in type-Ia supernovae converts the
carbon and oxygen in the core of the white dwarf into 56Ni, which
later decays through 56Co into the stable 56Fe. According to de-
tailed numerical explosion models, the nuclear fusion is started at
random points near the centre of the white dwarf.

Supernova classification.

Type-Ia supernovae occur when
white dwarfs are driven over the
Chandrasekhar mass limit by mass
flowing from a companion star.

• Since the core material is degenerate, its pressure is independent
of its temperature. The mass accreted from the companion star in-
creases the pressure. Once it exceeds the Fermi pressure, inverse
beta decay sets in,

p + e� ⇧ n + ⇥e + � , (12.15)

which suddenly removes the degenerate electrons. Under the high
pressure, the temperature rises dramatically and ignites the fu-
sion. The neutrinos carry away much of the explosion energy un-
noticed because they can leave the supernova essentially without
further interaction.

• The presence of silicon lines in the type-Ia spectra indicates that
not all of the white dwarf’s material is converted into 56Ni. This
shows that there is no explosion, but a deflagration, in which the
flame front propagates at velocities below the sound speed. The
deflagration can burn the material fast enough if it is turbulent,
because the turbulence dramatically increases the surface of the
flame front and thus the amount of material burnt per unit time.
Typically, ⌅ 0.5 M⇥ of 56Ni is produced in theoretical models.

• The peak brightness is reached when the deflagration front
reaches the former white dwarf’s surface and drives it as a rapidly
expanding envelope into the surrounding space. The � photons re-
leased in the nuclear fusion processes are redshifted by scattering

SNIa

SNII

SNIc



What do we do with the SNe Ia 
after we find them?

1.  Correct the observed light for the fact that 
light is redshifted (and therefore the wavelength 
we’re examining a SNe Ia depends on its redshift) 

(called a “k-correction”)
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• Observe light from shorter wavelengths as z increases

• e.g. Observation at 60µm at telecope corresponds to

• 30µm at z=1 in galaxy galaxy frame

• 10µm at z=5 in galaxy galaxy frame

• 5µm at z=10 in galaxy galaxy frame

REDSHIFT

BLUE---------------RED

z=0

z=1

z=5

z=10

60µm

• Object at redshift z emits light at *e

• Observed at (1+z) *e = *o

• Observe light from Bluer part of spectrum



What do we do with the SNe Ia 
after we find them?

2.  Correct for dust extinction in the galaxy 
hosting the supernovae.

-- since SNe have a very distinctive spectral energy 
distribution, can perform this correction fairly well



What do we do with the SNe Ia 
after we find them?

3.  Correct brightness based on decay time of 
SNe Ia light curve...

Also must correct for cosmological time delay!

Time scale at which SNe Ia decays is slower by a factor of (1+z)!



The luminosity of Supernovae Ia varies somewhat 
depending upon the decay time for the light curve

Philips relation (Philips et al. 1996)

CHAPTER 12. SUPERNOVAE OF TYPE IA 132

• This relation between the light-curve shape and the brightness can
be used to standardise type-Ia supernovae. It was seen as a major
problem for their cosmological interpretation that the origin for
this relation was unknown, and that its application to high-redshift
supernovae was based on the untested assumption that the relation
found and calibrated with local supernovae would also hold there.
Recent simulations indicate that the relation is an opacity e�ect:
brighter supernovae produce more 56Ni and thus have a higher
metallicity, which causes the envelope to be more opaque, the en-
ergy transport through it to be slower, and therefore the supernova
to last longer.

Lightcurves of type-Ia supernovae
before (top) and after correction.

• Thus, before a type-Ia supernova can be used as a standard candle,
its duration must be determined, which requires the light-curve to
be observed over su⇥ciently long time. It has to be taken into
account here that the cosmic expansion leads to a time dilation,
due to which supernovae at redshift z appear longer by a factor
of (1 + z). We note in passing that the confirmation of this time
dilation e�ect indirectly confirms the cosmic expansion. After the
standardisation, the scatter in the peak brightnesses of nearby su-
pernovae is substantially reduced. This encourages (and justifies)
their use as standardisable candles for cosmology.

• The remaining relative uncertainty is now typically between
10 . . . 15% for individual supernovae. Since, as we have seen fol-
lowing (12.7), we require relative distance uncertainties at the per
cent level, of order a hundred distant supernovae are required be-
fore meaningful cosmological constraints can be placed, which
justifies the remark after (12.8).

• An example for the several currently ongoing supernova surveys
is the Supernova Legacy Survey (SNLS) in the framework of the
Canada-France-Hawaii Legacy Survey (CFHTLS), which is car-
ried out with the 4-m Canada-France-Hawaii telescope on Mauna
Kea. It monitors four fields of one square degree each five times
during the 18 days of dark time between two full moons (luna-
tions).

• Di�erential photometry is performed to find out variables, and
candidate type-Ia supernovae are selected by light-curve fitting
after removing known variable stars. Spectroscopy on the largest
telescopes (mostly ESO’s VLT, but also the Keck and Gemini
telescopes) is then needed to identify type-Ia supernovae. To give
a few characteristic numbers, the SNLS has taken 142 spectra of
type-Ia candidates during its first year of operation, of which 91
were identified as type-Ia supernovae.

• The light curves of these objects are observed in several di�erent
filter bands. This is important to correct for interstellar absorp-

faint

bright Hamuy et al.
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• This relation between the light-curve shape and the brightness can
be used to standardise type-Ia supernovae. It was seen as a major
problem for their cosmological interpretation that the origin for
this relation was unknown, and that its application to high-redshift
supernovae was based on the untested assumption that the relation
found and calibrated with local supernovae would also hold there.
Recent simulations indicate that the relation is an opacity e�ect:
brighter supernovae produce more 56Ni and thus have a higher
metallicity, which causes the envelope to be more opaque, the en-
ergy transport through it to be slower, and therefore the supernova
to last longer.

Lightcurves of type-Ia supernovae
before (top) and after correction.

• Thus, before a type-Ia supernova can be used as a standard candle,
its duration must be determined, which requires the light-curve to
be observed over su⇥ciently long time. It has to be taken into
account here that the cosmic expansion leads to a time dilation,
due to which supernovae at redshift z appear longer by a factor
of (1 + z). We note in passing that the confirmation of this time
dilation e�ect indirectly confirms the cosmic expansion. After the
standardisation, the scatter in the peak brightnesses of nearby su-
pernovae is substantially reduced. This encourages (and justifies)
their use as standardisable candles for cosmology.

• The remaining relative uncertainty is now typically between
10 . . . 15% for individual supernovae. Since, as we have seen fol-
lowing (12.7), we require relative distance uncertainties at the per
cent level, of order a hundred distant supernovae are required be-
fore meaningful cosmological constraints can be placed, which
justifies the remark after (12.8).

• An example for the several currently ongoing supernova surveys
is the Supernova Legacy Survey (SNLS) in the framework of the
Canada-France-Hawaii Legacy Survey (CFHTLS), which is car-
ried out with the 4-m Canada-France-Hawaii telescope on Mauna
Kea. It monitors four fields of one square degree each five times
during the 18 days of dark time between two full moons (luna-
tions).

• Di�erential photometry is performed to find out variables, and
candidate type-Ia supernovae are selected by light-curve fitting
after removing known variable stars. Spectroscopy on the largest
telescopes (mostly ESO’s VLT, but also the Keck and Gemini
telescopes) is then needed to identify type-Ia supernovae. To give
a few characteristic numbers, the SNLS has taken 142 spectra of
type-Ia candidates during its first year of operation, of which 91
were identified as type-Ia supernovae.

• The light curves of these objects are observed in several di�erent
filter bands. This is important to correct for interstellar absorp-

Kim et al. 1997

SNe light curve (after correction)

faint

bright



4.  Calculate luminosity distance for each SNe 
Ia.

DL = (Lcandle/(4π f))1/2

f = flux

What do we do with the SNe Ia 
after we find them?

3.  Correct brightness based on decay time of 
SNe Ia light curve...

Also must correct for cosmological time delay!

Time scale at which SNe Ia decays is slower by a factor of (1+z)!



5.  Plot luminosity distance versus redshift

CHAPTER 12. SUPERNOVAE OF TYPE IA 133

tion. Any dimming by intervening material makes supernovae
appear fainter, and thus more distant, and will bias the cosmolog-
ical results towards faster expansion. Since the intrinsic colours
of type-Ia supernovae are characteristic, any deviation between
the observed and the intrinsic colours signals interstellar absorp-
tion which is corrected by adapting the amount of absorption such
that the observed is transformed back into the intrinsic colour.

• This correction procedure is expected to work well unless there is
material on the way which absorbs equally at all wavelengths, so-
called “grey dust”. This could happen if the absorbing dust grains
are large compared to the wavelength. Currently, it is quite di⌅-
cult to concusively rule out grey dust, although it is implausible
based on the interstellar absorption observed in the Galaxy.

Distances to type-Ia supernovae (in
logarithmic units) as a function of
their redshift, as measured by the
Supernova Legacy Survey.

• After applying the corrections for absorption and duration, each
supernova yields an estimate for the luminosity distance to its red-
shift. Together, the supernovae in the observed sample constrain
the evolution of the luminosity distance with redshift, which
is then fit varying the cosmological parameters except for H0,
i.e. typically ⇥m0 and ⇥�0. This yields an “allowed” region in
the ⇥m0-⇥�0 plane compatible with the measurements which is
degenerate in the direction calculated before.

Cosmological parameter constraints
derived from the same data.

• More information or further assumptions are necessary to break
the degeneracy. The most common assumption, justified by the
CMB measurements, is that the Universe is spatially flat. Based
upon it, the SNLS data yield a matter density parameter of

⇥m0 = 0.263 ± 0.037 . (12.16)

This is a remarkable result. First of all, it confirms the other in-
dependent measurements we have already discussed, which were
based on kinematics, cluster evolution and the CMB. Second, it
shows that, in the assumed spatially flat universe, the dominant
contribution to the total energy density must come from some-
thing else than matter, possibly the cosmological constant.

• It is important for the later discussion to realise in what way the
parameter constraints from supernovae di⇤er from those from the
CMB. The fluctuations in the latter show that the Universe is at
least nearly spatially flat, and the density parameters in dark and
baryonic matter are near 0.25 and 0.045, respectively. The rest
must be the cosmological constant, or the dark energy. Arising
early in the cosmic history, the CMB itself is almost insensitive
to the cosmological constant, and thus it can only constrain it
indirectly.

• Type-Ia supernovae, however, measure the angular-diameter dis-
tance during the late cosmic evolution, when the cosmological

What do we do with the SNe Ia 
after we find them?

Δm  
= m - M

= 5 log10(D / 10 pc)

Distance modulus

Supernovae seem to be 25% 
fainter than one would expect 
if universe were decelerating 



Measuring q0 and " 

•! Until recently cosmological tests for measuring the deceleration 

parameter q0 were stymied to the lack of a good standard candle or 
standard ruler that could be measured at large redshifts 

•! People tried to measure q0 from using the Hubble diagram of brightest 

cluster galaxies or galaxy number counts (an open universe would have 
more accessible volume.) 

–! What is the problem with these tests? 

•! Similarly attempts were made to do an angular diameter test using radio 

galaxies, but these are also problematic. 

•! In the mid-1990’s two groups began large scale surveys for Type Ia 

supernovae at cosmologically interesting distances in order to measure 

the deceleration parameter.  (Note they didn’t expect to find a 
cosmological constant!) 

Distance modulus - redshift 

DM=m-M 

!M,!"=0.05,0 

!M,!"=0.2,0.8 

!M,!"=1,0 

Note this can be a relative test, using the “redshift-magnitude” 
relation also known as the “Hubble Diagram” 

Riess et al 1998 

This plot SHOCKED 
astronomers!! 

Riess et al. 1998

Supernovae seem to be 25% 
fainter than one would expect 
if universe were decelerating 

Since it is relative distance 
measurements for SNe at 
z~0.8 and z~0.02, this cannot 
be due to a miscalibration of 
SNIa luminosities.
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tion. Any dimming by intervening material makes supernovae
appear fainter, and thus more distant, and will bias the cosmolog-
ical results towards faster expansion. Since the intrinsic colours
of type-Ia supernovae are characteristic, any deviation between
the observed and the intrinsic colours signals interstellar absorp-
tion which is corrected by adapting the amount of absorption such
that the observed is transformed back into the intrinsic colour.

• This correction procedure is expected to work well unless there is
material on the way which absorbs equally at all wavelengths, so-
called “grey dust”. This could happen if the absorbing dust grains
are large compared to the wavelength. Currently, it is quite di⌅-
cult to concusively rule out grey dust, although it is implausible
based on the interstellar absorption observed in the Galaxy.

Distances to type-Ia supernovae (in
logarithmic units) as a function of
their redshift, as measured by the
Supernova Legacy Survey.

• After applying the corrections for absorption and duration, each
supernova yields an estimate for the luminosity distance to its red-
shift. Together, the supernovae in the observed sample constrain
the evolution of the luminosity distance with redshift, which
is then fit varying the cosmological parameters except for H0,
i.e. typically ⇥m0 and ⇥�0. This yields an “allowed” region in
the ⇥m0-⇥�0 plane compatible with the measurements which is
degenerate in the direction calculated before.

Cosmological parameter constraints
derived from the same data.

• More information or further assumptions are necessary to break
the degeneracy. The most common assumption, justified by the
CMB measurements, is that the Universe is spatially flat. Based
upon it, the SNLS data yield a matter density parameter of

⇥m0 = 0.263 ± 0.037 . (12.16)

This is a remarkable result. First of all, it confirms the other in-
dependent measurements we have already discussed, which were
based on kinematics, cluster evolution and the CMB. Second, it
shows that, in the assumed spatially flat universe, the dominant
contribution to the total energy density must come from some-
thing else than matter, possibly the cosmological constant.

• It is important for the later discussion to realise in what way the
parameter constraints from supernovae di⇤er from those from the
CMB. The fluctuations in the latter show that the Universe is at
least nearly spatially flat, and the density parameters in dark and
baryonic matter are near 0.25 and 0.045, respectively. The rest
must be the cosmological constant, or the dark energy. Arising
early in the cosmic history, the CMB itself is almost insensitive
to the cosmological constant, and thus it can only constrain it
indirectly.

• Type-Ia supernovae, however, measure the angular-diameter dis-
tance during the late cosmic evolution, when the cosmological

Two different ways of increasing luminosity 
distance:
  1) Increase ΩΛ
  2) Decrease Ωm

This causes the degeneracy between ΩΛ  and 
Ωm

But even with this degeneracy, the error 
contours clearly prefer ΩΛ  values 
greater than 0

What constraints can one set?



Two Main Teams found this result:
Supernovae Cosmology

Project

Saul PerlmutterAdam Riess

High-Z SNe search 
team

Brian Schmidt

Nobel Prize in 2011



Potential Problems with SNe experiments

-- Especially distant SNIa will be affected by gravitational lensing 
from sources along line of sight

* Will change the apparent luminosity of the SNIa
* Some sources will be brighter, some fainter 

(on average no large change)

-- Difficult to correct for the effects of “grey” dust, i.e., dust 
that has no effect on the colors of the SN Ia

-- Main challenge in dust in the host galaxy
Two solutions:

1) Observe SNIa over very wide wavelength range 
to ensure understand dust extinction well

2) Only consider SNe in galaxies known to lack 
dust



-- Are SNe at high redshift the same as at lower redshift?
(their metal content may be different!)
(no evidence for this from theoretical simulations)

-- Possible to mistake SNIb’s and SNIc’s for SNIa’s
(if there is problem with identifying Silicon feature)

Potential Problems with SNe experiments
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constant is much more important. As (12.14) shows, the luminos-
ity distance constrains the di�erence between the two parameters,

⇥�0 = 1.17⇥m0 + P , (12.17)

where the degenerate parameter P is determined by the measure-
ment. Assuming ⇥�0 = 1 � ⇥m0 as in a spatially-flat universe
yields

P = 1 � 2.17⇥m0 ⇤ 0.43 (12.18)

from the SNLS first-year result (12.16), illustrating that the sur-
vey has constrained the density parameters to follow the relation

⇥�0 ⇤ 1.17⇥m0 + 0.43 . (12.19)

• The relative acceleration of the universe, ä/a, is given by the
equation

ä
a
= H2

0

�
⇥�0 �

⇥m0

2a3

⇥
(12.20)

if matter is pressure-less, which follows directly from Einstein’s
field equations. Thus, the expansion of the universe accelerates
today (a = 1) if ä = H2

0(⇥�0 � ⇥m0/2) > 0, or ⇥�0 > ⇥m0/2.
Given the measurement (12.19), the conclusion seems inevitable
that the Universe’s expansion does indeed accelerate today.

Above redshift z ⇤ 1, the cosmic ac-
celeration seems to turn into decel-
eration.

• If the Universe is indeed spatially flat, then the transition between
decelerated and accelerated expansion happened at

1 � 0.263 ⇤ 0.263
2a3 ⌅ a = 0.56 , (12.21)

or at redshift z ⇤ 0.78. Luminosity distances to supernovae at
larger redshifts should show this transition, and in fact they do.

12.2.3 Potential problems

• The main observational issues is dust in the SN host galaxy. If one
is careful enough (an observational issue), then one can estimate
the reddening of the supernova accurately. Yet, there is a terri-
ble conceptual issue that is currently one of the major stumbling-
blocks of the field - we do not know with certainty what the re-
lationship between reddening and the extinction (the amount of
light lost - this a⇤ects the inferred absolute magnitude).

• There are two ways around this issue - trying to better estimate
the attenuation curve shape (the relationship between reddening
and extinction, this is not straightforward and requires excellent
photometry over a long wavelength range; see Wood-Vasey et al.

Note that at z ~ 1, there is a change in shape 
and cosmic acceleration turns into deceleration

Riess et al. 2004



What other evidence for dark energy were 
there in the late 1990s?

-- there was a big tension between the 
age of universe from globular clusters + 

radiometric dating

i.e., > 13 Gyr

and the age of the universe from H0 ~ 70km/
s/Mpc and measured value Ωm ~ 0.3 (evidence 
from galaxy clusters and peculiar velocities)

i.e., ~11 Gyr
(but which is ~13.6 Gyr including dark energy)



Why no one noticed it before?!

•! The measured value corresponds to a matter density of 
0.000000000000000000000000006 kg per cubic meter (less than the 
mass of 4 protons) !

•! The best vacuum made in a physics laboratory has a density which is 
higher by a factor of a billion!

•! A cube stretching from Bonn to the Moon only contains 340 g of dark 
energy!

•! A cube stretching from Bonn to the Sun only contains 20 million Kg of 
dark energy, a fraction 0.00000000000000000000001 of the solar mass!

•! A cube enclosing the whole Galaxy contains nearly 1 trillion solar masses 
of dark matter but only 3 million solar masses of dark energy !

•! A cube as large as the visible universe contains 73% of the mass in dark 
energy!

Credit: Porciano

We will talk more about dark energy later in the course....  but it 
is interesting to consider why did no one notice it before ~1997?



What are the contents of the 
universe?



The cosmic budget!

Earlier in this lecture, we argued based on the measured fluxes 
of SNe in the distant universe that today most of the mass-
energy density in the universe is in the form of dark energy.

Leaving ~27% of mass-energy density of the universe in 
the form of normal matter

(we will present convincing evidence that Ω = 1 next week)



How can we determine the 
matter density in the present 

day universe from the 
observations?

(you are almost certainly aware that matter comes in 
two flavors: dark matter and baryonic matter)



First the baryonic content...

Let’s do an inventory!
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ABSTRACT

We present an estimate of the global budget of baryons in all states, with conservative estimates of the

uncertainties, based on all relevant information we have been able to marshal. Most of the baryons

today are still in the form of ionized gas, which contributes a mean density uncertain by a factor of

about 4. Stars and their remnants are a relatively minor component, comprising for our best-guess

plasma density only about 17% of the baryons, while populations contributing most of the blue starlight

comprise less than 5%. The formation of galaxies and of stars within them appears to be a globally

inefficient process. The sum over our budget, expressed as a fraction of the critical EinsteinÈde Sitter

density, is in the range with a best guess of (at Hubble constant 70 km0.007 [ )
B

[ 0.041, )
B

D 0.021

s~1 Mpc~1). The central value agrees with the prediction from the theory of light element production

and with measures of the density of intergalactic plasma at redshift z D 3. This apparent concordance

suggests that we may be close to a complete survey of the major states of the baryons.

Subject headings : cosmology : observations È elementary particles È galaxies : fundamental parameters

1. INTRODUCTION

The evolution of structure in the expanding universe has

redistributed the baryons from a nearly smooth plasma at

the time of light element nucleosynthesis to a variety of

statesÈcondensed, atomic, molecular, and plasmaÈin

clouds of gas and dust, planets, stars, and stellar remnants,

that are arranged in the galaxies, in groups and clusters of

galaxies, and in between. The amounts of baryons in each

state and form at low redshift can be compared to what is

observed at higher redshift and to the total cosmic abun-

dance predicted by the theory of element production in the

early universe. Budget estimates must be informed by ideas

of how structure evolves as well as by observations, and the

budget in turn is a test of these ideas. Knowledge of the

baryon budget is an essential boundary condition for

analysis of how structure formed and the nature of cosmic

dark matter.

Advances in observations allow reasonably sound esti-

mates of the amounts of baryons present in a considerable

variety of forms. In a previous discussion Hogan,(Fukugita,

& Peebles we presented a picture of cosmic evolution1996),

suggested by the results of budget estimates. In this paper

we give details of the budget calculations and update them

using our choices for the current best knowledge relevant to

the calculation. & Salucci & OstrikerPersic (1992), Gnedin

and & Phillipps estimate baryon(1992), Bristow (1994)

abundances with di†erent emphases ; the results are com-

pared in ° 5.1.

The main focus of this paper is the baryon budget at low

redshift ; our accounting is presented in The low-redshift° 2.

budget can be compared to the situation at z D 3, where

quasar absorption lines allow a comprehensive accounting

of the di†use components. We comment on this in The° 3.

budgets are compared to the constraint from light element

production in and the implications for galaxy and struc-° 4,

ture formation are summarized in ° 5.

We write HubbleÏs constant as

H0 \ 100 h km s~1 Mpc~1 . (1)

Where not explicitly written, we use solar units for mass and

luminosity and megaparsecs for the length unit.

2. THE BARYON BUDGET AT z B 0

2.1. Stars and Remnants in Galaxies
Stars in high surface density galaxies are the most promi-

nent location for baryons. For our purpose, it is reasonable

to imagine that galaxies contain two distinct stellar popu-

lations, an old spheroidal component and a disk component

consisting of generally younger stars, with a mix depending

on galaxy type. Elliptical galaxies lack a signi�cant disk

component, and irregular (Im) galaxies are at the opposite

extreme, having small or insigni�cant bulges. The formation

of these two components seems to follow di†erent histories,

so it is appropriate to count baryons in stars divided into

these two categories. The mass density for each component

is obtained as

o(sph, disk) \ L
B

f
B
(sph, disk)SM/L

B
Tsph,disk , (2)

where L is the mean luminosity density, is the fraction off
B

the luminosity density produced by the spheroid or disk

component, and is the mass-to-light ratio for eachSM/L
B
T

component including the stars and star remnants. The suffix

B refers to luminosities measured in the B band, our choice

for a standard wavelength band. Although the stellar popu-

lation of irregular galaxies is similar to that of the disk

component, we treat the former separately to emphasize its

distinct role in the luminosity density at low redshift and a

slightly smaller mass-to-light ratio because of its younger

mean age.
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Classic Paper on this subject
Fukugita, Hogan, Peebles 1998



What is the mass density in 
stars?



The challenge, of course, is in going from 
light to mass

Since it is very easy to measure the light 
coming from stars...



Credit: Djorgovski

What is the mass density in stars?
The Baryonic Dark Matter

(or just “missing”, not necessarily “dark”?)

• MAssive Compact Halo Objects (MACHOs)

– Very low mass stars, white dwarfs, neutron stars, black holes
(produced post-nucleosynthesis, from baryons), brown dwarfs,
interstellar comets, slushballs…

• Cold molecular (H2) gas clouds

– Would have to be compact, dense, low volume fill factor

– Very hard to detect!
• Warm/hot gas, bound to galaxy groups

– Leftover gas from IGM, never collapsed to galaxies

– Virial temperatures ~ 105 - 106 K, corresponding to the velocity
dispersions ~ 300 km/s

– Very hard to detect!  (ISM opaque to FUV/soft-X)

So, where are 90% of baryons hiding?  Some possibilities:

The best bet?

Where are the Baryons?

?

?

?

?

This is where most
of the mass is

This is where most
of the light is

Brown
dwarfs

log dN/dM

log M/M
"

Normal
MS stars

Secondary peak?

Planets?
Slushballs?

100 0.0010.1110

Depending on the shape of the stellar mass function, one could

hide a lot of mass in dim, substellar objects, e.g., brown dwarfs

(and they are known to exist)

This hypothetical Baryon reservoir would have Virial temps. of

~ 105 - 106 K, where the peak emission is in FUV/soft-X, which

is effectively absorbed by the ISM in our Galaxy, and is thus

essentially impossible to detect in emission …

Missing Baryons in Warm/Hot IGM?

However, it might have been detected in absorption in the UV

(HST and FUSE) and X-Rays (Chandra), using O VI, O VII, and

O VIII lines

Discovered by Zwicky in 1937, by comparing the visible

mass in galaxies in the Coma cluster (estimated M* ~ 1013

M
"

), with the virial mass estimates (Mvir ~ 5!1014 M
")

The Non-Baryonic Dark Matter

Confirmed by the modern measurements of galaxy dynamics, X-

ray gas analysis, and masses derived from gravitational lensing

Virial Masses of Clusters:
Virial Theorem for a test particle (a galaxy, or a proton),

moving in a cluster potential well:

Ek = Ep / 2       !       mg '
2 / 2 = G mg Mcl / (2 Rcl)

where ' is the velocity dispersion

Thus the cluster mass is:       Mcl = '2 Rcl / G

Typical values for clusters: ' ~ 500 - 1500 km/s

Rcl ~ 3 - 5 Mpc

Thus, typical cluster masses are  Mcl ~ 1014 - 1015 M
"

The typical cluster luminosities (~ 100 - 1000 galaxies)

are Lcl ~ 1012 L
"

, and thus (M/L) ~ 200 - 500 in solar units

! Lots of dark matter!

• Note that for a proton moving in the
cluster potential well with a ' ~ 103 km/s,
Ek = mp '

2 / 2 = 5 k T / 2 ~ few keV, and
T ~ few 107 °K ! X-ray gas

• Hydrostatic equilibrium requires:

M(r) = - kT/µmHG (d ln " /d ln r) r

• If the cluster is ~ spherically symmetric
this can be derived from X-ray intensity
and spectral observations

• Typical cluster mass components from
X-rays:

Masses of Clusters From X-ray Gas

Coma cluster

Hydra cluster

Total mass: 1014
 to 1015 M

#

Luminous mass: ~5%

Gaseous mass: ~ 10%

Dark matter:  ~85%

The question can be challenging since stars have a wide range of masses:
while most of light comes from the most massive stars, most of the mass 

comes from lower mass stars

So, an important assumption in measuring the mass in stars 
to make assumptions about the relative number of stars 

formed at all masses, i.e., the initial mass function



Assume that stars have always 
form with a certain 

distribution of masses

Mass

Number

This is important since 
M/L ratio of stars depend on 

the mass

i.e., since L ∝ M3

then M/L ∝ M−2

low mass stars → high M/L ratios
high mass stars → low M/L ratios

Stellar Initial Mass Function

What is the mass density in stars?



Integrating over the Initial 
Mass Function, we can 

compute an average M/L ratio

Mass

Stellar Initial Mass Function

But stars age...
the high mass stars use their 

fuel first

so the M/L ratio for a 
population of stars 
depends on its age

What is the mass density in stars?

Number



but we can estimate the age 
of a population from its 

colors

Mass

Stellar Initial Mass Function
so the M/L ratio for a 

population of stars 
depends on its age

red galaxies → old

blue galaxies → young

What is the mass density in stars?

Number
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6.2 Baryonic mass in galaxies

6.2.1 Stars

• Given the luminosity of a stellar population, what is its mass? The
astronomical community has more-or-less settled on an approach
to attack this problem, but there are a number of subtleties/debates
in the literature about this issue.

• A key concept is that of the stellar “initial mass function”, which
describes the distribution of stellar masses of a newly-formed stel-
lar population. A convenient form is the Kroupa (2001) IMF:

dN
d ln M

 M�0.3 0.1 < M/M⌅ < 0.5 (6.1)

dN
d ln M

 M�1.3 0.5 < M/M⌅ < 120. (6.2)

The limits are somewhat arbitrary: the lower mass limit for a star
is 0.08M⌅ because nuclear hydrogen burning cannot take place
below that mass. The upper mass limit of 120M⌅ is a number that
is widely debated, but for our purposes is not important so long
as the upper mass limit is � 10M⌅.

• Recall from earlier that L  M3 on the main sequence and L  T 6;
thus one can see that M/L is a strong function of temperature (i.e.,
color);

• Thus, if one assumes a universally-applicable form of the stellar
IMF (this is a strong assumption), one can use the colors or spec-
tral line indices (which are sensitive to temperature) to estimate
stellar M/L

The relationship between g � r
color and stellar mass, assuming a
universally-applicable stellar IMF.
The arrow shows the e⇥ect of a
large amount of obscuring dust; the
solid line shows schematically the
result of a di⇥erent method using
spectral line indices.

• For example, Bell & de Jong (2001); Bell et al. (2003) find:

log10 M/L ⌃ �0.4 + 1.1(g � r) (6.3)

where the M/Ls are in solar units and g and r are magnitudes from
the SDSS k-corrected to z = 0, and the g and r absolute magnitude
of the Sun is 5.15 and 4.67 respectively.

• galaxy luminosities and stellar masses are observed to be dis-
tributed approximately according to the Schechter function,

dN
dL
=
�⇤
L⇤

�
L
L⇤

⇥��
exp
�
� L

L⇤

⇥
, (6.4)

where the normalising factor is �⇤ ⌥ 3 ⇥ 10�3 Mpc�3, the scale
mass is M⇤ ⌥ 1011 M⌅ and the power-law exponent is � ⌥ 1.1;

What is the mass density in stars?

possible to relate
 the M/L ratio to 

the observed color of a 
galaxy

M/L ratio vs. color

Bell & de Jong (2001)

log10 M/L ~ −0.4 + 1.1 (g−r)

⇒ this allows us to 

estimate the mass for 
one galaxy at a time

redblue



What is the mass density in stars?

Need to integrate up 
many from many galaxies 

using the observed 
luminosity function

Number
Density

Luminosity

Exponential 
Cut-off

Power Law

Luminosity Function is 
found to have a 

Schechter distribution:

dN/dL = Φ(L/L*)α e−L/L*

Integrate over this 
function:



What is the mass density in stars?

Number
Density

Luminosity

Exponential 
Cut-off

Power Law
Integrate over this 

function:

Mstars = 3 x 108  Msol/Mpc3

Ωstars = 0.002



What is the mass density in 
cold gas?

neutral atomic hydrogen
molecular hydrogen H2



What about the mass density 
in neutral atomic hydrogen?

We can take advantage of the 
fact that neutral hydrogen has 
two different states that differ 

by a very small amount of 
energy.  

Since the upper state is low 
enough energy that it is 

populated even at very low 
temperatures, one can 

observe quite a significant 
amount of light coming from 
galaxies at these frequencies.



What about the mass density 
in neutral atomic hydrogen?

Conduct blind surveys at 
21 cm with radio 

telescopes

ΩHI gas = 0.0003

Rao & Briggs (1993)

Arecibo or Parkes
(64 m dish)

Doppler shift velocity

Intensity

Here’s what an 
observation of a spiral 
galaxy looks like at ~21 

cm



What about the mass density 
in molecular hydrogen H2?

ΩH2 = 0.0003

Fukugita et al. (1998)

Difficult to go out and search for H2 since no 
observable transitions (has no dipole)

To make progress, assume CO emission is a good tracer of 
H2  (CO emission caused by H2 molecules colliding with CO)

Quantify ratio of atomic hydrogen to molecular hydrogen in 
galaxies and then use this to convert from atomic hydrogen mass 

density



Baryonic mass density

Ωstars = 0.002
Ωcold gas, HI = 0.0003

Ωcold gas, molecular hydrogen = 0.0003

Ωstars+gas = 0.0026



Baryonic mass density

Ωstars+gas = 0.0026

but this is a small fraction (<10%) of 
the value we prefer today Ωbaryons = 0.04 

(what we can easily detect)

where are the rest?



Missing baryons are thought 
to be a warm/hot ionized gasCHAPTER 6. THE MATTER DENSITY IN THE UNIVERSE 53

• Where is the rest? Our current idea is that it is in warm/hot inter-
galactic medium. This is di�use, ionised filamentary gas that fills
out the spaces between galaxies. In clusters of galaxies, the tem-
peratures and densities are hot enough that it is possible to detect
via its X-ray emission (see next section). In filaments, the gas is
neither hot nor dense enough to emit much in X-rays, and instead
must be constrained by detection of absorption line systems in the
far-UV or X-ray (very highly ionised oxygen or nitrogen).

A schematic diagram of the warm-
hot intergalactic medium; the bulk
of the gas is in filaments which con-
nect galaxies

• A huge breakthrough in recent times has been the detection of
6-times-ionised oxygen and nitrogen from filaments of the IGM
(see attached article by Nicastro 2004) from which > 1/2 of the
baryonic density of the Universe has been inferred. These lines
are *so* faint that one has to wait until a bright flare from a blazar
happens to take the spectra (otherwise one needs to integrate on a
‘normal’ bright X-ray source for⌅months).

• I want to give an idea of how extreme this extrapolation is. At
typical column densities for detection of ⇤ 1015cm�2, and for
an ⇤AU/pc-sized source, one estimates around 1042 or 1052 ions
were along the line of sight that were detected, corresponding to
⇤ the mass of an asteroid / the mass of Jupiter. From this small
amount of (more-or-less) detected matter, one has extrapolated
more than 1/2 of the baryonic density of the Universe!

6.3 Total mass in galaxies

6.3.1 Galaxies

• the rotation velocities of stars orbiting in spiral galaxies are ob-
served to rise quickly with radius and then to remain roughly con-
stant; if measurements are continued with neutral hydrogen be-
yond the radii out to which stars can be seen, these rotation curves
are observed to continue at an approximately constant level;

After a quick rise, stellar velocities
in spiral galaxies remain approxi-
mately constant with radius. (The
galaxy shown is NGC 3198.)

• in a spherically-symmetric mass distribution, test particles on cir-
cular orbits have orbital velocities of

v2rot(r) =
GM(r)

r
; (6.6)

flat rotation curves thus imply that M(r) ⇧ r; based on the conti-
nuity equation dM = 4�r2⇥dr, this requires that the density falls
o� as ⇥(r) ⇧ r�2 (theory predicts a r�3 fall-o� at large radii); this
is much flatter than the light distribution, which shows that spiral
galaxies are characterised by an increasing amount of dark matter
as the radius increases;



Can we measure the total mass 
density in this warm, hot ionized 

material?

Note:  This is different than large galaxy clusters 
-- where the ionized gas is hotter and denser!
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• Where is the rest? Our current idea is that it is in warm/hot inter-
galactic medium. This is di�use, ionised filamentary gas that fills
out the spaces between galaxies. In clusters of galaxies, the tem-
peratures and densities are hot enough that it is possible to detect
via its X-ray emission (see next section). In filaments, the gas is
neither hot nor dense enough to emit much in X-rays, and instead
must be constrained by detection of absorption line systems in the
far-UV or X-ray (very highly ionised oxygen or nitrogen).

A schematic diagram of the warm-
hot intergalactic medium; the bulk
of the gas is in filaments which con-
nect galaxies

• A huge breakthrough in recent times has been the detection of
6-times-ionised oxygen and nitrogen from filaments of the IGM
(see attached article by Nicastro 2004) from which > 1/2 of the
baryonic density of the Universe has been inferred. These lines
are *so* faint that one has to wait until a bright flare from a blazar
happens to take the spectra (otherwise one needs to integrate on a
‘normal’ bright X-ray source for⌅months).

• I want to give an idea of how extreme this extrapolation is. At
typical column densities for detection of ⇤ 1015cm�2, and for
an ⇤AU/pc-sized source, one estimates around 1042 or 1052 ions
were along the line of sight that were detected, corresponding to
⇤ the mass of an asteroid / the mass of Jupiter. From this small
amount of (more-or-less) detected matter, one has extrapolated
more than 1/2 of the baryonic density of the Universe!

6.3 Total mass in galaxies

6.3.1 Galaxies

• the rotation velocities of stars orbiting in spiral galaxies are ob-
served to rise quickly with radius and then to remain roughly con-
stant; if measurements are continued with neutral hydrogen be-
yond the radii out to which stars can be seen, these rotation curves
are observed to continue at an approximately constant level;

After a quick rise, stellar velocities
in spiral galaxies remain approxi-
mately constant with radius. (The
galaxy shown is NGC 3198.)

• in a spherically-symmetric mass distribution, test particles on cir-
cular orbits have orbital velocities of

v2rot(r) =
GM(r)

r
; (6.6)

flat rotation curves thus imply that M(r) ⇧ r; based on the conti-
nuity equation dM = 4�r2⇥dr, this requires that the density falls
o� as ⇥(r) ⇧ r�2 (theory predicts a r�3 fall-o� at large radii); this
is much flatter than the light distribution, which shows that spiral
galaxies are characterised by an increasing amount of dark matter
as the radius increases;

Would expect ionized material to emit thermal 
bremstrahlung radiation, but neither dense 

enough or hot enough to produce enough flux 
to observe with x-ray satellites

Therefore need to detect the material by looking 
for evidence for absorption in light from bright 

background source



Can we measure the total mass 
density in this warm, hot ionized 

material?
However it is not sufficient to just 
look for absorption in a normal 

bright x-ray source.

We need to wait for a flare up in activity of 
a blazar (active galactic nucleus with radio 
jet pointed towards us) to have something 

bright enough to find these lines
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• Where is the rest? Our current idea is that it is in warm/hot inter-
galactic medium. This is di�use, ionised filamentary gas that fills
out the spaces between galaxies. In clusters of galaxies, the tem-
peratures and densities are hot enough that it is possible to detect
via its X-ray emission (see next section). In filaments, the gas is
neither hot nor dense enough to emit much in X-rays, and instead
must be constrained by detection of absorption line systems in the
far-UV or X-ray (very highly ionised oxygen or nitrogen).

A schematic diagram of the warm-
hot intergalactic medium; the bulk
of the gas is in filaments which con-
nect galaxies

• A huge breakthrough in recent times has been the detection of
6-times-ionised oxygen and nitrogen from filaments of the IGM
(see attached article by Nicastro 2004) from which > 1/2 of the
baryonic density of the Universe has been inferred. These lines
are *so* faint that one has to wait until a bright flare from a blazar
happens to take the spectra (otherwise one needs to integrate on a
‘normal’ bright X-ray source for⌅months).

• I want to give an idea of how extreme this extrapolation is. At
typical column densities for detection of ⇤ 1015cm�2, and for
an ⇤AU/pc-sized source, one estimates around 1042 or 1052 ions
were along the line of sight that were detected, corresponding to
⇤ the mass of an asteroid / the mass of Jupiter. From this small
amount of (more-or-less) detected matter, one has extrapolated
more than 1/2 of the baryonic density of the Universe!

6.3 Total mass in galaxies

6.3.1 Galaxies

• the rotation velocities of stars orbiting in spiral galaxies are ob-
served to rise quickly with radius and then to remain roughly con-
stant; if measurements are continued with neutral hydrogen be-
yond the radii out to which stars can be seen, these rotation curves
are observed to continue at an approximately constant level;

After a quick rise, stellar velocities
in spiral galaxies remain approxi-
mately constant with radius. (The
galaxy shown is NGC 3198.)

• in a spherically-symmetric mass distribution, test particles on cir-
cular orbits have orbital velocities of

v2rot(r) =
GM(r)

r
; (6.6)

flat rotation curves thus imply that M(r) ⇧ r; based on the conti-
nuity equation dM = 4�r2⇥dr, this requires that the density falls
o� as ⇥(r) ⇧ r�2 (theory predicts a r�3 fall-o� at large radii); this
is much flatter than the light distribution, which shows that spiral
galaxies are characterised by an increasing amount of dark matter
as the radius increases;



Example of such an attempt to find absorption 

lines through absorption in an x-ray spectrum 

WHIM filaments at cosmological distances 113

(a) (b)

(c) (d)

(e) (f)

Figure 1. Six portions of the Chandra-LETG spectrum of Mkn 421 along with its best fitting
continuum plus narrow absorption model (solid line: see details in Nicastro et al. 2004, ApJ, sub-
mitted), centered around the rest-wavelengths of the (a) NeXI-XKα , (b) OVIIIKα , (c) OVIIKα ,
(d) NVIIKα , (e) NVIKα and (f) CVIKα transitions.

(1996). We retrieved this GHRS spectrum of Mkn 421 from the public HST archive,
and re-analyzed the data. We fitted the 1220-1250 Å HST spectrum with a combination
of broad continuum components and three narrow absorption Gaussians to model the
intervening HI Lyα and two strong Galactic Si lines visible in the spectrum. The redshift
of the HI Lyα line (NHI = (1.65 ± 0.07) × 1013 cm−2) is consistent with that of our

Nicastro et al. 2004From Chandra x-ray telescope



Can we measure the total mass 
density in this warm, hot ionized 

material?CHAPTER 6. THE MATTER DENSITY IN THE UNIVERSE 53

• Where is the rest? Our current idea is that it is in warm/hot inter-
galactic medium. This is di�use, ionised filamentary gas that fills
out the spaces between galaxies. In clusters of galaxies, the tem-
peratures and densities are hot enough that it is possible to detect
via its X-ray emission (see next section). In filaments, the gas is
neither hot nor dense enough to emit much in X-rays, and instead
must be constrained by detection of absorption line systems in the
far-UV or X-ray (very highly ionised oxygen or nitrogen).

A schematic diagram of the warm-
hot intergalactic medium; the bulk
of the gas is in filaments which con-
nect galaxies

• A huge breakthrough in recent times has been the detection of
6-times-ionised oxygen and nitrogen from filaments of the IGM
(see attached article by Nicastro 2004) from which > 1/2 of the
baryonic density of the Universe has been inferred. These lines
are *so* faint that one has to wait until a bright flare from a blazar
happens to take the spectra (otherwise one needs to integrate on a
‘normal’ bright X-ray source for⌅months).

• I want to give an idea of how extreme this extrapolation is. At
typical column densities for detection of ⇤ 1015cm�2, and for
an ⇤AU/pc-sized source, one estimates around 1042 or 1052 ions
were along the line of sight that were detected, corresponding to
⇤ the mass of an asteroid / the mass of Jupiter. From this small
amount of (more-or-less) detected matter, one has extrapolated
more than 1/2 of the baryonic density of the Universe!

6.3 Total mass in galaxies

6.3.1 Galaxies

• the rotation velocities of stars orbiting in spiral galaxies are ob-
served to rise quickly with radius and then to remain roughly con-
stant; if measurements are continued with neutral hydrogen be-
yond the radii out to which stars can be seen, these rotation curves
are observed to continue at an approximately constant level;

After a quick rise, stellar velocities
in spiral galaxies remain approxi-
mately constant with radius. (The
galaxy shown is NGC 3198.)

• in a spherically-symmetric mass distribution, test particles on cir-
cular orbits have orbital velocities of

v2rot(r) =
GM(r)

r
; (6.6)

flat rotation curves thus imply that M(r) ⇧ r; based on the conti-
nuity equation dM = 4�r2⇥dr, this requires that the density falls
o� as ⇥(r) ⇧ r�2 (theory predicts a r�3 fall-o� at large radii); this
is much flatter than the light distribution, which shows that spiral
galaxies are characterised by an increasing amount of dark matter
as the radius increases;

ΩWHIM = 0.02

Nicastro et al. (2004)

Based on these absorption lines in the blazar, 
estimates for the mass in the WHIM are

For all but the most energetic and radiative materials in 
the distant universe, it is often easier to infer the presence 

of a substance through absorption rather than emission



Beyond Einstein: From the Big Bang to Black Holes 

Mission Implementation 

!! 4 Spectroscopy X-ray Telescopes (SXTs) each

 consisting of a Flight Mirror Assembly and a X
-ray Microcalorimeter Spectrometer (XMS) 

–! Covers the band-pass from 0.6 to 10 keV 

–! Angular resolution requirement of 15 arc sec (goal

 of 5 arc sec HPD) 

–! Field of View 5 x 5 arc min (64x64 pixels, goal of

 10 x 10 arc min FOV) 

–! Count rates: 1/4 crab or 1,000 ct/sec/pixel 

4 Spectroscopy X-ray Telescopes 

1.3 m  

X-ray Microcalorimeter
 Spectrometer (XMS) 

Representative
 Gratings 

XGS CCD
 Camera 

Flight Mirror
 Assembly 

!! Two additional systems extend the

 bandpass: 

–! X-ray Grating Spectrometer (XGS) covers

 from 0.3 to 1 keV (included in one or two

 SXT’s) 

–! Hard X-ray Telescope (HXT) band-pass

 covers from 6 to 40 keV (not shown) 

!! All instruments operate simultaneously 

The total mass density in the warm-hot IGM was supposed to be 
measured quite definitively with a future satellite Constellation X:



Beyond Einstein: From the Big Bang to Black Holes 

Where are the Baryons: Searching in the UV and X-ray Bands!

Many of the predicted baryons have not been detected in the local Universe 

•!Most are thought to reside in a hot 106 – 107 K intergalactic medium 

•!Major challenge is to detect this warm-hot intergalactic medium 

Terminated by NASA due to  
a lack of funding

There is an effort to see if a 
cheaper alternative exists that can 

accomplish same science goals



Baryonic mass density

Ωstars = 0.002
Ωcold gas, HI = 0.0003

Ωcold gas, molecular hydrogen = 0.0003

Ωtotal = 0.0226

Ωionized hydrogen = 0.02



Hot and cold accretion 5

Figure 1. Current temperature (left) and maximum past temperature (right) against current overdensity for gas particles at z = 2 in
the reference simulation in a 100 h−1Mpc box. The total number of particles in a pixel is used for colour coding. Gas with T ! 105 K
has been shock heated. The T − ρ relation for cold, low density gas (T " 105 K and ρ " 10〈ρ〉 is set by heating by the UV background
and adiabatic cooling. At ρ/〈ρ〉 > 101.5 radiative cooling dominates over cooling by expansion of the universe. Gas with nH > 0.1 cm−3

(ρ/〈ρ〉 > 104.3 at z = 2) is assumed to be part of the unresolved, multiphase ISM and is put on an effective equation of state. The
‘temperature’ of this gas merely reflects the pressure of the multiphase ISM and is therefore not used to update the maximum past
temperature. The scatter in the equation of state is caused by adiabatic cooling of inactive particles in between time steps. Gas that
is condensing onto haloes or inside haloes has maximum past temperatures ! 104.5 K, which reflects the peak in the T-ρ relation (at
ρ/〈ρ〉 > 101.5, T ∼ 104.5 K) visible in the left panel.

infall or galactic winds, is converted into thermal energy. We
refer to this tenuous, shock heated gas as the warm-hot inter-
galactic medium (WHIM). The intracluster medium (ICM)
is the very hot T ! 107 K gas at overdensities ρ/〈ρ〉 ! 102

located in galaxy groups and clusters. Gas with the same
overdensity, but much lower temperatures (T ∼ 104 K) re-
sides mostly in filaments and low mass haloes.

Most of the gas is located in the dark blue region, with
ρ/〈ρ〉 < 10. The temperature of this gas is determined by
the combination of photoheating by the UV background and
adiabatic cooling by the expansion of the Universe. Although
the slope of this temperature-density relation is close to adi-
abatic, it is actually determined by the temperature depen-
dence of the recombination rate (Hui & Gnedin 1997).

The turnover density, above which the typical gas tem-
peratures decrease, occurs when radiative cooling starts to
dominate over adiabatic cooling. The overdensity at which
this happens depends on redshift. At z = 2 it occurs at
ρ/〈ρ〉 ≈ 101.5. The distribution of the WHIM (broad red
region, with T > 105 K) is set in part by the cooling func-
tion, to which especially heavier atoms, like oxygen, con-
tribute. In particular, the lack of dense gas (ρ/〈ρ〉 ! 103)
with 105 K " T " 107 K is due to radiative cooling.

Gas with proper hydrogen number density nH >
0.1 cm−3, corresponding at this redshift to overdensity
ρ/〈ρ〉 > 104.3, represents the ISM. This high density gas
is put on an equation of state if its temperature was below
105 K when it crossed the density threshold, because the cold
and warm phases of this dense medium cannot be resolved
by the simulations. Therefore, the temperature merely re-
flects the imposed effective pressure and the density should
be interpreted as the mean density of the unresolved multi-
phase ISM. The spread in the temperature-density relation
on the equation of state is caused by the adiabatic extrapo-
lation of inactive particles between time steps. In addition,

the relation is broadened by differences in the mean molec-
ular weight, µ, of the gas, which depends on the density,
temperature and elemental abundances of the gas.

The right-hand panel of Figure 1 shows the maximum
temperature reached at z # 2, as a function of the z = 2
baryonic overdensity. All the gas has reached temperatures
of ! 104.5 K at some point. Dense (ρ/〈ρ〉 > 101.5) gas cannot
have a maximum past temperature much below 104.5 K,
because of photoheating2. The maximum past temperature
tends to remain constant once the gas has reached densities
! 102〈ρ〉, resulting in the horizontal trend in the figure.
There is no dense gas at the highest maximum temperatures
(above 107 K), because the cooling time of this very hot gas
at ρ/〈ρ〉 ∼ 102−3 is longer than a Hubble time.

The maximum temperature reached for dense gas de-
pends on whether the gas has been heated to the virial tem-
perature of its halo, which depends on the mass of the halo,
and on whether it has been shock-heated by galactic winds.

4 DEFINING GAS ACCRETION

To see how haloes accrete gas, we first need to find and select
the haloes. This can be done in several different ways and we
will discuss three of them. Although we choose to use the
one based on the gravitational binding energy, our results
are insensitive to the halo definition we use. Finally, we link
haloes in two subsequent snapshots in order to determine
which gas has entered the halo.

2 Exception are gas that reached high densities before reioniza-
tion, which happens at z = 9 in our simulations and gas with
very high metallicities.

2009 RAS, MNRAS 000, 1–24

SF gas

WHIM

cold
halo
gas

diffuse
IGM

ICM

van der Voort et al. 2011 (was a student of Joop Schaye here)

gas in galaxy clusters

warm, hot 
intergalactic medium

Multi-phase Diagram from Cosmological Hydrodynamical Simulation 
Showing where the Baryons Are Predicted to be:



Missing baryons were thought 
to possibly be in MACHOs 

(massive compact halo objects)
i.e., white dwarfs, neutron stars, black holes, Jupiter 

mass sources

(investigated extensively in 
mid 1990s)



How did people search for 
MACHOs?

-- observe millions of stars in the 
Large Magellanic Cloud...

-- wait for some star to 
brighten because compact 
object passes in front of it

7–26

UWarwick
Dark Matter 3

Baryonic Dark Matter, II

(Alcock et al., 2001, Fig. 2)
MACHOS:
Pro:

1. detected by microlensing towards SMC and LMC
(see figure) =⇒ MW halo consists of 50% WD

Contra:
1. possible “self-lensing” (by stars in MW or SMC/LMC;
confirmed for a few cases)

2. where are white dwarfs?
3. WD formation rate too high (100 year−1 Mpc−3)

TIME
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-- a few events are found in 
such experiments, but seem 

to be consistent with 
self lensing

-- no evidence MACHOs 
contribute significantly to 
baryonic matter density



But where does this 
number Ωbaryon = 0.04 

come from?



Big Bang Nucleosynthesis
“Nuclear fusion in early Big Bang”

(though we can also derive it using the CMB observations)



AS 4022  Cosmology

You all probably have a rough idea about the approximate 
history of the universe
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5.2.4 Elements produced

• the fusion of deuterium (5.9) is the crucial first step; since the pho-
todissociation cross section of d is large, destruction of d is very
likely because of the intense photon background until the temper-
ature has dropped way below the binding energy of d, which is
only 2.2 MeV, corresponding to 2.6 ⇥ 1010 K; in fact, substantial
d fusion is delayed until the temperature falls to T = 9⇥ 108 K or
kT ⌅ 78 keV! as (5.8) shows, this happens t ⌅ 270 s after the Big
Bang;

• from there, Helium-3 and tritium (3H or t) can be built, which
can both be converted to 4He; these reactions are now fast, imme-
diately converting the newly formed d; in detail, these reactions
are

d + p ⇧ 3He + � ,
d + d ⇧ 3He + n ,
d + d ⇧ t + p , and

3He + n ⇧ t + p , (5.11)

followed by

3He + d ⇧ 4He + p and
t + d ⇧ 4He + n ; (5.12)

Nuclear fusion reactions responsi-
ble for primordial nucleosynthesis

• fusion reactions with neutrons are irrelevant because free neu-
trons are immediately locked up in deuterons once deuterium fu-
sion begins, and passed on to t, 3He and 4He in the further fusion
steps;

• since there are no stable elements with atomic weight A = 5, ad-
dition of protons to 4He is unimportant; fusion with d is unimpor-
tant because its abundance is very low due to the e�cient follow-
up reactions; we can therefore proceed only by fusing 4He with t
and 3He to build up elements with A = 7,

t + 4He ⇧ 7Li + � ,
3He + 4He ⇧ 7Be + � , followed by

7Be + e� ⇧ 7Li + ⇥e ; (5.13)

some 7Li is destroyed by

7Li + p⇧ 2 4He ; (5.14)

the fusion of two 4He nuclei leads to 8Be, which is unstable; fur-
ther fusion of 8Be in the reaction

8Be + 4He⇧ 12C + � (5.15)

How do heavier elements build up?

p + n →
build

(occurs during first 2-5 minutes of 
universe)



Big Bang Nucleosynthesis 

•! Once we have deuterium, and the universe has cooled a bit (T<109 K), 
we are ready to create some slightly heavier elements (helium) 

–! D + D ( 3H + 1H 

–! 3H + D ( 4He + n 

–! D + D  ( 3He + n 

–! 3He + D ( 4He + 1H 

–! These are not the same reactions as in stars (the pp chain)! 

•! All of the neutrons are converted into helium.  This means that the we 
will end up with 140/2 = 70 He nuclei for every 1000 protons.  140 of 
those protons will end up in He, the rest (860) are left to form the nuclei 
of Hydrogen atoms. 

•! So the mass fraction of helium (Y) in the early universe is: 
–! Y = 4(70)/[860+4(70)] =25%   

–! This is very close to observed primordial helium abundance of 22-24% which 
is one of confirmations of the Big Bang model! 

Big Bang Nucleosynthesis 

•! Because all the neutrons are tied up in helium, the abundance of helium 
is insensitive to the matter density of the universe. 

•! In contrast, the other elements produces in the early universe, D, 3He, 
and 7Li are dependent on the amount of baryonic matter in the universe.  
(We also see some beryllium.) 

–! 4He + 3H '( 7Li + ) 

–! These elements are much less abundant than helium.  The universe 
expanded too rapidly to build up heavier elements. 

–! Note that there are no stable mass-5 nuclides, and combining helium and 
tritium to get lithium requires overcoming coulomb repulsion.  So almost all of 
the neutrons end up in helium instead. 

–! There is another gap at mass-8, so BBN ends with lithium! 

–! At t~1000s (20 minutes), BBN ends when the temperature drops below 3 x 
108 K and the density becomes too low for fusion. There is another “freeze-
out”, as no new nuclei are created and none are destroyed.  From then until 
recombination (T=3000K, t=380,000 years) nothing much happens (yawn!). 

Stable mass gaps in the periodic table 

1H 

2H 

3He 

4He 

6Li 

7Li 

9Be 

No stable nuclei 

The lack of stable elements with masses 5 and 8 

make it more difficult for cosmic nucleosynthesis 

to progress beyond Lithium and even Helium. 

Big Bang Nucleosynthesis 

•! The BBN model makes detailed predictions of the abundances of light 

elements 

•! These are generally given as a function of * which is baryon to photon 

ratio, nn/n).  This number is pretty small, so we usually define it in units 

of 1010.  Also it is directly related to %b, the baryon density relative to the 
critical density of the universe. 

•! Thus, *10 = 1010(nn/n)) = 274 %bh
2 

•! As the universe evolves this ratio is preserved, so that what we observe 

today should reflect the conditions in the early universe. 

•! If we can observe PRIMORDIAL abundances of these elements we can: 

–! Test the big bang model! 

–! Measure the baryon density of the universe! 
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is virtually impossible because the low density of the reaction
partners essentially excludes that a 8Be nucleus meets a 4He nu-
cleus during its lifetime;

• thus, while the reaction (5.15) is possible and extremely important
in stars, it is suppressed below any importance in the early Uni-
verse; this shows that the absence of stable elements with A = 8
prohibits any primordial element fusion beyond 7Li;

5.2.5 Predicted approximate Helium abundance

• once stable hadrons can form from the quark-gluon plasma in the
very early universe, neutrons and protons are kept in thermal equi-
librium by the weak interactions

p + e� ⌥ n + ⇥e ,

n + e+ ⌥ p + ⇥̄e (5.16)

until the interaction rate falls below the expansion rate of the Uni-
verse;

• while equilibrium is maintained, the abundances nn and np are
controlled by the Boltzmann factor

nn

np
=

⇤
mn

mp

⌅3/2
exp
�
� Q

kT

⇥
⌃ exp

�
� Q

kT

⇥
, (5.17)

where Q = 1.3 MeV is the energy equivalent of the mass di�er-
ence between the neutron and the proton;

• the weak interaction freezes out when T ⌃ 1010 K or kT ⌃
0.87 MeV, which is reached t ⌃ 2 s after the Big Bang; at this
time, the n abundance by mass is

Xn(0) ⇧ nnmn

nnmn + npmp
⌃ nn

nn + np
=

⇧
1 + exp

⇤
Q

kTn

⌅⌃�1

⌃ 0.17 ;

(5.18)
detailed calculations show that this value is kept until tn ⌃ 20 s
after the Big Bang, when Tn ⌃ 3.3 ⇥ 109 K;

Light-element abundances as a
function of cosmic time during pri-
mordial nucleosynthesis

• afterwards, the free neutrons undergo � decay with a half life of
⇤n = 886.7 ± 1.9 s, thus

Xn = Xn(0) exp
⇤
� t � tn

⇤n

⌅
⌃ Xn(0)e�t/⇤n ; (5.19)

when d fusion finally sets in at td ⌃ 270 s after the Big Bang, the
neutron abundance has dropped to

Xn(td) ⌃ Xn(0)e�td/⇤n ⌃ 0.125 ; (5.20)

How do abundances depend on time?

Fraction of Mass 
Density



But what does this teach us 
about the matter density in

baryons?



Abundance of heavier elements 
synthesized depends on baryon density

He4 is much more stable species, 
so it increases in proportion to 

baryon density

Baryon density

Reaction Rate ∝ baryon density
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Note: The time scale during which 
nucleosynthesis can occur is almost 
independent of the baryon density 
-- since the energy density of the 

universe dominated by radiation at 
early times



Abundance of heavier elements 
synthesized depends on baryon density

IMPLICATION:  If we can 
determine what the abundance 
of the above elements is relative 
to hydrogen, we can determine 

the baryon density in the 
universe at early times...
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Baryon density



So how can we go out and determine 
what the abundance of these heavier 

elements is relative to hydrogen?

The challenge is that the universe has 
not been held in a constant state, 

there are stars, and they destroy some 
elements and create others...



Challenge is that:

He3 → produced by burning deuterium

→ destroyed to produce He4

D → readily destroyed in stars from fusion

Li7 

→ may be created by cosmic-ray spallation in the
interstellar medium

→ readily destroyed in stars from fusion

He4 → readily produced from fusion



How might we determine the 
primordial abundances then?

AS 4022  Cosmology

 Observations can check the predictions,
but must find places not yet polluted by stars.

     - Lyman-alpha clouds

    Quasar spectra show absorption lines.  Line strengths give
abundances in primordial gas clouds (where few or no stars
have yet formed).

    - nearby dwarf galaxies

    High gas/star ratio and low metal/H in gas suggest that
interstellar medium still close to primordial

Primordial gas

quasarPrimordial gas cloud

Observe some gas cloud in early universe where stars have 
not yet formed and look for absorption by hydrogen and 

deuterium:

For deuterium:

Very bright sources like quasars needed so we infer the 
presence of rare elements in gas clouds through weak 

absorption features



SBBN predicted primordial abundances of 

D, 3He, 7Li, and the helium mass fraction Y  
as a function of nucleon abundance 

Deuterium 

•! Any deuterium that is incorporated into stars is quickly fused into helium 

and destroyed. 

•! But there is also no astrophysical locations where deuterium will be 

created in large amounts after BBN. 

•! Thus, we need to measure deuterium in an area that has undergone 

very little stellar processing 

•! This can be done by measuring deuterium absorption in QSO 

absorption line systems.  The intervening systems are high redshift (and 

low metallicity).  This has been done for ~6 QSO absorption line 
systems.  (Requires high resolution spectra from 10m-class telescopes, 

this is hard!) 

•! One also has to separate out H absorption from D absorption and 
account for any velocity effects.   

•! There is a lot of dispersion in the results,         D/H = (2.6 +/- 0.4) x 10-5 

Tytler & Burles 

Measuring D/H in 
QSO absorption lines 

Deuterium abundance (D/H) vs metallicity (X where 

X is generally Si) from QSO absorption line systems 

What do these spectra look like?

Tytler & Burles

Quasar
Spectrum

Verify that the gas cloud 
shows no evidence for being 

polluted by heavier 
elements (this ensures 

deuterium abundance not 
affected)



SBBN predicted primordial abundances of 

D, 3He, 7Li, and the helium mass fraction Y  
as a function of nucleon abundance 

Deuterium 

•! Any deuterium that is incorporated into stars is quickly fused into helium 

and destroyed. 

•! But there is also no astrophysical locations where deuterium will be 

created in large amounts after BBN. 

•! Thus, we need to measure deuterium in an area that has undergone 

very little stellar processing 

•! This can be done by measuring deuterium absorption in QSO 

absorption line systems.  The intervening systems are high redshift (and 

low metallicity).  This has been done for ~6 QSO absorption line 
systems.  (Requires high resolution spectra from 10m-class telescopes, 

this is hard!) 

•! One also has to separate out H absorption from D absorption and 
account for any velocity effects.   

•! There is a lot of dispersion in the results,         D/H = (2.6 +/- 0.4) x 10-5 

Tytler & Burles 

Measuring D/H in 
QSO absorption lines 

Deuterium abundance (D/H) vs metallicity (X where 

X is generally Si) from QSO absorption line systems 

What do these spectra look like?

Tytler & Burles

Quasar
Spectrum

Need to be 
sure this isn’t 
just another 
cloud of cold 

gas at different 
redshift



AS 4022  Cosmology

Primordial D/H measurement

L! (+Deuterium L!) line in quasar spectrum:
How might the observations look different with 

another deuterium abundance?

different deuterium 
abundances



What results have been found for 
deuterium?

For deuterium:

SBBN predicted primordial abundances of 

D, 3He, 7Li, and the helium mass fraction Y  
as a function of nucleon abundance 

Deuterium 

•! Any deuterium that is incorporated into stars is quickly fused into helium 

and destroyed. 

•! But there is also no astrophysical locations where deuterium will be 

created in large amounts after BBN. 

•! Thus, we need to measure deuterium in an area that has undergone 

very little stellar processing 

•! This can be done by measuring deuterium absorption in QSO 

absorption line systems.  The intervening systems are high redshift (and 

low metallicity).  This has been done for ~6 QSO absorption line 
systems.  (Requires high resolution spectra from 10m-class telescopes, 

this is hard!) 

•! One also has to separate out H absorption from D absorption and 
account for any velocity effects.   

•! There is a lot of dispersion in the results,         D/H = (2.6 +/- 0.4) x 10-5 

Tytler & Burles 

Measuring D/H in 
QSO absorption lines 

Deuterium abundance (D/H) vs metallicity (X where 

X is generally Si) from QSO absorption line systems 

[D/H] ~ 3 x 10-5



How might we determine the 
primordial abundances then?

Recombination lines from HII 
regions in low metallicity galaxies

Measure abundance ratios of many 
elements He, O, N, H

For He4



AS 4022  Cosmology

Primordial He/H measurement

• Emission lines from
H II regions in low-metalicity
galaxies.

• Measure abundance ratios:
He/H, O/H, N/H, …

• Stellar nucleosynthesis
increases He along with metal
abundances.

•  Find Yp by extrapolating to zero
metal abundance.

How might we determine the 
primordial abundances then?

For He4

Metallicity

mass 
fraction 

of 
baryons 
in He4 

Extrapolate to metallicity of 0 
to infer primordial abundance



How might we determine the 
primordial abundances then?

observed by absorption in the 
atmospheres of cool, metal poor 

population II halo stars

For Li7

but difficult to infer since it can 
both be destroyed and created

inferring its abundance also difficult due to 
uncertainties in modeling the atmosphere of stars



Compilation of Lithium abundance data vs. [Fe/H] 

from stellar observations. 

1012 (Li/H) 

What does it mean? 

•! We can use the observed deuterium abundance to fix the photon/baryon 

ratio.  This gives *10 = 6.1 +/- 0.7 which corresponds to %bh
2 = 0.022 +/- 

0.003. 

•! This is in AMAZING agreement with the WMAP estimate of %bh
2  = 

0.02265 +/- 0.00059.  Big bang nucleosynthesis works!! 

•! To first order, this baryon density is consistent with the observed 

abundances of 3He, 4He, and 7Li.  But there are some slight 

discrepancies with 4He and 7Li. 

SBBN predicted primordial abundances of 

D, 3He, 7Li, and the helium mass fraction Y vs. 
baryon density 

How might we determine the 
primordial abundances then?

For Li7

Metallicity

Again extrapolate to metallicity 
of 0 to infer primordial 

abundance



How might we determine the 
primordial abundances then?

In principle, not burned in outer layers of stars -- though 
convection in stars could mix outer

layers will inner layers.

For He3

Somewhat model dependent, so not especially reliable

Has been found in some galactic HII regions



What is bottom line putting together constraints?
Observations of the abundance ofObservations of the abundance of

the light elementsthe light elements
•• Quasar spectraQuasar spectra
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•• Measure absorption linesMeasure absorption lines

•• Boxes indicate observationsBoxes indicate observations
–– Converting gives:Converting gives: bb hh22 ~ 0.02~ 0.02
–– For h=0.72 givesFor h=0.72 gives bb = 0.04= 0.04

B
ur
le
s,
N
ol
le
tt,
Tu
rn
er
as

Boxes show constraints on 
abundances relative to 

hydrogen
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• in absence of depletion, this value falls into the valley expected in
the primordial 7Li at the boundary between destruction by protons
and production from 8Be; however, if 7Li was in fact depleted, its
primordial abundance was higher than the value (5.26), and then
two values for �10 are possible;

5.3.4 Summary of results

• through the relation �10 = 273�Bh2, the density of visible
baryons alone implies �10 ⌅ 1.5;

• the deuterium abundance derived from absorption systems in the
spectra of high-redshift QSOs indicates �10 = 4.2 . . . 6.3;

• the 7Li abundance predicted from this value of � is then A(7Li)p =

2.1 . . . 2.8 which is fully consistent with the observed value
A(7Li) = 2.1 � 2.3, even if a depletion by 0.2 dex due to stel-
lar destruction is allowed;

• the predicted primordial abundance of helium-4 is then Yp =

0.244 . . . 0.250, which overlaps with the measured value YP =

0.228 . . . 0.248; thus, the light-element abundances draw a con-
sistent picture for low deuterium abundance; however, this is
also true for high deuterium abundance: if �10 = 1.2 . . . 2.8, the
lithium-7 and helium-4 abundances are A(7Li) = 1.9 . . . 2.7 and
YP = 0.225 . . . 0.241, which are also compatible with the obser-
vations;

Predicted primordial element abun-
dances as a function of �, over-
laid with the measurements (boxes).
The � parameter compatible with all
measurements is marked by the ver-
tical bar.

• we thus find that Big-Bang nucleosynthesis alone implies

�Bh2 = 0.019 ± 0.0024 or �B = 0.037 ± 0.009 (5.27)

at 95% confidence level if conclusions are predominantly based
on the deuterium abundance in high-redshift absorption systems;
we shall later see that this result is in fantastic agreement with
independent estimates of the baryon density obtained from the
analysis of structures in the CMB;

• a historically very important application of Big-Bang nucleosyn-
thesis begins with the realisation that, at fixed baryon density, the
light-element abundances are set by the cosmic expansion rate
while the Universe was hot enough to allow nuclear fusion, and
that the expansion rate in turn depends on the density of rela-
tivistic particle species; a larger number of relativistic species,
as could be provided by a number of lepton flavours larger than
three, gave rise to a faster expansion, which allowed fewer neu-
trons to decay until the Universe became too cool for fusion, and
thus implied a higher number of neutrons per proton, leading to
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Best Fit Baryon Density

Most useful constraint is from 
deuterium abundances given 
steep dependence on Ωbh2



Worthwhile, noting that 
this gives us another 

strong piece of evidence 
for big bang

Maybe helium just formed 
during fusion in stars?



Here is the evidence:

AS 4022  Cosmology

1975:  Big Bang Nuclear Fusion

Big Bang + 3 minutes

T ~ 109 K

First atomic nuclei forged.

Calculations predict:

75% H   and   25% He

AS OBSERVED !

+ traces of light elements
D, 3H, 3He, 7Be, 7Li

=> normal matter only 4% of
critical density.

Oxygen abundance =>
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Helium could not just have 
formed from fusion in stars

(since one would expect other heavier 
elements to be produced)



Evidence for Big Bang

1.   Age of “Stuff” in Universe ~ 1/H0

Radioactive Decay,
White Dwarf Cooling, 

Globular Clusters

“Expansion Rate 
of Universe”

 ~13 ± 1 Gyr  ~13.8 Gyr

2.   Helium Abundance of Universe 
cannot be explained by fusion in 

stars, but easily explained as 
happening in Big Bang, but 



Baryonic mass density

Ωstars = 0.002
Ωcold gas, HI = 0.0003

Ωcold gas, molecular hydrogen = 0.0003

Ωtotal = 0.0226

Ωionized hydrogen = 0.02

vs.  Ωbaryons = 0.04 (from BBN)


